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Preface

Preface
This marks the 27th year for the Symposium on Telescope Science, which makes it one of the longest running, continuous meetings dedicated to promoting scientific research by amateurs (backyard astronomers) and
collaborations among those amateurs and the professional community. With each passing year, amateur involvement grows in its importance and service the astronomical research and the Symposium has reflected that
by an ever-increasing level of sophistication in the papers presented and the “off-line” discussions.
The Symposium, originally under the direction of the IAPPP and, since 2003 by the Society for Astronomical Sciences, has been held in Southern California since 1982 but not always in its current location of Big Bear
Lake, California. The timing and location of the meeting are not by chance. The Symposium is meant to be a
lead-in to one of the biggest star parties and astronomical swap meets in the world, the annual RTMC Astronomy Expo, held just a few miles from Big Bear on the weekend following the Symposium.
Through the three days of the Symposium on Telescope Science, the Society hopes to foster new friendships and new collaborations among amateur and professional astronomers. Our goals are the personal scientific
advancement of Society members, the development of the amateur-professional community, and promoting
research that increases our understanding of the Universe.
It takes many people to have a successful conference, starting with the Conference Committee. This year
the committee members are:
Lee Snyder
Robert Gill
Dale Mais
Jerry Foote

Robert Stephens
Dave Kenyon
Brian D. Warner

There are many others involved in a successful conference. The editors take time to note the many volunteers who put in considerable time and resources. We also thank the staff and management of the Northwoods
Resort in Big Bear Lake, CA, for their efforts at accommodating the Society and our activities.
Membership dues alone do not cover the costs of the Society and annual conference. We owe a great debt
of gratitude to our corporate sponsors: Sky and Telescope, Software Bisque, Santa Barbara Instruments Group,
PlaneWave Instruments, and Apogee Instruments, Inc.
Finally, there would be no conference without our speakers and poster presenters. We thank them for making the time to prepare and present the results of their research.

Brian D. Warner
Jerry Foote
Dale Mais
Dave Kenyon

7

Preface

8

Conference Sponsors

Conference Sponsors
The conference organizers thank the following companies for their significant contributions and financial
support. Without them, this conference would not be possible.

Apogee Instruments, Inc.
Manufacturers of astronomical and scientific imaging
cameras
http://www.ccd.com

Santa Barbara Instruments Group
Makers of astronomical instrumentation

http://www.sbig.com

Sky Publishing Corporation
Publishers of Sky and Telescope Magazine
http://skyandtelescope.com

Software Bisque
Developers of TheSky Astronomy Software and the
Paramount Telescope Mount
http://www.bisque.com

PlaneWave Instruments
Makers of the CDK line of telescopes
http://www.planewaveinstruments.com:80/index.php
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CCD Measurements of Visual Double Stars
Robert K. Buchheim
Altimira Observatory,
Coto de Caza, CA
rbuchheim@earthlink.net)

Abstract
The CCD-imaging equipment that many amateur astronomers use for astrophotography and photometry can
also be used to measure the separation, position angle, and magnitude difference of visual double stars. There
are a few imaging and data analysis procedures that are unique to this project. I describe a simple PSF-model
that provides good accuracy and repeatability in measurements of pairs which – due to their close spacing
and/or large magnitude difference – would be beyond the reach of standard astrometric software. This project
has some conceptual similarities to asteroid lightcurve determination: in both cases, we are presented with a
huge number of potential targets that need observation; repeated observation at different epochs adds value to
the initial observations; there are very few professional astronomers pursuing these studies; and there exists a
Journal devoted to publication of these observations so that they will be available to the professional community.
Hence, double star measurement may be a fruitful area for amateur contributions.

1. Introduction
Binary stars are important astrophysical laboratories: knowledge of the spectra, photometry, and orbital properties provides the basis for determination
of the masses and sizes of the stars. “Visual binaries”
are pairs in which both stars can be separately observed (e.g. Sirius and its “Pup”, or the beautiful colored pair Alberio). This distinguishes them from
most eclipsing (photometric) binaries and spectroscopic binaries, whose angular separation is so tiny
that the individual stars cannot be resolved, and
hence appear in the telescope as single stars. A visual
binary may be a chance alignment of two stars, or it
may be a gravitationally bound pair. The distinction
between the two can sometimes be inferred by their
relative brightness and spectra. Determining the relative motion of the two stars – and their orbit in the
case of a gravitationally bound pair – requires observation of the pair at multiple epochs (to map out their
motions). Because the orbital periods of most visual
binaries are quite long, these observations must be
carried out over decades or centuries in order to provide a good estimate of the orbit.
The fundamental parameters of interest are the
separation and position angle of the secondary star
relative to the primary, as shown in Figure 1.
Since the measurement of ρ and θ is fundamentally a project of astrometry, the same skills, equipment, and software that are used for astrometry of
asteroids can be applied to double-star measurements.
There are, however, a few special challenges that are
unique to double-star measurements: accurately
measuring two closely-spaced stars, dealing with
large delta-mags, and the quite different cadence,

compared to asteroid astrometry. I will discuss these,
with examples from recent projects, in the following
sections.

Figure 1. Separation and Position angle of a double star

2. Fundamental Equations
If we know the RA, Dec coordinates of two
stars, their separation and position angle are given by:

ρ = (Δα ⋅ cosδ1 ) 2 + (δ 2 − δ1 ) 2
Eqs (1)

⎡ Δα ⋅ cos δ 1 ⎤
⎥
⎣ (δ 2 − δ 1 ) ⎦

θ = tan −1 ⎢

where both ρ and θ are given in radians,
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δ1 , δ 2

are the declination of the primary and
secondary stars, respectively,
α 1 , α 2 are the right ascension of the primary
and secondary stars, respectively,
Δα = α 2 − α 1 is the difference of RA,
and all angles are in radians (Smolinski et al, 2006).
These equations are derived using the small-angle
approximation, where

Δα << 1 and δ 2 − δ 1 << 1

I found that both MPO Canopus and Astrometrica were easy and effective tools for measuring wellseparated double-stars. MPO Canopus has the edge in
terms of convenience, since its double-star measuring
utility does all of the calculation of Eqs (1) for you –
just click on the primary star and select it as the reference, then click on the secondary star, and out
comes the (ρ,θ). Pretty neat!

4. My Equipment

This approximation is well-satisfied for visual binary
star pairs.
Alternatively, we may know the x,y pixel coordinates of the two stars, and the plate constants that
relate pixel coordinates to RA, Dec. In that case, a
straightforward application of algebra can convert
(x,y) into (RA,Dec), and then Eqs (1) can be used to
determine (ρ,θ).

For double-star astrometry, I’ve been using the
same CCD imaging equipment that I use for photometry projects: 11-inch SCT with a focal reducer
to yield F/6.3, an SBIG ST-8XE (NABG) CCD
imager with 9 μm square pixels, and filter wheel with
photometric B, V, R and “clear” filters. The resolution of this system is 1.2 arc-sec per pixel, which
provides well-sampled images considering the so-so
seeing at my low-altitude location (typical star images have FWHM ≈ 3.5 pixels).

3. Commercial Software: MPO
Canopus, Astrometrica, CCDSoft

5. The Simplest Case: Widely-spaced
Pairs

The popular CCD image-processing programs
(e.g. CCDSoft, MaximDL, and AstroArt) have the
ability to link images to an astrometric star database,
determine plate constants, extract stellar objects, and
assign accurate RA, Dec coordinates to these objects.
For example, the “Research/Insert WCS AutoAstrometry” menu in CCDSoft will do this. Once astrometric information has been calculated, you can click
on any star in the image and get a report of its RA,
Dec coordinates, with precision usually 0.01 sec of
RA and 0.1 sec of Dec. The accuracy depends on the
star catalog used and degree of plate constant modeling. These results can then be used in conjunction
with Eqs. 1, to determine the (ρ, θ) of the pair.
Astrometrica is a special-purpose program for
CCD astrometry. It has the sometimes-useful features
of (a) high-order plate constant models, (b) display of
the Gaussian-fit to the stellar point-spread function,
and (c) internet-based link to the USNO B-1 astrometric catalog for outstanding accuracy in the astrometric database.
MPO Canopus provides the full array of astrometric fitting, including support of the UCAC-2 astrometric catalog. It provides a convenient method
for adjusting the size of the measuring aperture, and a
unique tool that directly computes the separation and
position angle of any selected pair of stars (including
the required precession calculation, as described below).

Figure 2 is the image of a field containing the
double star CHE 49 (WDS 02070+2923). This is a
relatively widely-spaced pair of stars, with almost
equal magnitudes. This sort of system can be reliably
measured by any suitably accurate astrometric software – determine the RA, Dec coordinates of each
star, and apply Eqs 1.
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Figure 2. CCD image of the pair CHE 49. The field of
view is 27 X 18 arc-min. The separation of the pair is ρ ≈
32 arc-sec, in position angle θ ≈ 111 degrees.

This sort of pair is “easy” because of the following
features:
• The stars are separated by more than a dozen pixels. This makes it easy to place a measuring aperture over each individual star, and establish the
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centroid of the star’s image without capturing any
interfering light from the companion star.
• The stars are bright enough that they present a
good SNRpeak, leading to excellent astrometric accuracy.
• There are no other nearby stars to interfere with
placement of the measuring aperture, or calculation of the centroid of the star images.
Because of the wonderful convenience of MPO
Canopus’ double-star measuring utility, it is the
method that I use for these cleanly-separated pairs.
The procedure is: select an appropriate measuring
aperture (of diameter about 3X FWHM of the stellar
images), click on the primary star and set it as the
reference, then click on the secondary star. Bingo!
The program tells you the separation and position
angle without you needing to do any calculations.

6. How Close Can You Go?
MPO Canopus’ double star utility performs an
“aperture astrometry” calculation. You position the
measuring aperture over the desired star, and the program calculates the intensity centroid of the signal
contained within the measuring aperture. The principle is illustrated in Figure 3.

Figure 3. Principle of aperture astrometry, as exemplified by MPO Canopus' double-star utility.

If the measuring aperture is precisely centered on
the target star, then the calculated centroid is indeed
the centroid of the star’s intensity – i.e. the position
of the star. If the measuring aperture is modestly
misplaced, then a portion of the light in the “halo” of
the point spread function may be excluded from the
calculation of the centroid. If the measuring aperture
is chosen to be large enough to include the entire star
PSF (with a little sky background for safety), then

this isn’t a problem: the resulting centroid calculation
is still an excellent estimator of the star’s position.
However, in order to measure a double star, we
need to be able to place the aperture over first one,
and then the other star. If they are widely-spaced, that
is not a problem. For pairs that are too close together,
the aperture photometry method becomes problematic. You have to make the measuring aperture
smaller in order to exclude light from the other star;
and a smaller measuring aperture is more sensitive to
misplacement relative to the star’s centroid. At some
point, it is almost impossible to effectively avoid
light from the companion star spilling into the measuring aperture [see Figure 3(c)]. In my experience,
the first sign that this is occurring is that if the same
image is measured several times, the reported (ρ,θ)
will fluctuate noticeably. This is symptomatic of the
result being sensitive to the size and placement of the
measuring aperture. It is a sign that the pair is too
closely spaced to be measured with the aperture astrometry method. I haven’t done an exhaustive study,
but it seems that the center-to-center separation of the
stars must be greater than about 2 times the FWHM
of the PSF for the aperture astrometry method to
work reliably with equal-brightness pairs. If Δm is
greater than 1 magnitude then a separation of ~3X
FWHM may be needed to cleanly separate the stars.
Closer than that and the results are not repeatable (at
the ±0.2 pixel level).
Some programs (including Astrometrica) attempt
to automatically center the measuring aperture over
the star’s image. This is a good thing for photometry
of single stars – it means that the user doesn’t have to
be meticulous in placement of the aperture. However,
in the case of a close pair, the software may be pulled
to the centroid of the pair, and place the aperture
nicely centered over the intensity-weighted mid-point
of the two stars. This obviously doesn’t help us
measure the separation of the two stars! [A long time
series of such centroid measurements could show a
pattern of astrometric wander of the centroid. Some
binary stars, including Sirius and Procyon, were recognized from such wander before the companions
were actually resolved (Mason, 2008)].
Astrometrica uses a slightly different approach to
astrometry. It establishes a measuring aperture, does
a Gaussian fit to the star’s PSF within the measuring
aperture, centers the aperture over the peak of the
PSF, and reports out the RA, Dec coordinates of the
resulting peak of the PSF. From my (limited) comparison tests, it appears that this method enables the
measurement of pairs that are a bit closer than can be
done with MPO Canopus. However, with close pairs
the Astrometrica approach will still tend to “grab” the
weighted centroid of the pair. Because the position of
the measuring aperture is under the control of the
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software (not the operator, as in the case of MPO
Canopus), repeated measurements of the same image
will give very consistent results; but when the star
images overlap, this consistency may be masking
systematic errors between the “reported” versus the
“true” separation of the stars. With stars that are
closer than about 2-3 times the FWHM, this doesn’t
seem to be the best approach.
The problem of stars being “too close” is easy to
visualize, when you think of stars that are nearly
equal in brightness. If there is a significant brightness
difference (i.e. a faint secondary), then required separation (to not be “too close”) is larger than if the pair

has nearly equal brightness. The gradation between
these two situations is illustrated in Figure 4.
Since it is fairly easy to “eyeball” the fact that
there is indeed a second star, even in the extreme case
of Figure 4(c), it seems reasonable to conclude that
the desired information about that secondary star is
contained in the image. The challenge is to find some
other way to extract the information from an image of
a pair that is too close to be reliably measured with
aperture astrometry.

(a) With an equal-brightness pair, it
is relatively easy to place a measuring aperture over one single star;
and to tell where the “boundary” between the stars lies.

(b) When the secondary star (arrowed) is noticeably fainter than the
primary, it is difficult to place the
measuring aperture. The fainter the
star, the more difficult it is to avoid
“contamination” of the secondary
star’s centroid with light from the halo
of the primary star.

(c) When the secondary star (arrowed) is so close to the primary
that there isn’t a well-defined “valley” between them, an aperture
astrometry method is doomed.

Figure 4. The problem of small separation and large magnitude difference
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7. PSF Fitting for Very Close and
Unequal-brightness Pairs

I then assume that a small sub-image that contains only the two stars of the binary pair can be
modeled with reasonable accuracy by:

In an attempt to extract position information
from pairs that are too closely separated to reliably
measure with aperture photometry, and to deal in a
repeatable way with pairs that present a large deltamagnitude, I constructed a simplistic approach to
PSF modeling.
There are two common a-priori models of the
point spread function in widespread use: the Gaussian and the Moffat models. The Gaussian model
assumes a PSF of the form:

I ( x, y ) = I P ( xP , y P ) + I S ( xS , y S ) +C

⎡ r2 ⎤
I (r ) = I 0 exp⎢− 2 ⎥
⎣ 2σ ⎦

Eq. 2

The Moffat model assumes a PSF of the form:

I0

I (r ) =

⎡ ⎛ r ⎞2 ⎤
⎢1 + ⎜ ⎟ ⎥
⎢ ⎝α ⎠ ⎥
⎣
⎦

β

Eq. 3

The Moffat function is a good theoretical model of
the PSF of atmospheric turbulence, which is usually
the primary contributor to the observed PSF on the
CCD images. Mathematically, the Moffat function
becomes Gaussian in the limit as β → ∞ (Trujillo, et
al, 2001). Hence, I chose to base my PSF-fitting algorithm on the Moffat function.
Most of my images show slightly elliptical star
images. These betray the imperfection of my telescope’s mount and minor tracking/guiding errors,
since the long axis of the star images align with the
RA direction. In order to model this fact of life, I
modified the Moffat function to have different widths
in the x- and y-directions:

I0

I (r ) =

⎡
2 ⎛ ⎞2 ⎤
⎛
⎞
x
⎢1 + ⎜ ⎟ + ⎜ y ⎟ ⎥
⎢ ⎜⎝ α x ⎟⎠ ⎜ α y ⎟ ⎥
⎝ ⎠ ⎥⎦
⎢⎣
Where

αx

and

αy

β

are the widths in the x- and y-

directions, respectively.

Where (xp, yp) are the coordinates of the primary
star
(xs, ys) are the coordinates of the secondary
star
Ip and Is are Moffat functions whose peak intensities (in ADU/pixel) represent the primary and secondary stars, respectively
C is an additive constant.
This simple model (“two Moffat functions and a constant”) is the basis of my PSF fitting approach. The
mathematics of finding the best Moffat fit to a real
PSF is complex (Bendinelli et al, 1988). However, it
turns out that Microsoft Excel can be pressed into
service as a “brute force” iterative method to determine the parameters of a two-star model that is the
best fit to the observed image. I extract a small subimage (typically 30 X 30 pixels) that contains the two
stars of the binary pair (and no other objects), turn
this into a 30 X 30 matrix of ADU values, and then
use Excel’s “Solver” utility to find the model function that minimizes the squared error of “modeled
minus observed”:

χ 2 = ∑ [I ( x, y ) − O( x, y )]2
x, y

Where O( x, y ) is the array of observed ADUs in
the measured image, and the summation extends over
all pixels in the array.
7.1 Validation Checks
I made a couple of tests to confirm both the general logic of the (fairly complicated) Excel spreadsheet and the ability of the Solver to converge on an
accurate solution.
First, I created a purely synthetic image of two
well-separated Gaussian point spread functions, and
asked Solver to create a model I ( x, y ) that represented the image. This worked perfectly – with the
least-square solution being identical to the synthetic
image properties (positions, intensities, and FWHM
of the PSF’s). I then repeated this numerical experiment using two synthetic stars that were barely separable by “eyeball” (separation < 1X FWHM), similar
to Figure 3(c). Again, starting with this synthetic im-
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age, the Solver was able to determine the parameters
that were used to create the best solution.
Second, I created synthetic images that contained
additive Gaussian noise (with no noise correlation
between pixels), and repeated the numerical tests.
Even with noise levels that are much higher than observed on real images, the Solver was able to unravel
the positions, intensities and PSF widths of the two
stars.
With these validation activities complete, I tried
a couple of verification tests, by measuring pairs
whose motion is well-known (referred to as “calibration systems” in the WDS).
7.2 Verification Checks
As with other astrometric projects, the essential
requirement for double star measurement is accuracy.
It is reasonable to strive for repeatability of ±0.1 arcsec in measurements of multiple images of a single
pair, and any measurements with errors (random or
systematic) of more than about 0.5 arc-sec may be of
marginal value. If the error is larger than an arcsecond, then the measurement may be worse than
useless – it may confuse future observers, and may
noticeably degrade any future orbit calculations.
Because of the mess of conversions and calculations that my PSF-fitting approach entails, there was
certainly the potential for some goof-up creeping into
the procedure. I didn’t want to risk reporting measurements that would later be embarrassing!
Star
STT 547 AB
ephemeris
measured
STF 422 AB
ephemeris
measured

ρ (arc-sec)

θ (deg)

5.951
6.0 ± 0.3

185.5
187.5 ± 2.2

6.688
6.8 ± 0.2

271.3
271.5 ± 1.4

Table 1. Verification Results of “two-Moffat function”
PSF fitting technique.

The WDS includes some pairs whose motion is
reasonably well-determined. These are called “candidate calibration systems”, and they can be used as
verification checks of the whole project sequence of
imaging, PSF fitting, and astrometric analysis. I selected two candidate calibration systems that were
conveniently placed, and which were close enough to
test the ability of PSF fitting to separate stars that
were separated by not much more than the FWHM of
the images. The results were heartening, as shown in
Table 1. These verification checks give me confidence in my software, procedures, and results.
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7.3 Consistency of Various programs
I measured several pairs of stars using MPO
Canopus, Astrometrica, and my Excel-based PSF
fitting, to confirm that the results were consistent
regardless of the program used. These results shown
in Figure 5 confirm that all three programs are consistent when the stars are well-separated. One aspect
that isn’t illustrated in this figure is that as the separation shrinks, the aperture astrometry results can be
quite sensitive to the size of the measuring aperture –
too large an aperture and the program cannot distinguish one star from the other, and too small an aperture makes it hard to get a meaningful centroid position. The PSF-fitting method can be reliably extended
to pairs as close as ρ≈ 1X FWHM, and can also handle very large delta-magnitudes.

Figure 5. Various methods of measuring pairs’ separation are consistent, for separations > 2X FWHM. PSF
fitting can reliably distinguish stars separated by ~1X
FWHM.

8. Making Measurements
I found that making measurements of “unconfirmed” or “neglected” pairs is a surprisingly timeconsuming effort, but that it has rewards that make it
worth the effort. The activity divides roughly into
three phases: finding the pair, imaging, and data reduction.
The WDS contains accurate RA, Dec coordinates
for most of the pairs, so finding them on a star chart
and pointing your telescope in the correct direction,
isn’t normally a problem. (There are pairs that are
“dubious”, “unconfirmed”, or “uncertain” – pairs that
may not be at their reported position, or may not exist
at all. These provide opportunity for some detective
projects).
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8.1 Imaging
The imaging activity is straightforward. The idea
is to be meticulously well-focused, select an exposure
duration that achieves a balance between good signal
level but no saturation, and to take advantage of
nights where the seeing is very stable. A high level of
sky-glow doesn’t affect the astrometric measurement,
so this is a good activity to fill your full-moon nights!
Haze or thin clouds also don’t interfere with the astrometric measurements; in fact, it may be that the
very best seeing occurs on nights of slight haze.
Regarding signal level, I try to get SNRpeak > 20
on the secondary star, without saturating the primary
star. I keep a curve of predicted exposure vs. magnitude to achieve SNR ≈ 100 in various filters (from
photometry projects), so I can use this to get a firstguess of the appropriate exposure duration for each
pair. However, the reported magnitudes of some “neglected” pairs are of uncertain reliability, so I use the
old photographer’s habit of making a series of images
at various exposure durations. For example, for an
“equal brightness” pair, I might use exposures of 1
sec, 3 sec, and 9 sec. If there is a wide difference in
brightness between the primary and secondary star, I
might also do a 30 sec and 1 min exposure. The idea
is that at least one (and often two) exposure durations
will result in the desired combination of good SNR
but no saturation. At each exposure duration, I take at
least 6 images. That way, if one or two are spoiled, I
still have several “good” ones for measurement.
To filter or not to filter? That is a fair question.
Some references recommend the use of filters to
avoid the atmospheric-dispersion spectral spreading
of star images. However, if measurements are made
at relatively low air mass (X<1.5, i.e. at least 40 degrees above the horizon) that effect isn’t important.
Another reason to consider using filters is that the
right filter may reduce the magnitude difference (due
to the inherent color difference of the components of
the pair). In general, a large magnitude difference
makes it harder to measure the pair.
Using a “clear” filter allows the shortest exposures, and using a short exposure minimizes the risk
that tracking/guiding errors or “image wander” from
atmospheric turbulence may smear the image. I’ve
made a few tests to compare the results of using a Vband filter versus a clear filter; aside from the need to
use longer exposures, I found no advantage of the Vfilter in terms of repeatability of the measured (ρ, θ).
Hence, I’ve generally used the clear filter for my images.
I normally autoguide if the exposure is going to
be longer than 15 seconds or so. This is primarily
because of the poor tracking of my mount; but it is
also a contributor to good results in the case of bright

primary and faint astrometric reference stars (described below).
Images are processed in the normal way: flat
frame, bias and dark correction. Then each image is
examined for defects such as tracking/smearing, focus problems, adequate SNR and no saturation. The
“good” images are then used for astrometric analysis.
8.2 Bright primary, faint secondary
There are some pairs composed of a very bright
(V<6) primary, a faint secondary (Δm in the range 47), and relatively faint field stars. This situation presents two special problems: (a) balancing the exposure to avoid saturation of the primary while getting
an acceptable SNR > 25 on the secondary, and (b)
getting astrometric reference star images. The pair
STF 422 is such a pair, and is of particular interest
because it is a candidate “calibration system”. The
primary is magnitude 6, the secondary is magnitude
8.9, and virtually all of the field stars are magnitude
13 or fainter. That’s an intensity range of 15:1 in the
double star, and an intensity range of over 1000:1
between the primary star and the field stars. An exposure duration that avoids saturation of the primary,
gives SNR < 20 on the secondary star, but doesn’t
show any astrometric reference stars. A longer exposure, to give reasonable SNR>10 on astrometric reference stars, saturates the primary star. What to do?
The solution that I used was based on an Excel
spreadsheet that performs the least-squares determination of plate constants. With the autoguider working, I make a long-exposure image of the FOV, that
shows a good array of astrometric reference stars.
Then I make a series of shorter-duration exposures,
that provide good images of the double star pair (but
few if any astrometric reference stars). Since the
autoguider keeps the ‘scope pointed at the same location (within a pixel or so), the plate constants determined from the “long exposure” image can be applied to the “short exposure” images also.
The couple-of-pixels motion between the long
exposure image and the double-star images is negligible, because the purpose of the calculation is to
determine the distance between the two stars, not
their absolute positions.
8.3 Finding the stars
Once the images are taken and astrometrically
matched, it may still be a little tricky to identify the
correct stars. For example, Figure 6 is the image of
the field containing the pair ROE 94 (the “neglected
double” that was my target for this image). I saw the
obvious close pair at the center of the field of view,
and thought, “there’s my target” ... but its coordinates
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Figure 6. A “rich” field of double stars (centered at RA = 23:04:52 Dec = +51:16:24)

weren’t right. The NASA ADS enable me to find the
original discovery report (Roe, 1916), which gave the
location of this star relative to the catalog star BD
+50º3940. That enabled me to correctly identify the
target. But what is that prominent close pair nearby?
A check of the WDS identified two other pairs that
are in this FOV. One was DBR 2, in the lower left.
The other was HJ 1846, but the star identified by the
WDS coordinates wasn’t a visual double. That
prominent equal-magnitude double matches a recent
WDS-reported measurement ρ,θ of HJ 1846, so this
appears to be a case of a minor error in the WDS coordinates.
As this example illustrates, sometimes a little detective work is needed to sort out just what you’ve
gotten in your image of a visual double star.
8.4 Data Reduction & Precession Correction
The determination of the (RA, Dec) coordinates
of each star in the pair is a straightforward project for
your astrometric software: match the image to a reference catalog (e.g. UCAC2 or USNO B-1), determine the plate constants of the image, determine the
(x,y) coordinates of each star, and the use the plate
constants to translate from (x,y) to (RA, Dec). Most
astrometric software does most of these calculations
without any complex operator interaction. This is the
same procedure that you’d use in a project to update
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astrometry of an asteroid. The resulting (RA, Dec)
coordinates for the stars (or the asteroid) are generally reported relative to the equinox and pole of the
standard epoch (J2000).
Remember that the direction to the pole, and the
position of the zero-point of RA, do gradually change
as the Earth’s rotational axis precesses. Precession
doesn’t affect angular separation (ρ), but it does affect the calculated position angle (θ). Given the very
long data record for observations of some double
stars (a century or more for some pairs), it is necessary to consider the effect of precession, and report
the position angle with reference to an agreed-upon
pole position. The proper approach (expected for
observations that are published for addition to the
WDS) is that the position angle should be referenced
to the pole position and equinox of the date of observation – not J2000 (Mason, 2008). You can understand the logic behind this convention if you think
back to the use of a filar micrometer – the traditional
instrument for double-star measurements. The first
step in the process is to orient the fiber along the drift
direction of a star (with the telescope drive turned
off). Assuming that this is done with great care and
accuracy, it automatically means that the position
angle is measured relative to the pole of the date of
the observation.
Since a CCD astrometric measurement will almost invariably be referenced to J2000 (because that
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is the reference frame in the astrometric star catalog),
an additional step may be needed: precessing the
observations to the pole and equinox of the date of
the observation. This can be done in one of two ways:
(a) first precess the stars’ coordinates to the equinox
of the date of observation, then calculate the position
angle using these “precessed” coordinates; or (b) calculate the position angle with reference to J2000,
then calculate the change caused by precession. Today, less than a decade removed from the standard
epoch (J2000), precession has a very small effect
(less than a half-degree) on position angle for pairs at
declinations below ±70 degrees. However, if you are
measuring pairs closer to the pole, the effect of precession can have a quite large effect – as much as
several degrees (Wycoff et al, 2006).
This same effect (in reverse) must be considered
when you are combining historic observations of a
double star: all position angles in the WDS will be
referenced to the pole orientation of the date of observation. In order to combine them into a single,
consistent picture you will need to precess each
measurement to the standard epoch. Again, for stars
that are at modest declinations (below 70 degrees or
so), and whose measurement accuracy is typical of
visual/CCD accuracy, the effect of precession will be
modest, even over time bases as long as a century.
The equations and methods for performing the
precession calculations are given in Kaplan (2005).

9. Reporting your Measurements:
Like all amateur research projects, double-star
measurements are only valuable if the results can be
collated and provided in a form that is useful to the
professional astronomical community. The USNO
does not accept measurements directly from observers: the WDS is a compilation of published measurements. Happily, the University of South Alabama
has begun providing the service of publishing a jour-

nal devoted to double-star topics, including reports of
measurements. The Journal of Double Star Observations is published quarterly, and provides the entry
portal for amateur observations to be incorporated
into the WDS. The JDSO is freely available on the
internet at www.jdso.org.
The heart of the typical JDSO article is a table of
observations, similar to that shown in Figure 7. It
may not be as aesthetically pleasing as the lightcurve
of an asteroid, but it is just as valuable a contribution
to astronomical science!

10. Results: Numbers and Emotions
There is a subtle satisfying emotion in completing the accurate measurement of a double-star pair
that has been long neglected. It’s fun to see if the
stars have moved noticeably. Sometimes the motion
is quite obvious, as in the case of MLB 102, shown in
Figure 8. It is pretty amazing to be able to “see” the
motion of the stars, with data that I’ve gathered in my
backyard.
Examining and measuring “neglected” pairs is
also a way of touching the past. During my first data
reduction session, I gradually realized that some of
these stars that I’d spent an hour or so with, had been
ignored for decades. They were anonymous points of
light that had been overlooked by generations of astronomers. The professionals have moved on to cosmology and distant galaxies, the amateurs have advanced into CCD imaging, and so these pairs have
been condemned to loneliness by their anonymity.
They don’t even have the derivative fame of lying
near an attractive deep-sky object, where they might
at least appear as the supporting cast that provides the
crowd surrounding the highlighted galaxy or nebula.
The few minutes of attention by an amateur astronomer in his backyard observatory may represent their
only contact with humanity for a generation or
longer. It’s a new way of building a relationship with

Figure 7. A typical report of double star measurements in JDSO
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the stars, and of reaching back to the dedicated astronomers who made the earlier measurements. These
lonely stars are something that I now have in common with a cadre of now-retired astronomers.

Kaplan, G. H., “The IAU Resolutions on Astronomical Reference Systems, Time Scales, and Earth Rotation Models”, USNO Circular 179, US Naval Observatory (2005).

11. The Need for More Measurements

Mason, B. D. personal communication (January &
March, 2008)

The standard catalog of visual double stars is the
Washington Double Star Catalog. The WDS is available on-line from the US Naval Observatory, at
http://ad.usno.navy.mil/wds/. Some of its pairs are far
too close for CCD measurement, and some are located too far south for those of us in mid-northern
latitudes. Still, if you sort the WDS to eliminate all
stars whose last measurement was less than 3 arc-sec,
and all pairs that lie south of Dec = –15º, you still are
left with over 45,000 candidate target pairs. It usually
isn’t necessary to measure these double stars more
frequently than every 10 years or so – they move
very slowly! So theoretically, we could keep track of
all of the amateur-accessible WDS stars by measuring only 4500 per year. That’s 12 per night, 365
nights per year.
We are clearly not keeping up the required pace.
The USNO’s list of “neglected doubles” identifies
over 800 pairs that are accessible to northernhemisphere amateur CCD astrometrists (i.e. ρ> 3 arcsec and delta-mag < 3) but which have not been
measured in over 20 years. So, I urge you to consider
adding some double-star measurements to your project list. It is a fine and useful activity that can be
conducted on full-moon or hazy-night conditions.
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Figure 8. A modern measurement shows the motion of double star MLB 102 after 89 years of neglect.

Figure 9. A new measurement of A 912 provides a bridge to the past, and confirmation of other early-21st
century measurements.
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Abstract
The measurement of the separations and position angles of double star makes an ideal science activity for small
research group at the community college and even high school levels. The concepts involved are relatively simple and only modest equipment is required. Observations and analysis can be included in a paper and submitted
to the Journal of Double Star Observations, which welcomes student papers. Through this process, students
learn about science, become coauthors of a published paper and, as a result of their research and publication,
can obtain a scholarship to the college of their choice.

1. Introduction
Perhaps the most effective way to teach science
to undergraduate and high school students is to conduct original research and present their results in a
published paper. Russ Genet initiated a one semester
research seminar at Cuesta College in San Luis
Obispo, California, in the Fall of 2006. The students
made photometric measurements of variable stars and
discovered two new ones. Genet again led the research seminar in 2007 where a mixture of sixteen
high school students, undergraduate students, and
PhD’s made observations of visual double stars. The
students completed the semester with five double star
research papers in the Journal of Double Star Observations (JDSO), along with several other published
projects.
The key to success for the 2007 research seminar
was the form of the research conducted by this mixture of students. Astrometric measurements of double
stars are ideal for teaching students the fundamentals
of science. The instrumentation is inexpensive and
easy to use, and the mathematical concepts involved
are straight forward.

as what Ronald Tanguay says is “excellent work” in
his book, The Double Star Observer’s Handbook.
Besides a modest telescope, an inexpensive illuminated astrometric eyepiece (both Meade and Celestron sell these for about $150) is also required. The
astrometric eyepieces include a linear scale across the
center and a protractor around the edge. Figure 1
shows an illuminated Meade Astrometric Eyepiece.
Lastly, a low cost (less than $10) stopwatch that
reads out to 0.01 seconds is required to calibrate the
linear scale in arc seconds per division.

2. Equipment Required
One of the most appealing aspect of visual double star research as a form of undergraduate education is that very little equipment (and expense) is
required to make modest contributions to astronomical science. A small aperture telescope can make surprisingly precise and accurate measurements. Darrel
Grisham (2008), an amateur astronomer in California
Valley and Cuesta research seminar student, made
double star measurements with his modified vintage
1960’s three inch Tasco Telescope twice as accurate

Figure 1. The linear scale and outer protractor of an
illuminated Meade Astrometric Eyepiece.

3. Discussion
Most concepts involved in visual double star research are straight-forward compared to more technical astronomical research projects such as photometry and spectroscopy. The linear scale on the astro-
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metric eyepiece is calibrated using the following calculation (Teague 2004).
Z = 15.0411t+cosd
D
Where z is the scale factor in arc seconds per
eyepiece division, 15.0411 is the arc seconds per seconds of time that the Earth rotates, t is the average
time in seconds for a calibration star to drift across
the entire linear scale, d is the declination of the calibration star in degrees, and D is the number of divisions on the scale (60 for the Celestron eyepiece, 50
for the Meade eyepiece).
The time component is measured using the “drift
method” in which a star is placed on the Eastern-edge
of the linear scale and allowed to drift in Right Ascension directly across the scale to the other side.
This drift is timed using a stopwatch. Several trials
are averaged to provide the final drift time.
Separation is measured by centering the primary
star (which is usually the brightest) and rotating the
astrometric eyepiece until the linear scale passes
through the precise centers of both stars. The distance
on the linear scale between the primary and secondary are then estimated several times to the nearest
0.1 divisions. The scale factor, z, is then multiplied
by the resulting average to obtain the separation in
arc seconds (Teague 2004).
The position angle is determined using one of
two methods. In the “drift method,” the eyepiece is
adjusted similarly to the separation measurement.
The clock drive is then turned off so that the double
star drifts to the protractor that circles the eyepiece.
The position of the primary star when it crosses the
protractor is estimated to the nearest 0.5°. Multiple
drifts are averaged to obtain the final position angle
(Teague 2004).
A protractor-pointer can be built by gluing a protractor to a piece of foam board and fitting it around
the eyepiece. A pin is then attached to the red light
switch on the eyepiece to act as a pointer. In the protractor-pointer method, position angles are determined by rotating the eyepiece so that the primary
star moves along the linear scale with minimal deviation as the telescope slews in Right Ascension. The
pin is aligned horizontally to the linear scale in the
eyepiece and pointed to 90.0° on the external protractor. The eyepiece is readjusted so the linear scale
passes through the centers of both stars. The angle
indicated by the pointer is then estimated to the nearest 0.1° (Johnson and Genet 2007). Figure 2 shows a
protractor-pointer built by Johnson for measurements
of the double star STF 2079.
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Figure 2. A protractor-pointer designed by Johnson to
measure the position angle of the double star STF 2079.

4. Scientific Value
For several centuries, the largest telescopes in
the world were making astrometric measurements
and cataloguing visual double stars. Today, few professional astronomers measure the separations and
position angles of double stars. This is partly due to
the fact that it takes many decades (often centuries) to
obtain enough data points to refine the orbits of binary stars and calculate their masses, a key astrophysical parameter. The Sixth Catalogue of Orbits of
Visual Binary Stars lists only 2,106 orbits out of
103,694 double stars in the Washington Double Star
(WDS) Catalogue (Hartkopf and Mason 2008). In
other words, only 2% of the double stars in the WDS
Catalogue have at least roughly determined orbits,
granted that many of the remaining pairs may not be
true binary stars.
Furthermore, there are many star systems that
have not had published measurements for decades.
Many of these have very different proper motions
between their components and thus, are most likely
not true binary systems. Astrometric measurements
can help determine if the double star is a gravitationally bound system or simply an optical double. There
is still much research that needs to be done in the
field of double stars. Because professional astronomers are now busy observing distant quasars and
other faint objects with their gigantic mountaintop
behemoth, the opportunity has opened for amateurs
and students to engage in real albeit modest, scientific research.

5. Educational Value
One of the most important lessons that students
learn from double star research is how to exercise
their mathematical skills in real science. As men-
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tioned earlier, the basic double star concepts are not
difficult. All observations deserve a statistical analysis of standard deviation and mean error. For more
advanced projects, double stars should have their
proper motions analyzed, which involves straightforward vector analysis.
Additionally, students learn how to work cooperatively together in groups to complete their research projects. Johnson et al 2008 describes the
“synergetic effect” of having students work together
with experienced astronomers: “those who had little
experience with telescopes learned how to operate
them and use them. Others learned the proper methods of recording, analyzing, and reporting observations.”
One of the most appealing aspects of double star
research is that students end the course as published
researchers, college admissions are impressed with
student applications citing published astronomical
research papers. Several high school students in the
Fall 2007 research seminar at Cuesta College were
accepted to the university of their choice because of
their double star research (Marble et al 2008).
Lastly, students learn the complicated publication process. Students receive constructive criticism
when reviewing and editing research papers. This can
be the most involved portion of a project as the paper
needs to be of professional caliber before being submitted to the JDSO. The other side of this process is
students learning humility in their work. Papers will
be edited many times and ideas will be rejected or
refined. That is the nature of science and students
will catch on quickly. During the previously mentioned research seminar, Genet would edit entire papers a dozen times or more before students could
send them out to experts for external review. The
paper is finally sent out to external reviewers who are
experts in the field of visual double stars. Most suggestions are immediately used to improve the paper.
The papers are again internally rewritten until all who
participated in the project are satisfied.
One thing Johnson and Genet learned from the
publication process is the value of English majors in
scientific research who find more spelling and grammatical errors regardless of how many times the paper is rewritten. The final edition of the paper is then
submitted to the editor of the JDSO, Kent Clark, with
a cover letter that is also written by the students who
wrote the paper. The openness of the JDSO to student
papers and its prompt publication makes it ideal for a
single semester research seminar. Papers submitted in
the first half of the seminar were published before the
end of the semester.

6. Conclusion
The combination of relatively straight-forward
processes by which visual double star measurements
can be made and a journal dedicated to their study
makes them an ideal project for undergraduate and
high school education. Any school with a modest
budget for science can take advantage of double star
research provided there is an instructor who is familiar with the scientific publication process.
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Abstract
A brightening variability in the light curve during the secondary minimum of the total eclipse of ZZ Pegasus was
analyzed to discover this eclipse brightening occurs in many systems. It was first reported by Kudzej (1987) as
mid-eclipse brightening but in this attempt to give a qualitative explanation it has been discovered that the brightening does not occur at mid-eclipse, nor at every secondary minimum and its relative brightening to the light
curve is variable. Eclipse brightening reported in twelve systems and discovered in six other light curves is reviewed. Three explanations are examined as causing the brightening, microlensing, gravitational lensing and
refracted electromagnetic radiation.

1. Introduction
To better understand the brightening feature occurring during the eclipse of light curves we can first
look at a very pronounced amplitude brightening of
0.20 magnitude during secondary eclipse of Epsilon
Aurigae, Figure 1. This occurred during the total
secondary eclipse in the visual band and did not occur at the exact mid-point of the eclipse. ∈ Aurigae
is a detached system.
While acquiring light curves on ZZ Pegasus with
Lapham (2007) we noticed an irregular variation,
brightening, of the data during the secondary total
eclipse, Figure 2. Our first thoughts suspected an
equipment malfunction, camera, filter or telescope.
Weather could not be a factor as this would dim the
images. Snyder remembered experiencing this same
phenomenon back in 1980 while acquiring photoelectric data on AW Ursae Majoris. Researching the literature it was found this brightening function was
noticed on this binary system by Pribulla (1999) Figure 3.
Another system with eclipse brightening is V382
in Cygni. Extensive work has been accomplished on
this system by Landolt (1975) and others because it is
one of the most massive binary systems with spectral
types O6.5 and O7.5. Figure 4 shows two plots of
the secondary minimum taken 743 days apart, (a)
showing no eclipse brightening and (b) displaying

0.020 mag brightening in V. Landolt did not mention
this eclipse brightening in the published paper.

Figure 1. Secondary eclipse of ∈ Aur (1982-84) in V band
(Barsony 1986).
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mum. Column 3 describes the filter used to acquire
the eclipse. Column 4 describes the type of binary:
OC = Over Contact; SD = Semi-Detached; D = Detached; C = Contact; EW = W Ursae Majoris. Column 5 gives the magnitude of the amplitude of the
brightening. Column 6 describes if the brightening
occurred during the primary (PRI) or secondary
(SEC) eclipse. Column 7 describes if the brightening
occurred at mid-eclipse. Column 8 gives the references of the data the number corresponding to that
reference listed at the end of this paper.
Figure 2. Lapham, J., Data acquired on ZZ Pegasus Oct
21, 2007

Figure 3. Eclipse brightening (indicated by arrows) of
AW Ursae Majoris. Pribulla (1999). The six observations
were taken Mar 1995, Feb 1996, Mar 1996, Dec 1996, Jan
1997 and Feb 1997.

Figure 4. Secondary minimums of V382 Cyg taken 743
days apart. The left-hand plot shows no brightening
while the right-hand shows a 0.02 mag “spike” (Landolt
1975).

2. Analysis
In the astronomy literature sixteen binary systems were discovered to feature a brightening during
eclipse and two more systems were just discovered
by recent CCD photometry Table 1. More systems
can be found showing eclipse brightening but it was
decided eighteen would give a general indication of
the requirements for the feature to occur.
Table 1 explanation and notes: Column 1 is the
name of the system. Column 2 describes if the
brightening occurred during a total eclipse at mini-
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3. Discussion
As an explanation of this eclipse brightening occurrence, three possible phenomenon as possible
causes were examined, gravitational lensing, microlensing, and refracted electromagnetic radiation.
Gravitational lensing does focus light rays in a
manner similar to that of a lens. In the simplest form
a pointlike background source, the star being
eclipsed, with the mass of the star and it atmosphere
eclipsing it in our line of sight would act like a lens
distorting and concentrating the original path of the
light so that the image or light rays from the eclipsed
star will appear brighter or magnified. Several cases
of gravitational lensing have been discovered and it is
a proven phenomenon but is all cases and according
to theory the distance between the background object
and the intervening object must be large on the order
of several parsecs or light-years. This distance requirement alone would eliminate gravitational lensing as the cause of eclipse brightening as the distance
between binaries are not on the order of light-years.
Microlensing takes place when a massive object
passes between us and a back-ground star (Koff
2007). The mass of the foreground object acts as a
lens bending the light of the background star focusing
and concentrating it which would brighten the total
light. Again, the required intervening distance be-
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tween the two objects is much greater than that between two eclipsing stars. The mass of the foreground star does not have to be great to cause lensing. Our Sun bends the light of background stars.
Refracted electromagnetic radiation is a very
possible explanation. Considering the atmosphere of
the foreground star which is eclipsing acting as a lens
by which the radiation of the background star enters
the flux of the foreground star which would be additive radiation causing brightening. The atmosphere of
the front star would also act as a prism. As the light
rays from the eclipsed star enter the medium of the
atmosphere of the front star refraction occurs. Refraction occurs when a beam of light crosses a boundary
between two different media. In this case the different atmospheres of the two stars. When passing into
a different medium the direction of motion of the
light wave is bent, Figure 5. Since the atmosphere
encircles the star all the light rays from the eclipsed
star change their trajectory. Kudzej (1987) calculated
the values of the refraction angles and determined the
rays going thru the atmosphere of the eclipsing star
from our view form a ring at total eclipse.

4. Conclusion
In the case of ε Aurigae it must be mentioned
several studies have concluded but not yet proven the
brightening during the eclipse of the super giant using Hα and Na D line profiles over the duration of
the eclipse is consistent with the eclipsing object being a massive, cool, rotating, slightly tilted, gaseous
disk (Barsony 1986; Wilson 1971). Since this is a
unique explanation of a special eclipse this explanation was not applied to the other 17 eclipsing binaries
in Table 1.
The brightening occurs mainly during a total
eclipse, in any filter in any type of eclipsing binary
and during both a primary or secondary minimum of
eclipse. It occurs more often during secondary
eclipses which are more total eclipses because of the
usual lesser radius of the secondary star which would
add to the refracting function. It can also be seen the
amplitude of the brightening varies and the brightening occurs at any time during the eclipse and definitely not always at mid-eclipse. The brightening
does not occur at every eclipse minimum as shown in
Figure 4. This is evident in Figure 3 in the V filter
where Pribulla (1999) displays six secondary eclipse
brightening of AW Ursae Majoris indicated by arrows showing the variable position and relative
height. Table 1 analyze six aspects of the eclipse
brightening and all six are variable which would indicate whatever is causing the brightening is varying
also. Changes to the atmosphere around the foreground star would vary the light radiation and induce
changes in the lens changing the refracted angles and
the focus point changing the location of the brightening.

5. References
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Characterizing a Microwave Radiometer
for Solar Plasma Observations
Jamie Riggs
Deep Space Exploration Society
5921 Niwot Road, Longmont, CO 80503, USA.
jamiedses@spannedsolutions.com

Abstract
A research project is contemplated that seeks to observe solar plasma motions by monitoring amplitude changes
over time in the Sun's microwave emissions. A small KU-band radio telescope is employed as a total-power radiometer. Before meaningful measurements can be made, the radio telescope must be characterized. Circuit instabilities, local oscillator drift, and thermal changes can cause the radiometer's gain to fluctuate over time and its
output amplitude to vary independent of the phenomenon being observed. The present effort quantifies these
variations at two different frequencies, and two orthogonal polarizations, with the radiometer observing for two
hours a radio source of assumed constant noise temperature (a group of trees subtending the antenna's beamwidth). The resulting data are statistically analyzed to determine system mean and variance over time for all four
channels, as well as cross-correlations among these channels. This analysis validates the system for subsequent solar observations.

1. Introduction
The phenomenon of interest is the Extremely
Low Frequency (ELF) wave motions found in the
transition zone of the Sun. These motions, which are
thought to cause temperature increases from the photosphere (~15,000 K), through the transition zone
(~17,000 K), to the solar corona (~1,000,000 K), can
be measured indirectly by observing with a total
power radiometer the slow amplitude variations in
the Sun's microwave signature. If appropriate frequencies are chosen, one close to the solar surface,
say, 11.7 GHz, and one above the 2 km breakpoint
(transition zone), say, 12.7 GHz, it may be possible to
test for two possible phenomena: (1) a low frequency
(ELF) cyclic Doppler shift in the solar microwave
emission, indicative of the phase of plasma motions,
and (2) polarized recordings of the microwave emission, allowing one to discern differences in the E and
H fields of the electromagnetic waves.
The suggestion was made that a reasonable target
for characterizing the radio telescope as a total power
radiometer is to aim it at trees. These are presumed a
good surrogate for a 300 Kelvin dummy load. The
variability in receiver output over time, in terms of
means, variances, and correlations, characterize the
cyclic variations in receiver gain over time (caused
by circuit drift, ambient temperature fluctuation, etc.)
and may well influence the solar phenomenon of interest, and thus must be quantified.
The radiometer radiation collection dish is a 90centimeter dish with offset feed. The trees with leaves
were about 50 meters from the antenna and there may

have been other obstacles, such as the side of the
house, in the field of view. These conditions require
answers to the questions raised by Paul Shuch (2008),
viz.: (1) whether the trees are in the antenna's electromagnetic far field (determined as a function of
wavelength, dish diameter, and solid angle subtended
by the trees), since fluctuations in the receiver output
will not be linear with noise temperature; (2) do the
trees completely fill the dish's aperture? Shuch further comments that it is hard to find trees that are
both far enough away to give far-field readings and
large enough to exceed the dish's beam-width as
viewed from the telescope. Therefore the target temperature may not be truly uniform since the dish also
“sees” ground and sky, thus compromising the assumption that the radiometer is terminated in a 300
Kelvin load.
The nature of the data collection mechanism for
the four-channel radiometer dictates that the statistical method known as time series analysis can be used
in this characterization study. Discrete-time series,
the type of series from the four-channel radiometer,
results because the observations are made at fixed
time intervals over a specified time interval. The
analysis which follows is concerned primarily with
the stationarity, autocovariance, and cross-correlation
functions describing the trees data. The analysis begins with a descriptive analysis (Section 2) of the
radiometer data, Section 3 continues with the fitting
of times series models, Section 4 describes the crosscorrelation of the four channel data, which is followed by a summary of the analysis results and their
attendant conclusions.
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2. Descriptive Analysis
This portion of the analysis begins with plots of
the four-channel radiometer data provided by Rodney
Howe (2007). These plots (Figures 1 and 2) show that
the trees data time series contain at the very least a
downward trend, though possibly they are portions of
longer period cycles.

lation Function (ACF) plot in Figure 3. Notice in
Figure 2 that, when the series are overlaid one upon
the other, we see that channel 1 clearly falls below
channels 0, 2, and 3 (Snap0Jy, Snap1Jy, Snap2Jy, and
Snap3Jy). Table 1 holds the series summary statistics.
Channel

Statistic
Mean

0

1

2

3

-33,167

-49,536

-34,327

-29,308

Std Dev

22,495

15,947

22,301

20,146

Min

-68,811

-75,876

-68,254

-61,537

13,537

-14,472

12,333

14,680

Max

Table 1: Channel output summary statistics.

Figure 1. Channels 0-3 output. See Table 1 for these
series statistics.

Figure 3: ACF for channels 0 – 3 raw data. The slowly
decreasing amplitudes over the lags signify nonstationary series. This ACF is representative of all four
channels.

Figure 2. Channels 0-3 overlaid upon each other. Note
channel 1 (red) clearly falls below the others. The question of whether or not a statistically significant difference exists among all channels is discussed in the text.

The most obvious feature of each series is their
apparent lack of stationarity, i.e., for any two arbitrarily chosen intervals of equal length, the mean response within the intervals is statistically the same,
has finite variance, and has the same autocorrelation
structure, Brockwell, (1991). This is apparent by the
slow decay across the lags in the channel AutoCorre-
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We now take the first differences of each series
to produce stationary series. We test whether the
transformed series are normally distributed since, if
they are, we have Gaussian time series, which have
desirable analytical properties. Figure 4 is a graph of
the fit of the normal distribution to the channel 0 histogram. The fits of the normal distribution to the
channel 1 to 3 histograms are similar. The ShapiroWilk test statistics for normally distributed data are
given in the caption of Figure 4, and they indicate
that each first-differenced series is distributed as a
Gaussian (we do not reject the null hypothesis since
W is not sufficiently small). Table 2 has the firstdifferenced channel output summary statistics.
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correlated. The next section has the autocorrelation
parametric analysis.

Figure 5. Channels 0-3 first difference (lag 1). See Table
2 for these series statistics.
Figure 4: Channel 0 distribution with W = 0.993, p = 4.2e6. Channels 1–3 are similar with the following respective
statistics: W = 0.995, p = 1.9e-4; W = 0.999, p = 0.82; and
W = 0.999, p = 0.53.
Channel
Statistic
Mean
Std Dev

0

1

2

3

-13.888

-6.445

-13.880

-4.814

2,416

2,051

2,339

2,596

Min

-10,815

-9,719

-7,959

-9,010

Max

12,489

10,750

9,087

8,318

Table 2. First-difference channel output summary statistics.

Figure 6. Channels 0-3 overlaid upon each other. Note
Channel 1 (red) no longer clearly falls below the others.

The evidence that our time series are not stationary, apart from a visual inspection, comes from the
ACF. Simplistically, the ACF describes how an observation at time t is related to the observations at
times t-1 though t-h, h = 2, 3, …, 25. A slowly decreasing ACF, as we saw in Figure 3, is indicative of
a non-stationary time series.
Just what do these normally-distributed, firstdifferenced series look like? Figures 5 and 6 show the
separated and the overlaid series, respectively. The
salient feature is the lack of an obvious trend, and,
though we need to test explicitly for cyclical behavior, there is no obvious long term periodic behavior.
These plots lead us to suspect that the firstdifferenced transformations have given us stationary
time series in addition to the normal distributions.
The overlaid plot (Figure 6) shows practically no
difference among the channels.
The next and, perhaps, the most important questions about these series is whether each channel is
autocorrelated; and whether the series are cross-

3. Time Series ARIMA Models
Our first-differenced time series exhibit no apparent deviations from stationarity and, as we shall
see shortly, the corresponding ACF plots decrease
rapidly indicating stationarity. This leads us to consider the class of time series models known as AutoRegressive Integrated Moving Average (ARIMA)
models. As we saw above, the slowly decaying ACF
of the non-differenced data indicated these data were
not stationary. We also saw that by taking the first
differences of each series, we obtained stationary
time series. Thus, we have satisfied a mandatory condition for building ARMA models (a subclass of
ARIMA models) for our data. An ARMA model is a
causal model with 2 values p and q indicating the
order of the autoregressive portion (p) of the the
ARMA model, and the moving average portion (q).
ARIMA models are specified by p, q, and d, where p
and q are as in the ARMA model, and d is the order
of differencing where d = 1 in our case, allowing us
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to use the ARMA class models on these firstdifferenced data.
The autoregressive specifier indicates the number of time units over which an observation t is dependent on preceding observations. The moving average specifier indicates the number of white noise
observations preceding t that combine to equal the
combined autoregressive terms. This equality is a
condition for using a causal model, and hence we can
rearrange this equality such that future observations
may be forecasted.
We now determine the ARMA(p,q) specifiers for
each of the four channels. The combination of the
ACF and the Partial Autocorrelation Function
(PACF) provide the information needed to find appropriate values (Venables and Ripley, 2002). The
ACF (Figures 7 and 8) clearly shows that the time
series are stationary as discussed above.

Figure 9. Channels 0–3 first-differenced data. The
gradually changing amplitudes over the lags indicate
these series likely have no auto-regressive behavior.
The statistical significance of lags greater than 10 may
need further investigation.

The specifier for the MA part (q) may be determined from the ACF plots. Examination of the PACF
plots (Figure 9) show that weighted observation-toobservation contribution to the current observation is
ambiguous. This leads us to test an ARMA(0,1)
model [an ARIMA(0,1,1) model] which is abbreviated to a MA(1) (Moving Average with q = 1) process. A moving average of order 1 averages the white
noise values from the current and previous time intervals; thus, after removing the mean, we have,

Figure 7: ACF for channels 0, 2, and 3 first-differenced
data. The rapidly decreasing amplitudes over the lags
signifies stationary series. Also, the order of the moving
average component of the ARMA model (MA) can be
determined.

Figure 8: ACF for channels 1 first-differenced data. The
rapidly decreasing amplitudes over the lags signify stationary series. The order of the moving average component of the ARMA model (MA) can be determined.
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X t =Z t +θZ t− 1
Where Xt is the tth observation, and {Zt} is white
noise with mean 0 and finite variance σ2 if and only
if {Zt} are not correlated, and is denoted {Zt}~
WN|0|,|σ2|.The parameter θ is to be determined from
each series data. The model parameters are, by channel, in Table 3.
The ARMA(0,1) model works well for channels
0, 2, and 3, as is seen in the model diagnostics in Figures 10 and 11 (Box and Pierce, 1970), and from the
Akaike Information Criterion (AIC), Akaike, 1969.
However it does not work well for channel 1. Closer
inspection of the ACF plot (Figure 8) shows significance at lags at 1 and 2, which implies that the channel 1 data are better fitted to an ARMA(0,2)
[ARIMA(0,1,2)] model. The diagnostics (see Figures
12 and 13) confirm that channel 1 is modeled well by
an ARMA(0,2). After removing the mean of the differenced series, the model is

X t =Z t +θ 1 Z t− 1 +θ 2 Z t− 2
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arima(x = ch0, order = c(0, 0, 1))
Coefficients:
ma1
-0.6071
s.e. 0.0205

intercept
-13.7983
21.6688

sigma^2 estimated as 4188193:
–12479.33, aic = 24964.67

log

likelihood

=

arima(x = ch2], order = c(0, 0, 1))
Coefficients:
ma1
-0.5996
s.e. 0.0209

intercept
-13.7077
21.6109

sigma^2 estimated as 4011864:
–12449.65, aic = 24905.29

log likelihood =

arima(x = ch3, order = c(0, 0, 1))
Coefficients:
ma1
-0.6371
s.e. 0.0199

Figure 10: ARIMA(0,1,1) model diagnostics support an
ARMA(0,1) model for channel 0, 2, and 3. The dashed
lines indicate 95% confidence limits on the cumulative
periodogram. As it lies completely within the limits, the
residuals show the desirable characteristic of being
uncorrelated.

intercept
-7.4727
21.4906

sigma^2 estimated as 4826349:
–12577.22, aic = 25160.44

log likelihood =

Table 3: ARIMA(0,1,1) model parameters for channels
0, 2, and 3. For each channel's parameters, ma1 is the
estimate of θ and the intercept is Zt s.e. is the standard
error of each parameter.
arima(x = tmp[, 2], order = c(0, 0, 2))
Coefficients:
ma1
-0.6171
s.e. 0.0265

ma2
0.0735
0.0252

intercept
-5.6181
21.3657

sigma^2 estimated as 3019933:
–12253.66, aic = 24515.31

log likelihood =

Table 4: ARIMA(0,1,2) model parameters for channel
1. For channel 1, ma1 is the estimate of θ1, ma2 is the
estimate of θ2, and the intercept is Zt, s.e. is the standard error of each parameter.

Figure 11: These model diagnostics indicate that the
ARMA(0,1) model is reasonable. The standardized residuals appear, with one exception, to be white noise.
This is tested in the ACF, which shows the residuals are
white noise. Also, as the p values all lie above the horizontal dashed line in the Ljung-Box portmanteau test for
white noise, we again conclude the ARMA(0,1) model is
appropriate.

where, as before, Xt is the tth observation, and {Zt} is
white noise with mean 0 and finite variance σ2 if and
only if {Zt} are not correlated. The parameters θ1 and
θ2 are to be determined from each series data. These
parameter estimates are in Table 4. The AIC is lower
for this ARMA(0,2) model than for the ARMA(0,1)
model, which reinforces the diagnostics indication
that the ARMA(0.2) is the appropriate model.

Figure 12: ARIMA(0,1,2) model diagnostics support an
ARMA(0,2) model for channel 1, as the cumulative periodogram of the residuals lie within the 95% confidence
limits.
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ing with the cross-correlation lags of channel 1 with
channels 2 and 3 and similarly for rows 3 and 4. Note
the graphs on the diagonal are the autocorrelation
plots. Any vertical line of each plot extending beyond
the dashed horizontal line (blue) indicate that the lag
(or lead) at that vertical line is statistically significant.
Thus, lag 1 (or lead 1) is significant in all the autocorrelation plots, with channel 1 having significance
at lag 2. The cross-correlation plots show similar significance at a variety of lags or leads. The reason for
these cross-correlations needs to be determined.

5. Conclusions
Figure 13: Similar to the reasons discussed in Figure 11,
we see that these model diagnostics support an
ARMA(0,2) model.

4. Cross-Correlation
The final portion of our analysis examines the
question as to whether the channel series are crosscorrelated, as these series are measured over the same
time period and have the same interval size. Crosscorrelation among the channels suggests one or more
channels may be leading indicators or concomitant
influencers. These indicators may be real, or they
may be an artifact of the electronics, or of the electromagnetic physics.
Figure 14 shows the lag 1 (first-differenced)
pairwise channel scatter plots with loess smoothing
as the red curves (Cleveland, 1979, and Cleveland, et.
al., 1988). We see that channels 0 and 1 may be
weakly correlated, and channels 2 and 3 appear to be
more strongly correlated. To see if these relations
indeed hold, we examine the multivariable ACF and
PACF plots (Figures 15 and 16). It is clear that for
every pair of channels, both the ACF and PACF show
statistically significant leading or lagging between
channel pairs. At any specific lag (x-axis), we look
for vertical lag lines that exceed the dashed horizontal lines (blue). Lines exceeding the dashed lines indicate that the associated lag is statistically significant. The plots on the diagonal are the respective
channel's autocorrelation plots. The off-diagonal plots
are the cross-correlations.
The ACFs and PACFs for channel pairs
show the channels are cross-correlated. Row 1 is the
autocorrelation of channel 0 (first plot of the first
row) and cross-correlation lags of channel 0 with
channels 1 through 3 (graphs 2 through 4 of row 1).
Row 2 begins with the cross-correlation leads of
channel 1 with channel 0, followed by the autocorrelation of channel 1 (second graph of row 2), and end-
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The time series analysis of the four-channel, total-power radiometer trees surrogate 300 Kelvin
dummy load data gives the following results:

1. All four channels (0–3) are nonstationary
time series.

2. Channels 0, 2, and 3 are described by an
ARIMA(0,1,1) model, and channel 1 is
described by an ARIMA(0,1,2) model.
3. All paired channel combinations are crosscorrelated.
First differencing of the data from the receiver
channels is necessary to obtain a stationary time series. Stationary series are required to understand
autocorrelation, which is whether an observation is
dependent upon previous observations. These trees
data are autocorrelated which implies that some type
of receiver system behavior such as cyclically varying gain, circuit drift, ambient temperature fluctuation, the inadequacy of the trees data as a 300 Kelvin
dummy load, or other physical phenomena are the
possible causes. The cross-correlation analysis indicates that there may be current bleed-over from one
channel to another, or it may be due to the polarization physics, or a combination of the two. Engineering and physics analysis is required to ascribe actual
causes to these auto- and cross-correlation behaviors,
and to the greater than lag 10 auto- and crosscorrelations present in Figure 16.
We see with this analysis that any observations
of, say, the Sun, must account for this systematic error before useful solar activity results can be derived.
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Figure 14. Pairwise scatter plots of the channel lag 1 data with Loess smoothing (red curves). Row 1 is the scatter
plot of channel 0 (first plot of the first row) with channels 1 through 3 (graphs 2 through 4 of row 1). Row 2 begins
with the scatterplot of channel 1 with channel 0, followed by the scatter plots of channel 1 (second graph of row 2)
with channels 2 and 3 and similarly for rows 3 and 4. The scatter plots between channels 2 and 3 (rows 3 and 4)
show the most amount of cross-correlation.
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Figure 15. Pairwise cross-correlated channel ACF plots. Row 1 is the autocorrelation of channel 0 (first plot of the
first row) and cross-correlation lags of channel 0 with channels 1 through 3 (graphs 2 through 4 of row 1). Row 2
begins with the cross-correlation leads of channel 1 with channel 0, followed by the autocorrelation of channel 1
(second graph of row 2), and ending with the cross-correlation lags of channel 1 with channels 2 and 3 and similarly
for rows 3 and 4. Note the graphs on the diagonal are the autocorrelation plots. Any vertical line of each plot extending beyond the dashed horizontal line (blue) indicate that the lag (or lead) at that vertical line is statistically significant. Thus, lag 1 (or lead 1) is significant in all the autocorrelation plots, with channel 1 having significance at lag 2.
The cross-correlation plots show similar significance at a variety of lags or leads.
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Figure 16. Pairwise cross-correlated channel PACF plots. Row 1 is the partial autocorrelation of channel 0 (first plot
of the first row) and cross-correlation lags of channel 0 with channels 1 through 3 (graphs 2 through 4 of row 1).
Row 2 begins with the cross-correlation leads of channel 1 with channel 0, followed by the partial autocorrelation of
channel 1 (second graph of row 2), and ending with the cross-correlation lags of channel 1 with channels 3 and 4
and similarly for rows 3 and 4. Note the graphs on the diagonal are the partial autocorrelation plots. Any vertical line
of each plot extending beyond the dashed horizontal line (blue) indicate that the lag (or lead) at that vertical line is
statistically significant. Thus, no lag (or lead) is significant in all the partial autocorrelation plots. The crosscorrelation plots show significance at a variety of lags or leads.
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Solar Astronomy at DSES:
Plasma Motion Detection at Radio Frequencies
Rodney Howe
Deep Space Exploration Society member
ahowe@frii.com

Abstract
This article discusses a proposed study of solar plasma motion, a radio receiving system designed to detect
plasma motion-driven microwaves, and the initial radio analysis to understand the receiving system characteristics. A phenomenon of interest is the increasing temperature from the solar photosphere to the solar corona.
I've been thinking about testable hypothesis [es] for how to measure the different altitudes (via a temperature
scale) of the transition zone (between photosphere and corona) of the sun. I think if we choose the appropriate
frequencies, one close to the surface, say 11.7 GHz and one above the 2km breakpoint, say 12.7 GHz we
might test for a couple of possible phenomena: (1) At Extremely Low Frequencies (ELF), are we seeing a Doppler shifting in the phase of plasma motions, and (2) in a polarized recording of data, can we measure electromagnetic waves in both electric and magnetic components. The temperatures that are being measured at 11.7
GHz are approximately 15,000 Kelvin and the temperature at 12.7 GHz is approximately 17,000 Kelvin.

1. Introduction
The temperatures resulting from the emission of
microwaves at the two frequencies noted above occur
at different altitudes in the transition zone separated
by a few hundred kilometers. However, depending on
the opacity of the Sun's transition zone we're looking
at variations of the transition zone’s plasma motions
between the two frequencies, which may change depending upon solar activity such as flares. The
plasma motions between these two temperatures, as
manifested by a temperature differential, should be a
measure of the thermal Doppler motion in the solar
plasma as phase differences between the two frequencies.
In one solar day, a drift scan of the solar disk is
planned. These single solar day scans will be repeated over multiple days. DSES computing and
analysis resources are required to understand how
solar flare conditions change the plasma motions
from the plasma motions of a quiescent sun. These
phenomena may offer insight into how the photosphere can be cooler than the corona, and yet heat the
corona to extremely high temperatures: i.e. are ELF
plasma motions different during a quiescent sun, and
are the Poynting vectors and electron precipitation
representing thermal heating of the corona during a
flare different than during the quite sun?
Figure 1. A 90 centimeter offset dish with Invacom QPH031 dual-polarity, dual-frequency LNB.

A radio receiver capable of detecting ELF
(sonic) thermal plasma motion requires the ability to
output in frequency buckets that are separated by a
two Hertz. In addition, the output of the Local Oscil-
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Long Term Frequency Stability

+/- 100 ppm Max

Short Term Frequency Stability

10 Hz/Second

Power Output

+13 dBM

Tones (All sources)

-18 dBc

Table 1. Receiver stability requirements for measuring ELF waveforms on the Sun.

lator (LO) must be low enough to not contribute significantly to the desired result. This allows the analysis to discriminate between the ELF components of
the received signal from those of the solar drift scans.
Currently, Paul Oxley's (2007) solar radio uses an
Invacom QPH-031 dual polarities, dual frequency
LNB that is available from the Receive Only Satellite
market.

Figure 2. Invacom QPH-031 dual-polarity, dual-frequency
LNB (right) and Paul Oxley’s receiver (left).

3. Results
2. Methods
Currently, Paul Oxley's (2007) solar radio uses
an Invacom QPH-031 dual-polarity, dual-frequency
LNB that is available from the Receive Only Satellite
market. The four LNB outputs are at L Band Intermediate Frequency (IF) (950 MHz to 1450 MHz).
The two linearly polarized inputs are in the frequency
band 11.7 GHz to 12.2 GHz. The circular polarity
inputs are in the band 12.2 GHz to 12.7 GHz. (Alternatively, four L band LNAs could be directly connected to the IF for L Band work at 1.420 GHz and
1.665 GHz could be used on one of T-22’s 18 meter
dishes). The IF is down converted to base band and
sampled by a 20 MHz A/D converter using the National Instruments PCI5102 board. The two frequencies are phased locked (PLL) down to 2 Hertz, which
is the ELF of interest. Table 1 lists the receiver stability requirements for measuring ELF waveforms on
the Sun. Illustration 1 shows the Invacom QPH-031
dual polarity dual frequency LNB to the right of the
opened chassis view of Paul Oxley’s receiver. Illustration 2 shows the Invacom QPH-031 dual-polarity,
dual-frequency LNB on a 90 cm offset dish.
Before solar observation can be made, the receiving system is characterized. The antenna was
pointed to a group of trees so the receiver was subjected to “ambient” noise calibrated as a 300 K background. The data collected are in a time series, which
is an ordered sequence of observations. In the resulting captured data, the sequence is through time, and
we make the assumption that each consecutive observation is separated by the same time interval.
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For every daily Sun Scan there is a 2-second
snapshot taken at the peak of the sun scan. These data
from all 4 channels are captured as Angle, Imaginary,
Real and Magnitude values. Then a FFT run does a
quadrature cross correlation at 2 Hertz bins. When all
values are positive together there maybe a good
chance we are detecting plasma motion in the transition region at Extremely Low Frequencies.

Figure 3. Channels 0-3 during a Sun scan. There is a
pause near the peak where a 2-second snapshot of data
was taken for the Quad Cross Correlation routines to
examine for possible ELF motions.
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ptr0 = ch0fftptr;
ptr1 = ch1fftptr;
ptr2 = ch2fftptr;
ptr3 = ch3fftptr;
crossptr = fftcode->compalloc(ch0FFTsamps);
ELF_FFTEditCntl->Insert("QUAD CROSS DATA\nFREQ,REAL,IMAG,MAG,ANGLE\n");
i = 0;
for(ptr=crossptr; ptr!=NULL; ptr = ptr->next) {
if(i > ch0FFTsamps/2) break; // Printout lower half +1
if(ptr0 == NULL || ptr1 == NULL || ptr2 == NULL || ptr3 == NULL) break;
// Create Products
ptr->freq = ptr0->freq;
ptr->mag = sqrt(sqrt(ptr0->mag) * sqrt(ptr1->mag) *
sqrt(ptr2->mag) * sqrt(ptr3->mag));
ptr->angle = (ptr0->angle + ptr1->angle + ptr2->angle + ptr3->angle) / 4;
ptr->real = ptr->mag * cos(ptr->angle);
ptr->imag = ptr->mag * sin(ptr->angle);
sprintf(buf,"%.1f,%g,%g,%g,%g\n",
ptr->freq ,
ptr->real * meanJy, / bw // Restore Jy Val
ptr->imag * meanJy, / bw
ptr->mag * meanJy, / bw
ptr->angle );
ELF_FFTEditCntl->Insert(buf);
i++;
ptr0 = ptr0->next;
ptr1 = ptr1->next;
ptr2 = ptr2->next;
ptr3 = ptr3->next;}
ELF_FFTEditCntl->Insert("END QUAD CROSS DATA\n");
Table 2. Source code for Quad Cross Correlation analysis.

Figure 4. The result of a Quad Cross Correlation starting
a 0 Hz to 100 z (in 2-second bins). When real, imaginary,
and magnitude values are positive, there may be a significant correlation between two frequencies and a possible indication of plasma motion and electron precipitation at these extremely low frequencies. In this case, a
bin 25 (50 Hz) and bin 37 (74 Hz).

4. Discussion
George Gamow, in his book The Birth & Death
of the Sun (1952), wrote a passage that, despite being
55 years old, might well translate into a description
of the transition region this whole project is trying to
study. This transition zone might be the product of
two phenomena, which Gamow describes on pages
92-93:

“… particles of a hot gas do not all move
with exactly the same velocity, but show a
rather broad velocity dispersion known as
the Maxwell distribution. It is true, of course
that the number of particles possessing anomalously large energies is comparatively
small; but we must not forget that the effectiveness of collision rapidly increases with
the increasing energy of impact. Thus, although few, these high-energy particles can
be of great importance for the total disintegration balance. In Figure 1 [in Gamow’s
book – ed.] the curve A represents the familiar Maxwellian energy-distribution of thermal motion, giving the relative number of
the particles of gas possessing different values of energy (E). The curve B, on the other
hand gives us the disintegration ability
(penetrativity of nuclear barriers) of particles corresponding to these energies. Finally, A x B, the product of these two
curves, represents the total disintegration effect (number of particles times their relative
effectiveness). We see at once that the
maximum effect corresponds to a certain intermediate energy value for which the number of particles is not yet too small and their
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penetrativity of barriers is already sufficiently high. “
Gamow’s writing prompted me to generate a
computer model, which can be found at
http://spacephysics.ucr.edu/movies/sw1_05b.mov
Gamow may be describing the transition region,
and with Paul Oxley’s radio we may be looking at
two microwave temperatures in the transition region:
the 11.7 GHz is somewhere around 15,000 K and the
12.2 GHz is about 17,000 K (Rose, 1998). It is important to calculate what Gamow is describing by
creating a distribution which is the product of A;
Planck’s blackbody radiation curve, and B; the increase in x-ray and gamma ray flux density created at
the photosphere. Using the Inverse Compton Effect
(ICE) in place of Gamow’s energy (E), we can characterize the electron precipitation in the transition
region where, ‘… A x B, the product of these two
curves, represents the total disintegration effect
(number of particle times their relative effectiveness)’ in penetrating this region and transferring high
temperatures up into the corona.

Figure 5. The above graph and equations in Table 3 represent the maximum number of disintegrations (A X B)
for the thermal energy (A) of the photosphere required
to penetrate the nuclear and magnetic barriers of the
transition region at the start of the Sun’s corona (B) and
possibly represent the transition zone being measured
by the two microwave frequencies 11.7 GHz and 12.2
GHz.

5. Conclusion
Where the ELF Cross -Correlations recorded by
the Solar Radio may indicate how these plasma motions in this region of the sun are precipitating electrons, and transferring thermal energy to the corona,
we’ll only be able to test these hypotheses by analyzing data from a quite sun through the solar cycle of
the upcoming active years, and comparing these data
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with other data collected on plasma motions between
the photosphere and the corona.
Any ideas on how we might best analyze these
data over the next solar cycle would be greatly appreciated.
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Temperature of transition zone of Ch0, K ~ 15000
Temperature of transition zone of Ch2, K ~ 17000
T= 15000., IONT= 17000., Iterations= 20, x-div= .10, P value= .50
TZ=km
2100
2110
2120
2130
2140
2150
2160
2171
2181
2191
2201
2211
2221
2231
2241
2251
2261
2271
2281
2291

ICE
.574549E+01
.517898E+01
.387884E+01
.205284E+01
.132719E+01
.274384E+01
.627436E+01
.107968E+02
.166835E+02
.244185E+02
.346586E+02
.482313E+02
.661153E+02
.893911E+02
.119164E+03
.156466E+03
.202156E+03
.256839E+03
.320819E+03
.394090E+03

A=(hv)
Frequency
.108254E+10
.125703E+10
.190817E+10
.474130E+10
.954335E+10
.429538E+10
.116095E+10
.524063E+09
.285991E+09
.172360E+09
.110198E+09
.732590E+08
.501309E+08
.351406E+08
.251820E+08
.184354E+08
.137844E+08
.105240E+08
.819994E+07
.651517E+07

B=g-ray
Flux Density
.376824E+12
.333788E+12
.238610E+12
.115927E+12
.637136E+11
.104637E+12
.333034E+12
.669651E+12
.114539E+13
.180422E+13
.270905E+13
.394257E+13
.560608E+13
.781529E+13
.106929E+14
.143586E+14
.189180E+14
.244531E+14
.310157E+14
.386252E+14

AXB
.000000E+00
.184229E-40
.642654E-25
.160268E-03
.341926E+05
.467137E-11
.000000E+00
.000000E+00
.000000E+00
.000000E+00
.000000E+00
.000000E+00
.000000E+00
.000000E+00
.000000E+00
.000000E+00
.000000E+00
.000000E+00
.000000E+00
.000000E+00

These are 4 simple non-linear differential equations to substitute for real experimental values of the constants needed to
create the Gamow curves (distributions) as particles increase in radial distance from the photosphere, and attempt to
penetrate the transition zone.
The formula used is as follows:
1) For h (substitute for Planck's constant)
h = e((((ln(r)) * pi)-1) cos-1)
h = 1/ (pi*2)*h
2) For mass m (substitute for m)
m = e((((ln(r))/.4)-1) cos-1)
m = 1/m
3) For E2 (substitute for electric charge)
E2 = (e(atan((ln(pi*m))-1)))-1
4) For Boltzmann's k (substitute for k)
k = ((e(atan(e(pi*ln(ln(r))))))**3)-1
5) alpha = (h / mc) (Black Body Curve)
6) Inverse Compton Effect (ICE), Cumulative (beta dist.)
ICE=1/(3*pi*(h**3*v**3))*(3*sqrt(E2)/(4*pi*m*v))**(kT))
where;
alpha
beta
gamma
r
v
T
c

= ((h/m*c)/ICE)
= ((ICE*v)*(m*c))
= ((alpha+beta)**(-ICE))*c2
= radial distance from the photosphere
= some Very Low Frequency,
= microwave temperature being recorded in the transition zone
= constant for light (distance in cm)

Table 3. The above equations and table of output represent the altitudes of the transition region for the temperature region being recorded, i.e., between 11.7 GHz and 12.2 GHz, approximately 2,140 kilometers above the photosphere (red). As there may be differences in altitudes of the transition region during active flares on the Sun,
these are only estimates
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Classical Be Stars High Resolution Spectroscopy
Olivier Thizy
Les Roussets; 38420 Revel; France
olivier.thizy@shelyak.com

Abstract
Classical Be stars are non-giant B-type stars that exhibit or have exhibited emission lines over the photospheric
spectrum. The author will review common knowledge of Be stars, a study on β Lyr binary Be star, what can be
achieved today with commercially available high resolution Lhires III spectrograph, the status of a Be Star Spectra pro/am database, and professional/amateur astronomer collaborations in several countries.

1. Introduction
A Be star is a hot B-type stars (effective temperature 10000 to 30000K) with luminosity class III
to V (ie: non-supergiant stars) whose spectrum has
shown at least once an emission line – usually hydrogen Balmer line. Sometimes, other emission lines are
visible, for example neutral helium. Even when the
spectrum goes back to “normal”, the star retains the
Be classification.
Some Be stars are variable with periods of several hours to several days. Pulsations have been observed in some Be stars as well a magnetic field in
one case. The phenomena behind these emissions are
being actively studied and amateurs, thanks to high
resolution spectrographs, can now contribute to the
monitoring of those stars.
After an overview of the Be stars, I focus in this
paper on beta Lyrae – a binary Be star that was studied for two continuous weeks, and review how amateurs can share their spectra via a Be Star Spectra
database (BeSS) that was implemented with the help
of professional astronomers.

Hα spectrum of 28 Tau Be star.

2. Historical Background
The first spectroscopic observations of Be stars
were done in 1866 by Secchi, shortly after his systematic analysis of stellar classification. He first discovered γ Cas and then β Lyr. γ Cas is a typical Be
star and is the protype for this stellar type.
Spectra showing different shapes of Hα emission lines.

The first systematic observation program of
emission lines was conducted in 1911 by Ralph Cur-
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tis at Ann Arbor in the USA. He published his first
article in 1916 with γ Cas spectra. Like Plavec wrote
in his introduction to IAU symposium 70, Curtis selected γ Cas because “analysing simple spectrum will
help studying more complex spectra!”
The study of Be stars really started at the beginning of 20th with the work of Paul Willard Merrill at
Mount Wilson observatory, Otto Struve at Yerkes,
and Dean B. McLaughlin at Michigan University.
McLaughlin and Curtis published a study on bright
Be stars such as γ Cas, β Lyr, φ Per, ψ Per, Pleione, ζ
Tau, β Mon, HR2142.
Merrill contributed to several areas in stellar
spectroscopy but started with Be star studies (Merrill
1913) and continuously published on the subject
through his career. His observations with a prism
objective helped discover hundreds of new Be stars,
resulting in a catalog of Be stars published at Mount
Wilson with Cora G. Burwell in 1933, 1943, 1949,
and 1950. In a new publication of his article, Merrill
looked at a subset of Be stars ("shell stars"), publishing a list in his 1949 catalog. Some example shell
stars are γ Cas, φ Per, ψ Per, Pleione (28 Tau), ζ Tau,
and 48 Lib.

3. Astrophysical Context
Emission lines coming from an equatorial disk
are added to the photospheric absorption spectrum.
The central B star emits UV (Lyman continuum) and
ionizes the disk, which in turn reemits at longer
wavelength, e.g. the visible region.

Model of a typical Be star (Kogure & Hirata, 1982)

The same Be star can have different spectra depending how we view the disk.

Spectrum of ζ Tau. Lhires III, C11, 50-minute exposure.

Struve demonstrated that Balmer emission lines
are mainly visible on O5-O9 and B0-B5 stellar types,
and less for B8, B9, and A0.
Merrill suggested in 1933 that a large number of
Be stars would be found among B stars, around 15%20%. This has been studied in several articles summarized by Briot & Zorec in 1981. Tomokazu
Kogure and Ryuko Hirata studied in 1982 B stars
from the "Bright Star Catalog" (Hoffleit 1964). They
found 20% Be stars among B2 type, which is the
maximum proportion in our galaxy. When you know
that a third of stars you see with naked eyes are B
stars, this gives you an idea of how many Be stars are
brighter than 6th magnitude!
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Example of spectra of Be stars based on view angle
(Slettebak 1988).

Be stars have usually high rotational velocities
(several hundreds of km/s), but still below the
breakup limit. The disk is a decretion disk (material
ejected by the star) and not an accretion disk (material falling toward the star) – this is not a disk coming
from the star formation. Another mechanism has to
be responsible for the matter to be ejected.

Thizy – Be Stars Spectroscopy

Be stars are close to SPB (Slow Pulsating B
stars) and β Cep pulsating stars in HR diagram. Non
Radial Pulsations have been found in Be stars and
could explain how the disk is formed (Rivinius et al.
1998). Magnetic fields have also been observed in a
Be star (Neiner et al. 2003), which could also explain
the phenomenon. Some other parameters could help
such as high rotational velocities and the presence of
a companion (about a third of Be stars are binaries).
Which lines to expect on Be stars? First, hydrogen lines are the most prominent: Hα 6562.8, Hβ
4861.3, Hγ 4340.5, Hδ 4101.7, Hε 3970.1. If the star
is in a Be phase, there will be emission in Hα. Depending on disk density, there will also be Hβ emission, possibly Hγ. Hδ and Hε are usually not seen in
emission.
Neutral helium He I can be found for example at
4009.3, 4026.2, 4143.7, 4387.9, 4437.5, 4471.5,
4713.1, 4921.9, 5875.6, and 6678.2. If the disk is
dense, He I emission will be seen starting from red
lines going to the blue domain the denser the disk is.
Other lines can be visible in Be stars: C II (3920,
4267, 4738, 4745, 6578, 6583...), NII (3995, 4630...),
O II (4119, 4367, 4415, 4642, 4649, 4662...), Mg II
(mainly 4481), Si III (4552, 4568 & 4575 triplet;
several lines around 3800; also at 3924, 4338, 4813,
4829 & 5740), Si II (3856, 3863, 4128, 4131, 5041,
5056, 6347, 6371), and sometimes iron Fe II lines.

CALA team at AstroQueyras observatory during the first
mission to monitor β Lyr

4. beta Lyrae
β lyr is a variable star discovered by Goodricke
in 1794. With a period of 12.9 d, it is the prototype of
close eclipsing binaries.
The system is made of a B6-B8 primary star
which appears more luminous than the B0-B2e companion whose disk covers around 25% of the sky
viewed from the Be star. Jet-like structures have been
observed, perpendicular to the orbit, with very high
velocities (around 1000km/s).
In 2004, François Cochard, Jacques Boussuge
and I installed a professional high resolution echelle
spectrograph at AstroQueyras observatory. In 2005,
we organized two missions to monitor a binary Be
star. Groups were from CALA (Club d'Astronomie
de Lyon-Ampère) and SAR (Société Astronomique
de Rennes).
There are seven binary Be stars in the Bright Star
Catalog (Henrichs Huib, private communication): η
Ori, β Lyr, ο And, VV Cep, HD203338, HD39286,
and HD50820. I selected β Lyr despite the comment
from Coralie Neiner that this was a very complex
system to study.

3D spectral Hα profiles sorted by binary rotation phase

Spectrogram of β Lyr (Hα) made from 32 spectra (3h
exposure each) each substracted by average spectrum
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the two stars whose spectra are very complex to analyze and interpret.

How to measure V/R ratio on a double peak spectrum.

V/R measures from several sources of β Lyr (Ha)

5. Pro/am Collaboration

Sodium doublet monitoring (C. Buil et al).

Multiple parameters can be measured on Be stars
spectra, e.g., intensity, V/R (when lines are doublepeaked), equivalent width, etc.
We combined in one graph measured V/R data
from AstroQueyras CALA/SAR teams (professional
echelle spectrograph, T62), Christian Buil (Lhires III,
T60 and C11), François Cochard (Lhires III, C8). The
graph shows that reasonable sized telescope and
spectrographs such as Lhires III can provide accurate
data compared to larger telescopes and spectrographs.
This study, in general, provided many spectra
that have not yet all been processed and analyzed. It
also shows how complex β Lyr system is: it is an
eclipsing binary with an accretion disk, magnetic
field, polar jet structures, and mass transfer between
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In 2003, a group of professional and amateur astronomers met at Oléron for an Astrophysical School.
There, professional astronomers showed their work
and highlighted where amateurs could contribute to
their research. We saw there the benefit of having a
high resolution (resolving power R > 7000) spectrograph in several domains.
The only available commercial spectrograph at
that time had only a resolving power of R=2500
which allows survey and some monitoring but did not
reveal enough line profile details. The Lhires III
spectrograph was designed specifically to meet this
higher standard. The availability of high resolution
spectrographs opens the door to more collaborative
works, with Be stars being just one example.

Thizy – Be Stars Spectroscopy

some Be stars with specific request from professional
astronomers (for example υ Sgr, COROT targets).
BeSS is waiting for everyone to take spectra of Be
stars and upload the spectra! There are hundreds of
bright Be stars easily accessible with backyard telescopes and commercially available spectrographs
such as the Lhires III.
On top of BeSS, a spectro-L discussion group
exists for everyone to share their results, request observations or coordinate some campaigns:
http://groups.yahoo.com/group/spectro-l/
Lhires III resolution spectrograph mounted on a Celestron 14 (CALA observatory), with ST7 CCD camera
and a separate webcam for guiding on mirror slit

Through 2006-2007, the GEPI team from ParisMeudon observatory designed and implemented a Be
Star Spectra (BeSS) database with help of amateur
astronomers including François Cochard, Valérie
Desnoux, Christian Buil, and myself. This led to a
pro/am data base, with multilangage access.
BeSS URL: http://basebe.obspm.fr

6. Conclusion
Be stars are great for amateurs since they are
bright, show various line profiles, are variable over a
wide range of periods, and are of interest for professional studies. Monitoring Be stars over a long period
of time can help understanding their outburst mechanisms.
Pro/am collaborations and the BeSS data base
will also help to perform statistical research on those
objects. Thanks to the broad distribution of Lhires III
spectrograph, amateurs from all over the world can
contribute to this work from their backyard.
It is without doubt that this work can be extended to other fields of interest such as RR Lyr stars,
novae, etc. We are obviously at the beginning of a
new era for amateur astronomy.
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Abstract
Differential photometry from the 2007 observing season of three previously little-observed, semi-detached eclipsing binaries, V1950 Cyg, V1960 Cyg, and V1963 Cyg, is presented and analyzed. This study utilized a 25 cm
SCT instrument to observe multiple orbital cycles of each star system and obtain V, B, and I band photometry.
This allowed the development of a complete light curve of each system and determination of each period. Visual
band photometric observations were fit to a model light curve using a binary star modeling program. Derived
properties for the primary and secondary stars including inclination, effective temperature, and stellar type for
each star system were determined.

1. Introduction
As part of an informal, on-going, project to clean
up, correct, or complete entries in the General Catalog of Variable Stars (GCVS), Krajci (2006), an observational study of V1950 Cyg, V1960 Cyg, and
V1963 Cyg was begun in 2007 observing season
(northern hemisphere).
Each referenced star is listed in the current online GCVS as a semi-detached, eclipsing binary star,
although the period and associated epoch is not currently shown. For V1950 Cyg, its variability was first
described by Hoffmeister (1967) from visual observations as an Algol system that varies between 14.5
and 15.0 magnitude, and then by Gesner (1988) who
provided a partial light curve, listed the variation as
15.3 to 16.2 magnitude, and estimated the period as
2.63 days. Both V1960 Cyg and V 1963 Cyg were
detected in 1988 and their variability listed as 15.3 to
17.8 and 14.7 to 16.1 B magnitude, respectively, by
Bondar et al. (1988) and Kachalov et al. (1988).
Since then, apparently nothing has been published on these variable star systems, and their period
and epoch entries in the GCVS remains blank.
As a type EA/SD binary, the surface of the less
massive component of each star system is likely close
to its inner Roche lobe, and could be ellipsoidal in
shape. Also typical for these types of binaries, the
light remains constant between eclipses or varies very
slightly because of reflection effects, surface features,
and/or the shape of the component star.
Because the physics of such binary star systems
is well-established, photometry of these systems can
be processed by one of several binary star modeling
software programs to derive the major parameters of
the stellar system. In this manner, observable and
deduced properties of incomplete entries in the
GCVS can be obtained.

For the study of V1950 Cyg, V1960 Cyg, and
V1963 Cyg, the modeling program Nightfall
(Wichmann, 1999) was used to model the stellar systems of these three variable stars. This program utilizes the Djurasevic (1992) binary star model. For
each variable star, a phase-based data file for the entire light curve was created for from observations that
included portions of the light curve and eclipse data
points. In turn, each file was input to the modeling
program and used to map the observational data to a
stellar model for each system.

2. Observations
All observations were made using a Meade
LX200 10-inch (0.25m) telescope with a Starlight
Xpress MX 716 CCD camera, which has a 550 x 720
pixel array. One-minute exposures were taken at an fratio of 6.3 (for an effective field of view of approximately 11 x 14 arcminutes) with Johnson B, V,
and Cousins I filters for V1950 Cyg, V1960 Cyg, and
V1963 Cyg. Typical seeing conditions for this lowaltitude site were between 3.5 and 4.5 arc seconds
FWHM for each image. The air mass for observations ranged from 1.01 through 1.45. All exposures
were dark current and bias subtracted and also flatfielded (using twilight sky flats) according to established procedures. The software tool AIP4Win, Ver
2.1, Berry and Burnell (2000) was used to make
photometric measurements.
The B, V, and I photometric data on comparison
star were normalized with measurements taken from
Tycho observations of comparison or field stars, corrected to the Johnson and Cousins system. Zero
points were then determined from the comparison
star photometry and applied to each star’s photometry
using AIP4Win, to produce standardized B-V or V-I
measurements. The calculated photometric error of
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observations of each variable star was at or below
0.04 mag.
2.1 V1950 Cyg
In the summer (northern hemisphere) of 2007,
V1950 Cyg was observed from JD 2454263.751 to
JD 2454299.794 (12 Jun through 18 Jul 2007), which
covered approximately 28 orbital cycles of the V1950
Cyg stellar system.
All exposures of V1950 Cyg included two comparison stars: GSC 3568-0491 (Tycho data: V =
11.41, B = 11.96) and SAO 31828 (Tycho data: V =
9.68, B = 10.03). To insure that the comparison stars
were not variable, the difference between GSC35680491 and SAO 31828 were also measured for each
exposure. The standard deviation of the V and B
band differences over all observations was found to
be 0.06 and 0.02, respectively.
The position determined for 1950 Cyg was R.A.
(2000.0) 19h 37m 33s Dec. (2000.0) +50° 43' 01” is
based upon the reference coordinates in the USNOA2.0 Catalog and matches the position generated
from the SIMBAD website (FK5 2000.0 coordinates:
R.A. 19h 37m 33s, Dec.+50° 43’ 01”), or the coordinates in the GCVS.

Exposures of V1963 included two comparison
stars, GSC 2725-0492 (Tycho data: V = 9.91, B =
11.07) and GSC 2725-1510 (Tycho data: V = 11.17,
B = 11.86). The standard deviation of the V and B
band magnitude differences between the two comparisons over all observations was found to be 0.05
and 0.04, respectively.
The position determined for V1963 Cyg was
R.A. (2000.0) 22h 44m 21s Dec. (2000.0) +35° 23'
14” based upon the reference coordinates in the
USNO-A2.0 Catalog and is within 5.5 arcseconds of
the position generated from the SIMBAD website
(FK5 2000.0 coordinates: R.A. 22h 44m 21s,
Dec.+35° 23.2’), or the coordinates in the GCVS.

3. Period Determination and Light
Curves
To determine the period of each variable, a series
of V-band data were separately entered into the software program Peranso (Vanmunster 2005). Using
Peranso’s EA Solver analysis tool, together with the
minima tool of Kwee and van Worden (1956) to determine the eclipse midpoint, the period for each
variable was determined and is shown in table 1.
Star

2.2 V1960 Cyg
V1960 Cyg was observed periodically from JD
2454296.760 to JD 2454339.740 (15 Jul through 27
Aug 2007), encompassing approximately fifteen orbital cycles.
All exposures of V1960 Cyg included two comparison stars GSC 2714-0233 (measured V = 10.75,
and measured Ic =10.07) and GSC 2714-0233 (Tycho
data: V = 10.08 and derived Ic = 8.53). Differential
magnitudes between the two comparisons were again
used to check against variability. The standard deviation of the V and I band magnitude differences over
all observations was found to be 0.010 and 0.013,
respectively.
The position determined for V1960 Cyg was
R.A. (2000.0) 21h 12m 42s Dec. (2000.0) +37° 32'
29” based upon the reference coordinates in the
USNO-A2.0 Catalog and is within 6.9 arcseconds of
the position generated from the SIMBAD website
(FK5 2000.0 coordinates: R.A. 21h 12m 42s,
Dec.+37° 32.9’), or the coordinates in the GCVS.
2.3 V1963 Cyg
V1963 Cyg was observed periodically from JD
2454327.678 to JD 2454355.670 (15 Aug through 12
Sep 2007), representing nearly 23 orbital cycles.
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Period

HJD Epoch

V1950 Cyg

2.63 ± 0.04d

2454263.75293

V1960 Cyg

2.85 ± 0.2d

2454327.76359

V1963 Cyg

1.227 ± 0.003d

2454327.68178

Table 1: Observed orbital periods, from observations by
the author in 2007

These period determinations allowed a light
curve to be generated from the observational data for
each variable, which are seen in Figures 1 to 3. Each
light curve has the obvious characteristics of a semidetached eclipsing binary.

Figure 1. Light curve for V1950 Cyg from observations
by the author in 2007.
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Figure 2. Light curve for V1960 Cyg from observations
by the author is 2008.

Figure 3. Light curve for V1963 Cyg from observations
by the author is 2007.

4. Primary and Secondary Eclipses
The primary eclipse of each variable star was detected and the measured duration and magnitude
change for each system is show in Table 2. For variable stars V1950 Cyg and V1963 Cyg, a B-V color
index at maximum eclipse was determined. Due to
the faintness of the V1960 Cyg primary eclipse, an
accurate B-band value could not be obtained, and a
V-I color index was calculated in its place. These
color indices are also shown in Table 2. The light
curves for each variable also show the presence of a
very shallow secondary eclipse
Star

Duration

Mag Range

Color Index

V1950 Cyg

7h 57m

14.51-15.28V

B-V= 0.603

V1960 Cyg

12h 42m

14.91-17.26V

V-I = 0.568

V1963 Cyg

5h 04m

14.10-15.65V

B-V= 0.969

Table 2. Observed primary eclipse data from observations by the author.

5. Stellar Type and Effective
Temperature
Although the graph of the primary eclipse of
each variable star in this study does not have an obvious flattened bottom, indicating that the eclipse

may not be total, the depth of each eclipse would still
indicate that little of the primary star’s light is present
at eclipse maximum. Using the B-V or V-I color index of primary eclipse at this point allows finding the
likely effective temperature of the secondary star,
Popper (1980).
McWilliam (1990) and Amado et al (1996), together with Sekiguchi and Fukugita (2000), have
provided empirical relationships for effective temperature vs. color indices (e.g. B-V or V-I).
For V1950 Cyg, using the color index of 0.603,
this empirical relationship indicates an effective temperature of 6025º K. Using published tables of luminosity class and star effective temperatures from either Tokunaga (1998) or Myers (1998), this effective
temperature would mean that the secondary star is
likely a G0 V. Similarly, the V-I color index of 0.568
for V1960 Cyg means its secondary star is likely a
G2 V star with a effective temperature of 5900º K;
and with a B-V index of 0.969, the secondary for
V1963 is likely a K2 V star with an effective temperature of 4786º K.

6. Fit to a Binary Star Model
Before beginning the light curve matching routine, certain parameters need to be input from known
values from the observations or assumed from astrophysically reasonable numbers (Wilson 1994). The
orbital period has been determined, as well as the
probable effective temperature of the secondary star.
Although the effective temperature of the primary star can not be similarly directly measured, it is
possible to infer a range of stellar types from the
overall EA/SD binary classification and eclipse data.
For V1950 Cyg, since the primary eclipse depth is
0.8 V magnitudes, this should mean that the primary
is several thousand of degrees hotter than the secondary and is probably an early A-type star. In a similar
fashion, the primary of V1960 Cyg was estimated to
be a late B-type or early F-type, and the primary of
V1963 Cyg to be an A type. These stellar types were
used for the initial temperature and corresponding
mass, together with other assumed parameters that
form the starting point for the binary modeling routine for each variable.
For each variable, the initial inclination was assumed to be 88º and the linear cosine relationship
was utilized in the model for limb-darkening.
The data-fitting routine of the software was
started and most system parameters (inclination, primary mass, primary fill factor, etc) were allowed to
vary from their initial conditions. After multiple iterations, the best match for the data (i.e. the smallest
Chi-Square value) was found.
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The Nightfall software model output for V band
photometry for V1950 Cyg is shown in Figures 4.
This same output, mapped together with the observational data is shown in Figure 5, and a graphic display the residual values of the observation data subtracted from the binary star model data for the same
orbital phase points is presented in Figure 6. It should
be noted that the output of the Nightfall program positions the primary eclipse at the 0.5 phase point and
the light curve is drawn from –0.25 to 0.75 phase.

Primary Star Type
Primary Star Teff
Primary Star Mass

A0 V
9581º K ± 25º
2.75 M ± 0.08 M

Primary Star Radius

2.71 R ± 0.1 R

Secondary Star Type

G0 V

Secondary Star Teff

6025º K ± 25º

Secondary Star Mass

1.05 M ± 0.08 M

Secondary Star Radius

1.13 R ± 0.08 R

Mass Ratio (q0)

0.36 ± 0.1

Orbital Inclination (i)

81º ± 1.0º

Stellar Separation

12.90 R ± 0.07 R

Table 3: Derived parameters for V1950 Cyg.

The same type of modeling and data fitting
graphs are shown for V1960 Cyg in Figures 7-9 and
for V1963 Cyg in Figures 10-12. The best fit solution
and derived parameters for V1960 Cyg and V1963
Cyg are presented in Tables 4 and 5.
Figure 4. Simulated light curve for V1950 Cyg.

Figure 7. Simulated light curve for V1960 Cyg.

Figure 5. Simulated light curve (line) with observational
data points (pluses) for V1950.

Figure 8. Simulated light curve (line) with observational
data (pluses) for V1960 Cyg.

Figure 6. Residuals of simulated light curve minus observation data of V1950.

Using the best-fit solution to the observational
data, the probable physical parameters for the V1950
Cyg stellar system are shown in Table 3.
Figure 9. Residuals of simulated light curve minus observation data of V1960 Cyg.
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Primary Star Type
Primary Star Teff
Primary Star Mass
Primary Star Radius
Secondary Star Type
Secondary Star Teff

Figure 10. Simulated light curve for V1963 Cyg.

F5 V
6550º K ± 25º
1.4 M ± 0.08 M
1.4 R ± 0.1 R
K2 V
4786º K ± 25º

Secondary Star Mass

0.74 M ± 0.08 M

Secondary Star Radius

0.75 R ± 0.08 R

Mass Ratio (q0)

0.49 ± 0.1

Orbital Inclination (i)

89º ± 1.0 º

Stellar Separation

6.40 R ± 0.07 R

Table 5: Derived parameters for V1963 Cyg.

7. Conclusion

Figure 11. Simulated light curve (line) with observational
data (pluses) for V1963 Cyg.

Figure 12. Residuals of simulated light curve minus observation data of V1963 Cyg.

Primary Star Type
Primary Star Teff

B8 V
11900 º K ± 25º

Primary Star Mass

3.8 M ± 0.08 M

Primary Star Radius

3.17 R ± 0.1 R

Secondary Star Type
Secondary Star Teff
Secondary Star Mass
Secondary Star Radius

G2 V
5900º K ± 25º
0.742 M ± 0.08 M
1.0 R ± 0.08 R

Mass Ratio (q0)

0.26 ± 0.1

Orbital Inclination (i)

88º ± 1.0º

Stellar Separation

This paper has presented new multi-band photometry of V1950 Cyg, V 1960 Cyg, and V1963 Cyg,
which included multiple observations of the primary
eclipses. From these observations, it has been possible to determine the orbital period of each variable,
the associated epoch, and the other principle parameters of the binary star system, which can be added to
the data of the GCVS for each system. For V1950
Cyg, the period estimated by Gessner (1988) has
been confirmed.
Each analysis, together with its associated light
curve, confirms that each stellar system is a typical
semi-detached, eclipsing binary. The period of each
variable is very similar (1.25 – 2.9 days) to the vast
majority of EA/SD binaries as is the derived stellar
types and associated masses and radii, as described in
the GVCS or other studies, such as Popper (1980).
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Abstract
Rotational periods for slow rotating asteroids have been under-reported as a percentage of their population. This
is due to observational bias as shorter projects are more likely to be completed and reported. From June 2007 to
April 2008, eight long-period asteroids were observed from Santana and GMARS Observatories. This paper discusses observing techniques, a simplified method of linking session to an internal standard, and results of a
campaign of observing long-period asteroids.

1. Introduction

2. Equipment and Observatories

Up until the mid 1990’s, photometry of asteroids
to determine their rotational periods and other properties was the province of professionals using photoelectric photometers. Over the past decade, many
amateur astronomers using CCD cameras and modest
backyard telescopes have entered the field. A few are
also working to find binaries or doing lightcurve inversion to model asteroid shapes. However, slow
rotating asteroids reported by amateur astronomers
have been inconsistent with population expectations.
The distribution of asteroid periods has been
studied several times. Many processes affect spin
rates during asteroids evolution. Large asteroids with
a diameter larger than 40 km have a “Maxellian” distribution of their spin rates. However, asteroids
smaller than 40 km have an excess of slow and fast
rotators. In a study of 748 asteroids, Pravec and Harris (2000) found 18 asteroids that they classified as
slow rotators. The expected number of slow rotators
was 2 or 3. There was a similar excess of fast rotators
in asteroids with a diameter less than 40 km. A spin
barrier exists at about 10 rotations per day. The most
common explanation of the excess of slow and fast
rotating asteroids is that their spins have been modified by the radiation pressure effect know as YORP
(Rubincam 2000).
While the population of slow rotators in asteroids with a diameter less than 40 km has not been
well defined, those with diameters between 3 and 15
km have been well sampled by the Photometric Survey of Asynchronous Binary Asteroids run by Dr.
Petr Pravec (Pravec 2006). It has been found that
about 20% of these have rotational periods exceeding
24 hours (Pravec and Harris 2008).

Since 2000, the author has operated a general
survey of asteroid rotational periods from Santana
Observatory (MPC 646). In 2005, the author constructed two observatories at the Riverside Astronomical Society’s Goat Mountain Astronomical Research Station (GMARS, MPC G76). Santana has a
0.30m (12-inch) Meade RCX400 that uses an SBIG
STL-1001 CCD Camera. GMARS has a 0.35m (14inch) RCX400 and a 0.35m Celestron C14 mounted
on a Paramount. Both telescopes use SBIG STL-1001
CCD Cameras.

Figure 1. Santana Observatory enjoys the suburban
skies of Rancho Cucamonga and contains a 12-inch
RCX400.

Santana Observatory is located in the bright suburban skies of Rancho Cucamonga, approximately 60
miles east of Los Angeles. The light polluted skies
glow with an average brightness of about 18.4 magnitudes per square arcsecond and limits targets to those
brighter than 14.5 magnitude. GMARS is located
approximately 10 miles north of Yucca Valley, bordering the 932 square mile Marine Corps Air Ground
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Combat Center at Twentynine Palms. It enjoys some
of the darkest skies in Southern California with an
average sky brightness of 21.4 arcseconds per square
arcsecond, except during the occasional flares and
other ordinance dropped during military exercises.
Brighter targets are normally selected for observation
from Santana while dimmer targets or those requiring
high precision are observed from GMARS.
Targets were usually selected from the Lightcurve Photometry Opportunities list in each Minor
Planet Bulletin or from the expanded list available on
Brian Warner’s CALL website Warner (2007).
GMARS also participates in the Photometric Survey
of Asynchronous Binary Asteroids run by Dr. Petr
Pravec (Pravec 2006).
In the summer and fall of 2007, the author had an
extraordinary run of randomly picking slow rotating
asteroids as targets. Eventually some targets were
selected because of their potential to have long periods.

Figure 2. The Riverside Astronomical Society’s Goat
Mountain Astronomical Research Station (GMARS) currently has seven observatories.

3. Observing Techniques and Data
Reduction
It is typical for amateur or professionals working
on general lightcurve surveys to occasionally pick a
target that cannot be easily resolved in a few nights
of observations. Symptoms are when the first night of
observations produces a flat, or a gradually increasing or declining slope for the curve with no evidence
of an extrema in the plot. All too often, these lightcurves find their way into the “dusty file cabinet” of
history. Occasionally, their periods are reported as
greater than 24 hours – a nomenclature that typically
means no extrema was noted in the 6 to 8 hour long
session. In these cases, the asteroid is all too often
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abandoned as the observer moves on to more fruitful
targets.
There is often very good reason for the change in
projects. Determining the rotational period of longperiod asteroids requires many nights of observation.
Concurrent nights are very beneficial in determining
short-term trends. Many observers have limited
availability of observing time due to scheduling limitations. For amateurs, mounting an extended campaign often requires the expenditure of valuable
Spousal Permission Units (SPU’s). In these cases the
observer knows they will simply not get enough
nights to resolve a long-period lightcurve.
Further complicating the work on a slowly rotating asteroid is that most observers take unfiltered
images to maximize their signal-to-noise ratio. With
the asteroid moving through different star fields each
night, the observer has to change comparison stars on
a regular basis.
Unless one uses filtered observations and also
images a standard field, each night’s images will not
be linked and will lie on random areas of the vertical
scale of the lightcurve plot. Most photometric software allows for the manual adjustment of segments
of the lightcurve but just how does one determine the
correct adjustments?
To get around that problem, a new method developed by Warner (2007) included in the latest release of MPO Canopus was used to calibrate each
session to an internal standard. Tying the resulting
observations together using a standard or internal
system can make the difference in resolving the period or abandoning the project. It can be even more
critical if a long period asteroid has a very small amplitude, such as when it is being observing pole on.
This new calibration method converts instrumental magnitudes to B, V or R using a modification of a
method described by Binzel (2005). The magnitudes
of up to five comparison stars are compared to their
computed standard magnitudes. These observations
are either taken through photometric filters or shot
unfiltered and compared to the magnitude band that
most closely matches the telescope/camera system –
typically using the red filter for most CCD cameras.
Since there are few, if any well-calibrated stars
in any random field, the JHK magnitudes of selected
stars in the 2MASS catalog have been calibrated
against Landolt field stars existing in the same catalog. Stars with flags indicating problems with the J or
K magnitudes, stars with close companions, and stars
with J-K values outside a range of –0.1 to 1.0 have
been rejected. The result is a table of 2MASS stars
and set of conversion formulae applied to the
UCAC2 J-K magnitudes within Canopus. One or the
other catalog typically contains several comparison
stars available for use in each field. The UCAC2
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catalog is often used since it gives a higher number of
comparison stars in each field.
In order to provide for additional consistency,
when possible, the same comparison stars were used
two nights in a row and, in a few cases, three nights
in a row. New comparison stars are favored towards
the west side of the field – the typical direction of
motion of the asteroid. In addition, comparison stars
were usually limited to a color range 0.3 < V-R < 0.7
to match the color range of most asteroids. Experience shows that with this methodology and telescope/camera system, errors in matching to an internally calibrated system average 0.02 to 0.03 when
using a red photometric filter and 0.02 to 0.05 when
shooting unfiltered. When measurements outside of
those errors occurred, it was sometimes found that
removing a single comparison star would produce a
better fit to the Fourier curve. On rare instances, the
images were remeasured using an entirely different
set of comparison stars to see if that would improve
the fit. After obtaining several sessions, initial rough
calculations of the period are done and final manual
adjustments of the individual sessions are made to
better fit the Fourier curve and improve the accuracy
of the period.
With sufficient data over many nights, most long
period asteroids have an easily determinable period.
However, problems sometimes arise. When the amplitude is very small, such as when the asteroid is
observed pole on and the amplitude is within the error bars of this internal linking method, it is sometimes impossible to determine where on the vertical
scale a session belongs. Also, when the period is very
nearly a multiple of 24 hours, then the observer may
be observing nearly the same portion of the lightcurve each night. This could generate a moving sine
wave looking very much like an extremely slow rotating asteroid. Long winter nights or observations
from another longitude will help resolve the ambiguities. Odd results have to be tempered with common
sense. As the old saying goes, when you hear hoof
beats – don’t think zebras.
Resolving a long period can sometimes be complicated by Non-Principal Axis (NPA) rotation (tumbling). Pravec (2005) has shown in a study of small
asteroids that most asteroids with a diameter of about
6.5 km and a period in excess of 4 days are tumbling.
Some with a period in the range of 2 to 4 days will
also be tumbling. This evolution to a tumbling state
may be caused by the YORP effect. Rarely can a single observer unlucky enough to select a small tumbling asteroid get enough data without collaboration
to detect the second period, since the amplitude
would be very small.

4. Results
By mostly a massive coincidence, 8 of the 29 asteroids observed at Santana and GMARS between
June 2007 and April 2008 were slow rotators. Table 1
shows observing data for these asteroids. Column 4
gives the range of Phase Angles and Column 5 gives
the estimated diameter of the asteroid.
181 Eucharis was reported to have a period exceeding 24 hours (Harris 2007). Schober (1994) observed it over seven nights in 1983 but did not report
a period. The resultant lightcurves showed a gradually increasing trend or a flat curve for the night. Riccioli (2001) and di Martino (1984) also did not report
a period. Since this was a favorable opposition for
Eucharis, it was relatively bright and all observations
were shot through a Johnson-Cousins R filter. This
turned out to be advantageous when observing the
asteroid close to the Moon and because it reduced the
scatter when fitting the observations together.
3236 Strand and (22275) 1982 BU were selected
as part of the Photometric Survey of Asynchronous
Binary Asteroids (Pravec 2006). 959 Arne was initially reported to have a period of 8.60 hours (Robinson 2002) but the sparse lightcurve was noisy and
graded a ‘1’ on the scale of lightcurve quality.
408 Fama was reported in 2002 to have a 64.8
hour period from observations made by Behrend et al
(2007).
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5. Conclusion
Slow rotating asteroids continue to be under- reported due to sampling bias. The population of slow
rotating asteroids with diameters between 15 and 40
km is still not well defined, giving amateur astronomers an important avenue of research to pursue.
Some of the hurdles in resolving long periods
have been removed with new, simplified methods for
internally linking nightly sessions. Observers are
encouraged to complete projects and not let fragmentary curves languish in the dusty file cabinets of history.
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Sess

Phase

181 Eucharis

2007 06/27 – 07/20

21

5.7 – 9.3

107

52.23

0.05

408 Fama

2007 08/11 – 09/11

21

5.8 – 7.6

41

202.100

0.61

2007 09/12 – 10/09

17

10.2, 2.8

46

51.940

0.43

655 Briseis

2008 04/05 – 04/23

13

4.1, 4.4

31

160.66

0.40

959 Arne

2007 10/31 – 12/3

19

5.8 - 9.3

57

123.7

0.25

1488 Aura

2008 02/17 – 03/11

13

5.8 -13.7

40

99.7

0.32

3236 Strand

2007 12/30 – 2008 02/10

7

11.0 - 14.6

5

66.133

0.44

(22275) 1982 BU

2007 12/30 – 2008 02/10

7

10.3 - 18.4

5

40.424

0.52

Asteroid

493 Griseldis

Dia.

Per (h)

Amp

Table 1: Slow rotating asteroids observed at Santana and GMARS Observatories between June 2007 and April
2008.
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Abstract
The mysterious 3rd magnitude long period eclipsing binary star system, epsilon Aurigae, is predicted to start its
two-year eclipse in the July 2009. This may be when the real excitement starts but much is to be learned before
first contact. This paper will discuss current observational results that have accumulated data using photometry,
spectroscopy and other data sources. While the system is ideal for single channel photometry, due to the system
brightness and distant comparison star, CCD photometry presents some interesting challenges. A fairly simple
way for amateur astronomers to do BVRI CCD photometry of the system is using a 50 mm camera lens and DSI
Pro camera is discussed.

1. Introduction
Epsilon Aurigae is the longest known eclipsing
binary star system with a period of 27.1 years. It is
also a record holder for the longest eclipse which is
nearly 2 years. A mid-eclipse brightening observed
by several different people and methods during the
last eclipse adds even more mystery. The eclipse appears to have been first noted in 1821, but was not
studied in detail until the early 1900's. To add to the
mystery the star system has a strange out-of-eclipse
variation in brightness.
During the previous eclipse a world-wide campaign was started to observe the eclipse in detail by
as many means as possible. This included both
ground and spaced based observations. Very few
observations were made prior to first contact or even
around first contact. During 4th contact, photometric
data show some wild variations in the UBV bands.
For the next eclipse, first contact is predicted to be
during late July or early August. From the last eclipse
ingress, the contact times appear to be different at
different wavelengths. An approximate 10 day delay
between each UBV band was noted. The B band first
contact appears to have been 12 days after the V band

first contact and the U band 10 days after the B band
first contact. Because of the out-of-eclipse pulsations,
these times are not precise. This is an area of great
interest for the next eclipse. Continuous observations
are needed before and during first contact from the
ultraviolet region through far infrared. These observations should be supported by continuous spectroscopy during this period. Figure 1 shows a timing
schematic of the star system components from the
year 2008 through 2011.

2. HPO Photometric Data
One of us (Hopkins) has been actively following
the star system photometrically. While data was
taken at the HPO during the 1980's, no data was
taken during the 1990's. Data acquisition resumed in
December of 2003 and continues to date. Figure 2
shows a plot of the HPO V data from 14 December
2003 through 6 April 2008. The comparison star was
Lambda Aurigae (HR 1729, HD34411, V = 4.71, B =
5.34, U = 5.46). Table 1 shows a summary of the
HPO data from 14 December 2003 through 6 April
2008.
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Figure 1. Epsilon Aurigae system timing schematic.

Figure 2. HPO data, December 2008 – April 2008.

Table 1. HPO data, December 2003 – April 2008.

3. Boyd Photometric Data
The American Association of Variable Star Observers (AAVSO) was kind enough to give us UBV
data taken by Louis Boyd using a 10" photon count-
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ing robotic telescope from September 1987 to March
2005. Table 2 shows a summary of that data.
Boyd used a closer, but much fainter comparison
star than the usual lambda Aurigae., i.e., HR1644
(HD32655 V = 6.20 B = 6.63 U = 6.93).
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Table 2. Boyd data, September 1987 – March 2005

An effort was made to compare the HPO and
Boyd data during a common period. That period was
from 4 December 2003 to 27 March 2005 (JD
2,452,978 to 2,453,457). Table 3 shows the HPO
summary data during this time and Table 4 shows the
Boyd summary data during the same time frame.
While the magnitudes vary between the HPO and
Boyd data, the primary periods of the variations agree
well at about 60 days.

Figure 3. HPO V data, 2007/8 season.

4.1 Frequency Domain Analysis

Table 3. HPO data, December 2008 – March 2005.

Figure 4. HPO V frequency domain, 2007/8 season.

5. Photometry Methods
Table 4. Boyd data, December 2003 – March 2005.

4. The 2007/2008 Photometric Season at
HPO
Figure 3 shows V data for the 2007 to 2008 season. Variations during the season showed a V band
difference of more than 0.10 magnitude with B band
difference of more than 0.19 magnitude and U band
difference of more than 0.18 magnitude. The 66 day
period was consistent with what has been seen in the
past, however, as the system was beginning to start
dimming there was a hiccup and around JD
2,454,485 when, instead of decreasing, the system
brightened to a high of V = 2. 985, B = 3.55 and U =
3.65.
The frequency domain plot of the 2007 to 2008
season V filter HPO data is shown in Figure 4. The V
data has a prominent period of 66.1376 days. The B
band shows a prominent period of 62.42 days and the
U band 64.82 days.

There are two basic methods for doing photometry: single channel and CCD. Because epsilon Aurigae is more than 5 degrees from the suggested comparison star lambda Aurigae, the field of view of
most telescope connected CCD systems is too narrow. In addition, the brightness of the star system
causes exposure problems. While taking shorter exposures can solve the exposure saturation problem,
many images must be stacked to reduce the scintillation effects. Single channel photometry including
photomultiplier tube (PMT) and solid state PIN diode
systems work well and avoid these problems. CCD
and PIN diode systems do not work well in the ultraviolet regions, however, where much interesting is
going on. The PMT systems do not work well in the
red and infrared regions. However the Optec SSP-5
PMT based system can work into the red region.
5.1 Single Channel Photometry
It is not too difficult to make your own photon
counting PMT based system. The original 1P21/931A
PMT based photon counting unit at the Hopkins
Phoenix Observatory still provides excellent UBV
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photometry and has been doing so since the early
1980's. For those who prefer to buy a PMT based
unit, Optec has a system for under $3,000 with filters.
The SSP-5 is not a photon counting unit, however,
and has limited dynamic range of 65,535 (due to a 16
bit analog-to-digital converter). A photon counting
unit has a dynamic range greater than 10^6 and tends
to produce much higher precision than other methods, typically approaching and exceeding 0.001 magnitude in the V band.
PIN diode systems are also available from Optec.
The SSP-3 allows coverage of the BVRI bands for
under $2,000 with filters. The SSP-4 uses a special
PIN diode that has a built-in two-stage thermoelectric
cooler on the detector and allows work further into
the infrared region J and H bands. The cost of the
SSP-4 is around $3,000 with filters. These systems
have a dynamic range of 65,535.
For epsilon and lambda Aurigae, using a SSP-4
requires a fairly large telescope. It is recommended
that a telescope with an aperture greater than 10" be
used with 14" or 16" ideal. With a smaller aperture,
the noise and drift become significantly large. With
an 8" SCT the star + sky values are essentially the
same as the sky values for lambda Aurigae. One nice
feature about the JH band photometry is that it may
allow daytime observations during the interesting
summer months where other photometry will not
work. Details on using the SSP-4 can be found at:

Figure 5. Wide-angle BVRI CCD photometry setup.

Tables 5 and 6 show a comparison of different
photometry methods and what bands can be used.

Table 5. Photometry system bands.

http://www.hposoft.com/Astro/IR.html
5.2 CCD Photometry
As mentioned above, CCD photometry of epsilon Aurigae presents some serious problems. There
are some ways around these problems, however. As
Bob Buchheim (2008) has suggested, an aperture
stop can be used to reduce the brightness and then
use a CCD system like a single channel system observing the program star and comparison star by
moving the telescope. This can be a great deal of
work, however. An alternate approach, one that has
been experimented with at the Hopkins Phoenix Observatory, uses a 50 mm F/2.0 camera lens with standard photometric BVRI filters and a Meade DSI Pro
CCD camera (Figure 5). This appears to work well
with repeatable results approaching 0.01 magnitudes
in all bands. One secret is in defocusing the image to
reduce under sampling. Details of the 50 mm experiment can be seen at:
http://www.hposoft.com/EAur09/CCD/
EAurCCD.html
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Table 6. Photometry systems characteristics

6. Spectroscopy
One of us (Schanne) has been following the star
system with a spectrometer. The observatory used
consists of a 100 kg self-built type mount with a Celestron C14 in a Sirius 2.4 m dome. The spectrometer
is a Littrow type slit-spectrograph French product
(LHIRES III http://www.shelyak.com/) with 600,
1200 and 2400 g/mm gratings, adjustable slit with (R
≈ 3,000 to 17,000), equipped with a cooled German
SIGMA 1603 ME CCD camera (http://www.novaccd.de) for spectrum registration and a SBIG ST-4 as
slit observation camera. See Figure 6. The star in the
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focus of the telescope is auto-guided on the slit by
means of a telescope drive unit FS-2
(http://www.astro-electronic.de/) and guiding software such as MaximDL. Data reduction is done by
ESO-MIDAS
(http://www.eso.org/sci/dataprocessing/software/esomidas/). The wavelength calibration of the spectra is done by a built-in Neon calibration lamp (typical error ≈ 2 km/s).

Figure 7. Typical line profile variations (LPV) of Hα line
in the optical spectrum of ε Aur.

The strength of the emission and absorption
components are characterized by the areas between
the spectrum and the photospheric continuum known
as the equivalent width. Those since 2005 are shown
in Figure 9. For comparison purposes, some HPOphotometric data (V) are included. The absorption
core and emission wings show irregular change their
size, but there is no simple correlation with the
photometric data. Specifically, the recent 66 day period for the photometric results is not seen in the
spectral behavior of the Hα line.
Since JD = 2,454,400, the Doppler shifts of the
absorption cores of Hα lines have been measured.
The Doppler shifts (radial velocity) have increased in
parallel with the brightness (V), see Figure 10.
Whether this is random coincidence or a real relationship will have to wait further observations.
Figure 6. LHIRES III spectrometer.

Epsilon Aurigae shows typical super giant variability in the Hα line outside of the eclipse. The line
profile is changing in time (LPV, line profile variation). In particular, variable emission wings on both
sides of the absorption core can be seen. These LPV
are seen in Figure 7.
An unexpected type of LPV happened in the
spring of 2005 (see Figure 8). In April and May 2005
(JD 2,453,462 to 2,453,502), the absorption component almost disappeared and a fairly symmetrical pair
of emission wings formed next to the line center
(IBVS 5747). The exact cause of this LPV is unknown, but similar rapid changes have long been
reported for this star out-of-eclipse (e.g., Wright and
Kushwara, 1958). Nonetheless it is important to
monitor the spectral behavior of the star system outside the eclipse to better understand the observed
changes during eclipse.

7. Additional Observations
In addition to optical photometry and spectrometry of epsilon Aurigae, observational work in the infrared and ultraviolet has begun in anticipation of the
eclipse. Infrared efforts include measurement by
Clemens et al. (2007) of the near infrared spectrum,
which showed a mixture of hydrogen absorption and
emission lines in January 2006. Mid-infrared spectra
were obtained with the Spitzer Space Telescope
(Stencel, 2007) that show Fe II emission lines superposed on the F star continuum. As reported at this
meeting by Mais and Stencel, interferometric observations were started at the Palomar Test Bed Interferometer in order to precisely measure the F star
diameter and attempt to detect pulsational changes to
it prior to eclipse. Preliminary data reduction suggest
the star remains stable with a 2.2 milli-arcsecond
diameter, independent of light curve and H-alpha
variations. Ultraviolet spectrum observations have
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been infrequent compared with the previous eclipse,
but HST data were reported by Sheffer and Lambert
(1997) and far UV data were reported by Ake (2006).
Both reports discuss a model where the emission is
due to resonance scattering of photons in the expanding wind of the supergiant or disk from an occulted
hot source. Beyond these observations, additional
photometry, spectroscopy and polarimetry are still
needed in advance of and during eclipse.
Figure 9. Correlation of photometric brightness and the
equivalent widths of absorption and emission wings of
Ha line.

Figure 10. Correlation of Doppler shift of the absorption
core (RV) of Hα line and the equivalent widths of absorption and emission wings.

8. Observing Campaign News

Figure 8. Hα line profile variations (LPV) of ε Aur in
2005/6 and reference spectrum ELODIE of November
2003.

During the 1982-1984 eclipse an Observing
Campaign was formed. Newsletters were published
and distributed to disseminate the latest information.
This was prior to the Internet and while it worked
was not high quality and the process was slow. Currently data can be available almost instantly and notices sent to interested parties near instantly.
For the next eclipse we have started a new Campaign. We have 19 people signed up for official participation. These include observers from around the
world and around the U.S.A. As of the end of March
2008 we have published five newsletters. The first
one was in September of 2006. Information in these
includes multiband photometry and spectroscopy as
well as information on the observers. These Newsletters are dependent on material received and as we get
closer to the eclipse these will be published more
often. The current newsletters are in PDF format and
can be viewed and downloaded on the campaign web
site at:
http://www.hposoft.com/Campaign09.html
We are grateful to the campaign participants and
others for sustaining interest in this interesting star
system, and encourage everyone to contribute to the

72

Hopkins et al – epsilon Aurigae

campaign newsletters with reports of their discoveries by sending email to phxjeff@hposoft.com.

9. Conclusion
One of the interesting results to date from the
photometry is preliminary evidence for an evolving
quasi-period associated with the low amplitude, out
of eclipse light variations. Data from this decade indicate a predominant 66 day period, with other sub
periods present (Hopkins and Stencel 2006). Analysis
of data obtained during the decade of the 1990s by
Louis Boyd, made available by AAVSO, seems to
indicate a 96-97 day period, as mentioned above
Post-eclipse observations 1982-1987 by Nha et al.,
argue for a 96 day periodicity. Even earlier, Shapley
reports sparse data over the 1904-11 interval and
suggests a 355 day quasi-period, although this cannot
be confirmed. Taken at face value, this secular decrease in periods for the low amplitude quasivariations suggests these will become very fast within
a couple of decades, perhaps connected with an accretion death-spiral. Suggestions of changes to periods in epsilon Aurigae were also made by Gyldenkerne who deduced that the 1956 overall eclipse decreased 44 days relative to Gussow’s 1936 analysis
of 1929 eclipse, while totality was longer by 64 days!
Saito and Kitamura (1986) commented on shortening eclipse phases and propose that the F star is
shrinking at a rate of up to 16% eclipse to eclipse. If
continued, this effect should be obvious during the
coming seasons.
Table 7 shows a summary of best estimates of
times of contact during the four eclipses. Data for
eclipses prior to the 1982/84 eclipse are assumed to
reflect measurements in essentially the V band. We
note that duration of totality has apparently increased
by ~25% while overall duration and especially egress
have decreased. If the trend continues, egress will
last only one or two weeks in 2011, whereas ingress
will still last 140 or more days! These odd asymmetries suggest dramatic changes on the horizon for
epsilon Aurigae in coming decades.
9.1 Similar Star Systems
While epsilon Aurigae will not start its eclipse
until July 2009, there are three other similar systems
that deserve attention.

Table 7. Summary timings for the last four eclipses.

9.1.1.

EE Cephei

This is an 11th magnitude long period (2,049.53
days/5.6 years) eclipsing binary star system that will
begin its 17 day eclipse on 09 January 2009
(2,454,891.30). The system will be in a fairly good
position for observing. A good reference for this is by
Mikolajewski et al.
9.1.2.

Zeta Aurigae

A second long period (972.164 days/2.7 years)
eclipsing binary system is zeta Aurigae. Zeta Aurigae
will begin its 37 day eclipse on 22 March 2009
(2,454,203.633). While getting low in the northwest
sky, zeta can share the comparison star lambda Aurigae and be imaged in the same frame as epsilon
Aurigae using the camera lens CCD photometry.
Darling has a good article on this star system in the
March 1983 issue of Astronomy.
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9.1.3.

BM Orionis

A third similar system, and not long period at all,
is BM Orionis. BM Orionis or theta 1 Orionis B is
one of the four stars in the Great Orion Nebula's
(M42) Trapezium. The 6.470525 day eclipse lasts 17
hours and has been likened to a fast eclipse of epsilon
Aurigae. This 8th magnitude (V) system is both easy
and hard. It is easy to find and theta Orionis D provides a close and good comparison star, but the
closeness of the four stars can be a problem as well as
the bright background due to the nebula. It presents
some interesting challenges, but the eclipse can be
observed multiple times from fall through winter. A
good paper on this star system is one by Hall and
Garrison.
9.2 Visual "Citizen Science" and the IYA
A wonderful opportunity is emerging with the
declaration by the United Nations of 2009 as the International Year of Astronomy (IYA), recognizing
the 400th anniversary of the astronomical telescope
and Galileo. The US national committee working
group on Citizen Science has embraced the eclipse of
epsilon Aurigae as a possible centerpiece in its multipronged effort to engage more of the public in skywatching activities. Proposals are under development
during 2008, but we hope to bring news and updates
to all interested parties via the campaign newsletters.
One scenario is to promote more visual variable star
observing in collaboration with the AAVSO by providing instructional materials to astronomers and
astronomy clubs nationally. With these tools, citizens
can learn to monitor changing stars such as Algol,
beta Lyrae, and epsilon Aurigae, report their results
to AAVSO, and study the cumulative input as part of
a larger campaign. In addition, observers with digital
imaging equipment can contribute those data as well.
In the best case, we expand the number of careful
observers who can be in a position to better record
the mid-summer eclipse changes in 2010. Some of
these observing techniques are summarized above.
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Abstract
While the Michelson Interferometer examined starlight atop the Mt. Wilson 100 inch telescope nearly
100 years ago, it's taken decades for interferometric instrumentation to begin to enter the mainstream
of astrophysics. We report on one application of these methods: measuring the near infrared angular
diameter of the eclipsing binary star, epsilon Aurigae, using the 100 meter Palomar Testbed Interferometer located adjacent to the more famous 200 inch telescope atop Mt. Palomar.

1. Introduction to Interferometry
Astronomical interferometry is a century old
technique of combining light from two or more telescopes, which has matured greatly in the beginning of
the 21st century. For example, the European Union
has invested more than $500M in the Very Large
Telescope (VLT) Interferometer at Paranal, Chile, a
combination of four 8-meter plus auxiliary telescopes. When light from two different telescopes is
combined, it will constructively interfere when the
exact path difference between telescopes is zero.
Small differences then will produce destructive or
constructive combinations of the light depending on
the ratio of wavelength to distance separating the
telescopes. Given a known wavelength and separation of two telescopes, one obtains angular resolution
equivalent to a telescope with an effective diameter
equivalent to the separation. This is exactly the same
as with a single telescope, but in combination, apertures of 100 meters and more are possible, yielding
angular resolution of milli-arcseconds. The unit of
arcseconds is 1/3600 of a degree in the degrees, minutes, seconds angular scheme. Radio telescopes have
used this method much longer and have achieved
micro-arcsecond resolution with very long baseline
interferometry. However, this resolution is achieved
only along one line across the star, set by the baseline

orientation. As such, a single diameter along one
azimuth can be obtained per observation. To construct an image requires continuing observation over
many baselines and/or using earth’s rotation to sample more azimuthal information on the star. This
technique, called aperture synthesis, is highly
evolved among radio astronomy practitioners, but is
under development for optical interferometry.

2. Interferometric Goals Relative to
epsilon Aurigae
The bright star, epsilon Aurigae has been known
for over a century as an Algol-like eclipsing binary
with a very long period. The oddity with the star is
that the companion causing the eclipses cannot otherwise be easily detected – even during eclipse the
primary star light dims but is largely unchanged, give
or take a shell spectrum detected at high spectral
resolution optically and in the near infrared during
the 1983 eclipse (Lambert & Sawyer, 1986; Hinkle
and Simon 1987). Current models for epsilon Aur
suggest an opaque disk does the eclipsing (Carroll et
al. 1991). The estimated distance of 625 parsec to
epsilon Aur and the binary separation 27.6 AU, imply
that the binary should exhibit an angular extent of 44
milli-arcseconds. The F superigant star has a radius
of nominally 200 solar radii, or nearly 1AU across
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(Carroll et al. 1991), and should exhibit an angular
size of nearly 3 milli-arcseconds. This value is
greater than the reported value by Nordgren et al.
(2001) of a broadband optical NPOI diameter for
epsilon Aur (HR 1605) as 2.18 milli-arcsec (uniform
disk) and 2.28 milli-arcsec (limb-darkened) within 4
percent errors, and slightly smaller than the diameter
and distance factors would imply (see below). The
secondary – opaque disk – nominally spans about 10
times that dimension. Additionally, epsilon Aur
shows an irregular out-of-eclipse light variation of
0.2 mag, which some authors have ascribed to pulsation of the F star. These facts motivated us to seek
out interferometry observing opportunities to confirm
the pre-eclipse F star diameter, hunt for possible pulsational evidence therein, and set the stage for the
eclipse when the disk transit would change the interferometric appearance of the F star.

path difference is achieved. This is achieved through
the use of delay lines within the central facility.

Figure 2. Optical bench within each of the huts.

3. PTI Operational Details, a Visual
Tour

Figure 3. Diagam of basic function of the interferometr.

Figure 1. The Palomar Testbed Interferometer as aseen
from the catwalk of the famous 200-inch telescope. Details at: http://msc.caltech.edu/missions/Palomar.

We were awarded observing time with the Palomar Testbed Interferometer [PTI] for the winter season 2007-08 in order to monitor epsilon Aurigae in
the near infrared (K band, 2.2 microns). PTI is located about 100 meters north of the 200 inch Hale
telescope. It consists of three separate 16 inch telescopes (the huts) where the light is collected. This
establishes three different baselines that can be used
either in pairs, or all three together, depending on the
needs of the observer. Within the huts are optical
benches which perform two key functions, adaptive
optics setup to correct for atmospheric aberrations,
and a system of mirrors that convert the light collected to a collimated 4 inch beam which then enters
into the long light tubes to bring the beams into the
central facility.
When light from different telescopes is combined, it will constructively interfere when a zero
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Figure 4. The delay lines consist of a series of carts
which travel down their rails. The light paths from the
telescopes enter the system in the tubes visible to the
far right and left.

These can be seen in Figure 4. The optical bench
shown here is a combination of where the beam combinations occur and the delay lines. What is not visible in Figure 4 is the beam of a helium-neon laser
which travels from the optical bench down the rails to
enter the holes seen on the carts and are reflected
back to detectors which then count and keep track of
the total number of wavelengths for each cart. In this
way the precise positioning of the carts allows the
delay lines to compensate for the varying baseline as
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the earth rotates such that the wave fronts can be recombined to allow for interference. This is known as
metrology, and is the most difficult aspect of interferometry because it must be controlled at the level of
the wavelength observed (microns) or better. This is
achieved more easily with radio telescopes because
the radio-waves are so much longer. Only within the
past two decades has the technology and computer
control caught up in the optical/near infrared part of
the spectrum.
Figure 6. The control room where much of the systems
are controlled.

4. Data Reduction and Analysis

Figure 5. The second optical bench where the science is
performed. Note the liquid nitrogen cooled detector (the
cylinder on the left).

The final bit of magic occurs on a second optical
bench shown in Figure 5. Up to this point the beam
of light from the separate telescopes has consisted of
the visible and near infrared part of the spectrum. On
this optical bench the white light and K band (2.2
microns, near infrared) are separated and follow different paths. The white light from the telescopes are
combined and constantly monitored for interference
(fringe analysis) and this information feeds back to
the carts where the delay lines can be adjusted accordingly. The K bands from the telescopes are combined and finally enter into the detector, a liquid nitrogen cooled CCD chip. The K band light passes
through a grating where the K band is split into 5
channels, each of which is analyzed (interferometric
spectroscopy!).
It generally requires an hour or so to get everything prepared for a nights observations. Opening the
huts and a number of manual alignments must be
carried out on the optical benches described above.
But most of the systems are controlled from the control room shown in Figure 6.

We used the Palomar Testbed Interferometer
(Colavita et al. 1999; van Belle et al. 1999) in visibility amplitude mode [K-low or K-high, N-S baseline]
to monitor epsilon Aurigae during the winter 2007/08
season on a roughly once per month basis. PTI's Kband “K-low” capability in 5 channels (2.0 to 2.4
microns) presented an exceptional opportunity to
precisely measure the angular diameter of the primary star. A high resolution near IR spectrum of epsilon Aur obtained in 2006 January by Dan Clemens
at Lowell Observatory shows a bright continuum plus
a moderate strength, narrow absorption Brackett
gamma line at 2.16 microns in the K band (Clemens
et al. 2007). During eclipse, this feature is known to
exhibit some variable emission aspects, along with
appearance of CO absorption near 2.3 microns
(Backman et al. 1985; Hinkle and Simon 1987). Additionally, Spitzer Space Telescope IRS spectra obtained during Cycle 2 (2005-06) show a similarly
strong F star continuum and weak IR emission lines
of H-alpha and Fe II (Stencel, 2007).
In parallel, eclipse campaign observers, notably
Jeff Hopkins and Lothar Schanne (see report at this
meeting) are providing excellent UBVJH photometric
and H-alpha spectroscopic monitoring of this system,
which provide brightness and color information
spanning the PTI observations.
In order to obtain accurate visibility readings
from the calibration software, one must select bonafide calibrators (see vanBelle et al. 2008). In addition
to having well-known coordinates, proper motion and
parallax, calibrators must also meet additional criteria
such as being bright enough to be tracked by PTI,
while still appearing point-like by nature of size and
distance. For a calibrator star to be useful at PTI, an
angular diameter less than 1.0 milliarcseconds is desirable (van Belle & van Belle 2005), along with having stable visibility measurements.
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Raw data readings are acquired by the interferometer and stored as Level 0 data files. At the end of
the observing night, a program processes this data
using algorithms (Colavita 1999) to create Level 1
data files that are provided to the end user. Level 1
data consists of fringe and other data that has been
corrected for detector bias and then averaged. This
data can be provided to the user either as a series of
ASCII (space-separated data fields) or FITS files.
Specifically, the Level 1 data files consist of
Wide-band visibility squared ( “V^2” ) data, Spectrometer V^2 data, a baseline model, reduction configuration information, an observer log, a nightly
report, the catalog (schedule) file, and postscript plots
of the wide-band and spectral data. Along with a
calibration script and a baseline model (.baseline
file), the wide-band (.sum) and spectrometer (.spec)
files can be processed by wbCalib and nbCalib in the
V2calib package, distributed by the Michelson Science Center (2008), to create a portion of the Level 2
data products, calibrated wide- and narrow-band V^2
data. The two programs are quite particular on the
format of input files. Attention to precise formatting
of user-generated files is obligatory. If one does not
prescribe to the exact formatting as described at the
MSC website, even the most verbose error messages
may not be helpful. For example, if one creates a
calibration script that lists the target star along with
its ancillary information on one-line, instead of two,
the programs will generate calibrated output without
spatial information. Furthermore, the indication of a
small syntax error is either no-output from the program or a message indicating that one may have not
specified matching calibration scripts and Level 1
data files.
To ensure that the calibrated V^2 data is meaningful, one needs to examine the seeing, jitter and
system visibilities. The latter values for calibration
stars should range between 0.6 and 0.8 and vary
smoothly, to ensure that good diameters have been
measured relative to the resolved calibrators. Similarly, the calibrators can be alternatively used as targets to cross-calibrate and verify that one obtains an
expected value for a V^2 measurement (i.e. 1.0 for an
unresolved calibrator). Finally, if one assumes a particular stellar shape model (see below), one may fit
the measured V^2 to the model's visibility function to
obtain the diameter of the target star.
The V^2 data for epsilon Aur was fit to a uniform disk (“UD”) model, using a first-order Bessel
function (approximated using the first-five terms of
the power-series expansion), where B is the projected
baseline (Gaussian sum of the x and y projections),
resulting in the stellar angular diameter in radians,
and specific to the wavelength of light at which the
data was obtained.
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The uniform disk approximation is highly simplified when it comes to stars. The next most realistic
assumption is called limb-darkened (“LD”), where
the photospheric temperature variation with height
causes the edges of the star to be dimmer than the
line of sight center. This is clearly seen in solar images, and the center to limb contrast differs among
stars. Recent discussions of limb darkening among
yellow supergiant Cepheid variable stars (Marengo et
al. 2002), suggest effects at the 5% level, less at
longer wavelengths, although phase-dependent differences due to pulsation can increase the effect. For
our purposes with these “snapshot observations” we
will consider the Uniform Disk Diameter (UDD)
approximation sufficient for the present interpretation
of PTI angular diameter measurements.

5. Discussion and Implications
An interesting, preliminary result of our ensemble of measurements is that the error-weighted uniform disk diameter of epsilon Aurigae at 2.2 microns
is 2.35 +/- 0.15 milli-arcseconds (mas). More detailed
results are being prepared for publication elsewhere.
The PTI result is marginally consistent with the
NPOI optical diameter of 2.18 +/- 0.08 mas reported
by Nordgren et al. (2001). All of our data are within
three sigma of their value, suggesting no long term
trends, with one possible exception – 2008 Feb 18
(discussed below). If we adopt the nominal radius of
200 solar radii for the F supergiant (Carroll et al.
1991) at the Hipparcos distance, 625 pc, the implied
angular diameter is 3 milliarcsec, somewhat larger
than measured. For the Hipparcos distance, our
weighted mean UDD suggests a stellar radius of 158
solar radii, more consistent with the discussion by
Guinan and Dewarf (2002). The error on the Hipparcos parallax admits a range of distances from 450 to
850 pc (Guinan and Dewarf 2002), which formally
admits a range of radii from 114 to 213 solar radii.
Next generation astrometric satellites like GAIA will
hopefully refine the parallax value.
Naturally, at the end of the observing season, the
interferometric data showed peculiarities, possibly
correlated with photometric and spectroscopic
changes. Hopkins (2008) reported unusual brightening in UBV magnitudes of epsilon Aur during 2008
Feb, overlapping the final session of PTI measurements for the season. We cautiously note an increase
in the UDD during that interval of three days. This
star has shown 0.4 mag “flare” over the course of
hours (see Hopkins et al. – this conference,, and Nha
and Lee, 1983), and changes in radial velocity of 1
km/sec per day in the past (a shift from –12 to +19
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km/sec during a 30 day interval near mid-eclipse,
Struve, Pilans and Zebergs, 1958), so we should be
prepared for surprises. Observing conditions could
have been better those final nights, but we have to
wait for the next observing season to attempt confirmation. The infrared spectra are consistent with the
far-UV reported by Ake (2004) and his conclusion
that the emission is due to resonance scattering of
photons in the expanding wind of the supergiant or
disk from an occulted hot source, which is capable of
producing the short term variations in light and possibly apparent diameter variations.
Obvious next steps include continued interferometry during coming observing seasons, ideally
with imaging interferometry to go beyond uniform
disk diameter measurements. An important step in
the process involves predicting the disk transit interferometric signal. According to the prevailing model,
the 2+ milliarcsecond F star diameter might be expected to bifurcate into a pair of smaller sources of
light separated by ~2 milliarcseconds as the dark disk
transits, as suggested by our campaign logo
[http://www.hposoft.com/Campaign09.html ].

Image 2, Oct.2009

2D FFT 2

The FFT of image 1 is the familiar Airy or diffraction disk seen under ideal seeing conditions.
FFTs of images 2 and 3 show the development of
bisymmetric but rotating lobes of power that are subject to detection if sufficient u-v plane coverage is
possible with existing interferometers.

Image 3, 2010

2D FFT

6. Acknowledgements
Visit: http://www.hposoft.com/Campaign09.html
We are exploring what manner of interferometric
measurement might be expected if this disk eclipse
scenario is the case. Using an online 2-D Fourier
transform tool (Weber, 2008) helps approximate how
the interference pattern might evolve, as shown in the
following figures.

We stand on the shoulders of giants, to paraphrase Newton, and clearly owe thanks to the visionaries who established the PTI facility, along with our
colleagues who helped with the observing and discussion of results: Michelle Creech-Eakman (New
Mexico Tech), Alexa Hart (Denver U), Jeffery Hopkins (Hopkins Phoenix Observatory), Kevin
Rykowski (PTI) and Lothar Schanne (Volklinger
Observatory). We at the University of Denver Astronomy Program acknowledge important support
from the estate of William Herschel Womble.

7. References

Image 1, July 2009

2D FFT 1

Ake, T. (2004), “Epsilon Aurigae -- Is the Answer
Blowin' in the Wind?” in Astrophysics in the Far
Ultraviolet: Five Years of Discovery with FUSE ASP
Conference Series, Vol. 348, Eds. G. Sonneborn, H.
Moos, and B-G Andersson, 156-158.
Backman, D., Simon, T. and Hinkle, K. (1985),
“Emission in the hydrogen-Brackett lines of Epsilon
Aurigae during eclipse”. PASP 97, 1163-1171.

81

Mais et al – Adventures in Interferometry

Carroll, S.; Guinan, E., McCook, G. and Donahue, R.
(1991), “Interpreting epsilon Aurigae”. Astrophys. J.
367, 278-287.
Clemens, D., Sarcia, D., Grabau, A., Tollestrup, E.,
Buie, M.,
Dunham, E. and
Taylor, B. (2007),
“Mimir: A Near-Infrared Wide-Field Imager, Spectrometer and Polarimeter”. Pub. Astr. Soc. Pac. 119,
1385-1402.
Colavita, M. M.; Wallace, J. K.; Hines, B. E.; Gursel,
Y.; Malbet, F.; Palmer, D. L.; Pan, X. P.; Shao, M.;
Yu, J. W.; Boden, A. F.; and 7 coauthors (1999),
“The Palomar Testbed Interferometer”. Astron. J.
510, 505-521.
Guinan, E. and Dewarf, L. (2002), “Toward Solving
the Mysteries of the Exotic Eclipsing Binary epsilon
Aurigae: Two Thousand years of Observations and
Future Possibilities” in Exotic Stars as Challenges to
Evolution, ASP Conference Proceedings 279, 121142. San Francisco: Astronomical Society of the Pacific. Also IAU Colloquium 187. Edited by Christopher A. Tout and Walter Van Hamme. ISBN: 158381-122-2.
Hinkle, K. and Simon, T. (1987), “Two Micron CO
Absorption lines in the spectrum of epsilon Aur during eclipse”. Ap. J. 315, 296-304.
Hopkins, J. 2008 Epsilon Aurigae Campaign newsletter #5, http://www.hposoft.com/Campaign09.html
Lambert, D. and Sawyer, S. (1986), “epsilon Aur in
eclipse II absorption lines from the secondary”. PASP
98, 389-402.
Marengo, M., Sasselov, D., Karovska, M., Papaliolios, C. and Armstrong, J. (2002), “Theoretical Limb
Darkening for Pulsating Cepheids”. Ap. J. 567, 11311139.
Michelson Science Center (2008),
http://msc.caltech.edu/software/PTISupport/
calibration.html
Nha, I. and Lee, S. (1983), “Flare Activity of epsilon
Aurigae?” IBVS 2405.
Nordgren, T., Sudol, J. and Mozurkewich, D. (2001),
“Comparison of Stellar Angular Diameters from the
NPOI, the Mark III Optical Interferometer, and the
Infrared Flux Method”. Astron. J. 122, 2707-2712.
Stencel, R. E. (2007), “Evidence for a precessing disk
in the extreme binary, epsilon Aurigae" in Binary

82

Stars as Critical Tools & Tests in Contemporary Astrophysics, Proceedings of IAU Symposium 240.,
202-204. Edited by W.I. Hartkopf, E.F. Guinan and
P. Harmanec. Cambridge: Cambridge University
Press.
Stencel, R. E. (1985), "The 1982-84 Eclipse of epsilon Aur". NASA Conf. Pub. 2384.
http://www.du.edu/~rstencel/NASAcp2384.pdf,
or in hardcopy by request.
Struve, O., Pillans, H. and Zebergs, V. (1958), “The
Radial Velocity of Epsilon Aurigae”. Ap. J. 128, 287309.
Van Belle, G. T.; van Belle, G.; Creech-Eakman, M.;
Coyne, J.; Boden, A. F; Akeson, R.; Ciardi, D.;
Rykowski, K.; Thompson, R. R.; Lane, B. F.; PTI
Collaboration (2008), “The PTI Calibrator Catalog”.
Astrophys. J. Supplement Series (in press)
Weber, Steffen 2008 Fourier transform Java applet:
http://www.jcrystal.com/steffenweber/JAVA/jfourier/
jfourier.html

Benn – Solar Spectroscopy

Short Time Interval Solar Spectroscopy: A Possible
Method for Detecting Gravitational Waves?
Douglas K Benn
Professor Emeritus, University of Florida
Apdo 189-4013, Atenas 20501, COSTA RICA
benn@costaricace.com

Abstract
Detection of short time interval variations of visible light in solar spectra may be a possible method for detecting
gravitational waves.
Aim: Design and build a spectrometry system capable of detecting 0.15 mÅ shifts in the central frequency of
solar absorption lines captured at 1-200 fps.
Design: A coelostat was built using a 12” diameter flat primary mirror on a computer controlled tracking mount
and a static 12” flat secondary cold mirror. Reflected light enters a horizontally mounted 10” diameter Schmidt
Cassegrain telescope. Emerging light passes through an Iodine vapor cell providing a local spectral reference
and then into a 25µ air slit of a 4 meter focal length spectrometer with 3,600 l/mm grating. Spectra are recorded
with a 640x480x16 bit monochrome video camera and analyzed using the MIDAS astronomical software.
Construction completion date: May 2008.

1. Introduction

2. Hypothesis

In the 1990s two-dimensional solar spectroscopy
using video CCDs was reported for studying high
resolution features such as sun spots and their relationship to magnetic fields (Johannesson et al 1992).
However, short time interval (1-200 frames per second [fps] ) spectral analyses of larger regions, such as
the central region of the solar disc, have not been
reported. It has been suggested that local heated regions may develop in the solar core due to magnetic
instabilities (Grandpierre 2000; Grandpierre and
Agoston 2005). Grandpierre states “The obtained
results strongly suggest that the Sun deviates significantly from being a gravitationally stabilized quiescent fusion reactor. Although Grandpierre modeled
hot bubbles with travel times of hours, this author
wonders if more violent instabilities in the solar core
might occur? If the sudden release of large amounts
of energy from as yet unknown processes were to
occur this could result in the rapid displacement of
large amounts of core matter. If this was an irregular
motion of displaced matter then gravitational waves
(GW) should form (Schutz, 2003). In this preliminary
communication, the author discusses the design of
equipment for a method to detect the possible effect
of GWs on solar spectra.

GWs produced from the solar core will produce
spacetime distortions causing periodic shifts of absorption lines in the range of 1 to 1,000 Hz in the
solar spectrum.

3. Estimation of Magnitude of Solar
Gravitational Wave
The magnitude of a GW can be calculated from
the equation (1)
h = (2 * G * M)/(r * c2 )

Schutz (2005a)

h
G
R

gravitational wave amplitude
gravitational constant 6.67 x 10-11 m s-2 kg-1
distance to GW source , 6.9 x 108 meters
(approximate distance of the photosphere from
center of sun)
C light speed, 3 x 108 meters per second
M 1.99 x 1027 kg (1% of solar mass – mass of
Sun suddenly displaced)
By substituting the above values h=4.28x 10-8. At the
Earth’s surface h= 2.05 x 10-10.

83

Benn – Solar Spectroscopy

4. Significance of Gravitational Wave
Estimate

cold mirror is required to prevent 95% of the solar
infra-red energy entering the telescope.

Although an amplitude of 4.28 x 10-10 for the
GW may seem extremely small it is actually large
compared to the sensitivity that LIGO laser interferometers have reached of 10-22 (Adhikari et al
2006). The reason for the predicted high magnitude
of the solar GWs is due to the short distance of 6.9 x
108 meters between the source of the waves and the
photosphere where the interaction with photons is
postulated to occur. In contrast LIGO is designed to
detect GW from sources about 4.6 x 1023 meters distant from the detectors on Earth.

6.2 Telescope

5. Estimation of Magnitude of Periodic
Solar Spectral Shift

6.3 Iodine vapor Spectrophotometer Cell

Blamont and Roddier (1961) measured the gravitational red shift of strontium (7,699 Å) to be 12.16
mÅ and Snider (1972) 16.3 mÅ for potassium (4,607
Å). For an absorption line near 5,000 Å (see Iodine
vapor spectrophotometer cell below) the shift should
be approximately 15 mÅ. An assumption is now
made that reducing the solar mass by 1 %, the value
used in equation (1), would reduce the shift by 0.15
mÅ. This value may provide a guide to the required
resolution of a spectrometer to detect spectral shifts
caused by sudden core displacements of 1% of solar
mass.
5.1 Size of solar core displacement
Although a 1% displacement of core material is a
large amount of mass, the volume is much smaller
since the core accounts for 60% of solar mass but
only 3% of the volume.

6. Spectrometer system
The system is composed of a coelostat, telescope, Iodine vapor cell, spectrometer, and computer.
6.1 Coelostat
The coelostat was constructed from a design
provided by Veio (2007). A primary 12” diameter
front surface plane mirror type MAL201 (PG&O,
Santa Ana, CA) was mounted on a computer controlled mount for tracking the sun – Ioptron Cube
(Ioptron Corpn., Woburn, MA). A secondary 12”
diameter plane cold mirror type CMP130 (PG&O,
Santa Ana, CA) was mounted on a steel tower. The
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A 10” diameter LX200 Schmidt-Cassegrain f/10
2,500 mm focal length (Meade Instruments Corpn,
Irvine, CA) was mounted 7’ above the ground so that
the central ray would enter the elevated spectrometer.
The telescope is required to concentrate the solar
light into a 1” disc which is projected onto the spectrometer air slit. Any region of the solar disc can be
sampled as the telescope position is adjustable, similar to moving a digital light projector.

A 50 mm diameter x 50 mm length Pyrex spectrophotometer cell (Part # 35-PX-05-Q1715 Starna
Cells Inc., Atascadero, CA) was placed in the path of
the solar beam at the telescope exit and before the
spectrometer air slit. The cell contains pure Iodine
vapor at one atmosphere. The purpose of the cell is to
superimpose Iodine absorption lines onto the solar
spectrum to provide a local spectral reference. In this
way spectral changes due to local factors versus solar
phenomena can be distinguished. Also the Iodine
lines provide a calibration reference with 5% absorbance around 5,200 Å.
6.4 Spectrometer
The spectrometer was approximately 2.2 x 1.0 x
0.3 m in size constructed from a frame of rectangular
steel tubes covered by plywood (Figure 1). The light
enters through a 25 μ air slit and travels 2 meters to a
6” diameter focusing mirror with a 4,000 mm focal
length. Two meters from the focusing mirror is a 6”
rectangular flat mirror to turn the beam towards the
diffraction grating which is 2 meters away. The diffraction grating is 4” x 4” with 3,600 grooves per mm
with a blazed surface (Holograte, St. Petersberg, Russia). At 5,000 Å the first order diffraction should be
50% of the incident light.
A remote controlled motor was constructed to allow both manual and automated control of the grating
rotation about the vertical axis. The manual control is
used for initial positioning and the automated control
for negative feedback to compensate for thermal
changes causing the spectrum to drift across the camera chip.
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absorption line is approximately 70 mÅ wide at the
half height position or about 50 pixels wide. With a
multicolumn pixel sample it should be possible to
isolate the central frequency to an accuracy of 10% of
a pixel or 0.17 mÅ. If the SN is high, then 0.085 mÅ
or better may be achievable. In figure 2A the higher
SN can be seen at 7 fps compared to 180 fps (figure
2B).
Figure 1. Spectrometer. C = concave mirror 4,000 mm
focal length; F = flat mirror; G = grating 3,600
grooves/mm; M = motor to turn grating.

The diffracted beam is then reflected via an identical arrangement of flat and focusing mirrors to a
video camera (Lu075, Lumenara Corpn., Ottawa,
Ontario, Canada). The monochrome camera is 640 x
480 x 16 bits although only 12 bits are used. Via
software control (Streampix – Norpix Inc., Montreal,
Quebec, Canada) it is possible to reduce the regionof-interest (ROI) to the size of the spectral image
resulting in a FITS file 640x120x 16 bits using
100KB of storage. As the ROI is reduced the frame
capture rates increase to about 180 fps. An earlier
version of the spectrometer with 1 m focal length and
a 1,800 grooves/mm grating achieved up to 180 fps
(Figure 2).

8. Conclusion
A possible method for detecting large gravitational waves generated by sudden movements of matter in the solar core has been described. Alignment of
the spectrometer and capture of solar spectra will
commence shortly.
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Abstract
The American Association of Variable Star Observers (AAVSO) published a comprehensive variable star curriculum, “Hands-On Astrophysics, Variable Stars in Science, Math, and Computer Education” in 1997. The curriculum, funded by the National Science Foundation, was developed for a comprehensive audience – amateur astronomers, classroom educators, science fair projects, astronomy clubs, family learning, and anyone interested
in learning about variable stars. Some of the activities from the Hands-On Astrophysics curriculum have been
incorporated into the educational materials for the Chandra X-Ray Observatory’s Educational and Public Outreach (EPO) Office. On two occasions, in 2000 and 2001, triggered by alerts from amateur astronomers,
Chandra observed the outburst of the dwarf nova SS Cygni. The cooperation of amateur variable star astronomers and Chandra X-Ray scientists provided proof that the collaboration of amateur and professional astronomers is a powerful tool to study cosmic phenomena. Once again, the Chandra and AAVSO have teamed up –
this time to promote variable star education. The Hands-On Astrophysics curriculum is being re-designed and
updated from the original materials to a web-based format. The new version, re-named Variable Star Astronomy,
will provide formal and informal educators, and especially amateur astronomers, educational materials to help
promote interest in and knowledge of variable stars.

1. Introduction

In February of 1990 Dr. Janet A. Mattei, who
was at that time the director of the American Association of Variable Star Observers (AAVSO) attended “An Educational Initiative in Astronomy”
workshop, supported by NASA, in Washington, DC.
Dr. Bassam Z. Shakhashiri, then Director of the National Science Foundation’s Education Division, suggested that organizations like AAVSO have the best
tools to attract the attention and imagination of students, educators, and the general public. Dr. Shakashiri and the other presenters at the workshop discussed opportunities and objectives, and recommended strategies for education outreach projects.
The workshop gave Dr. Mattei the idea of developing
a formal curriculum using the AAVSO’s unique vari-

able star database – the AAVSO had for several years
been a source of information and guidance to students who had decided to study variable stars for
class or science fair projects. The workshop, combined with prior success in working with students,
provided the impetus for what would become a comprehensive curriculum package – Hands-On Astrophysics, Variable Stars in Science, Math, and Computer Education (HOA). [1]
A colleague of Dr. Mattei, Dr. John R. Percy at
the University of Toronto, had been a leading advocate of astronomy education for decades, and had
been using AAVSO variable star observations in several projects for his students at the university. Inspired by the Washington, DC workshop, Dr. Mattei
and Dr. Percy, with the endorsement of the AAVSO
Council, decided to work together to develop a curriculum based on their many combined years of experience in guiding students, and utilizing the extensive archive of AAVSO variable star observations.
[1]
As Co-Directors of the Hands-On Astrophysics
(HOA) curriculum project, Dr. Mattei and Dr. Percy
wrote and were awarded funding by the Education
Division of the National Science Foundation (NSF)
through Grant No. ESI-9154091 to develop the curriculum package. Dr. Gerhard L. Salinger, the NSF
Instructional Materials Development Program Director at that time, recognized the potential of the
Hands-On Astrophysics (HOA) project and provided
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invaluable guidance and recommendations throughout its development. After a few workshops with
teachers, and with a guideline of content suggestions,
Donna L. Young, was hired to write Hands-On Astrophysics (HOA); with invaluable contributions of
amateur astronomers and AAVSO staff members,
Hands-On Astrophysics (HOA) was published by the
AAVSO in 1997. [1]
After authoring Hands-On Astrophysics (HOA),
Donna L. Young became the Lead Educator for the
Chandra X-Ray Center Education and Outreach Office, developing and presenting astrophysics curricula
materials to formal and informal educators around the
country and at various conferences, meetings and
workshops.

Chandra, one of NASA’s three great observatories, is dedicated to the study of phenomena which
emit in the X-ray band of the spectrum, and images
many objects that are variable in nature – from red
giants, novae and supernovae to white dwarfs and Xray binaries. Some of the objects imaged by Chandra
are among those observed in the optical region of the
spectrum by AAVSO observers. This has provided
the opportunity for both furthering the promotion of
Hands-On Astrophysics (HOA) and enriching the
Chandra educational materials website. With the
permission of Dr. Janet Mattei, two activities from
HOA were posted on the Chandra website in HTLM,
PDF, Flash and PowerPoint formats. These activities
are located at
http://chandra.harvard.edu/edu/formal/variable_stars [2]
This was not the first time that the Chandra XRay Center (CXC) and AAVSO had worked together. On September 14th, 2000 and again in January
of 2001, amateur observers from AAVSO provided
Chandra scientists with a crucial initial warning that
the dwarf nova SS Cygni was brightening. The collaboration of the professional scientists with the ama-

88

teur observers was a powerful combination – which
led to a Target of Opportunity (TOO) observation of
SS Cygni and contributed to a deeper understanding
of the complicated physical processes involved in the
SS Cygni system.
The AAVSO observers all share a love and curiosity about variable stars. The data that they provide
can be used by amateur and professional astronomers
to advance scientific knowledge, and also to help
students, educators and the general public appreciate
and study variable stars. The AAVSO community
provides an excellent opportunity for educational
outreach – and in 2007 an Education Board was established with approval from the AAVSO Council.
Donna L Young, both on the AAVSO Education
Board and still involved with curricular development
for the Chandra EPO office – with approval and support from Kathleen Lestition, the Director of the
Chandra EPO office – approached Dr. Arne Henden,
the current Director of AAVSO with a proposition
involving the redesign of the Hands-On Astrophysics
(HOA) curriculum. [3]
Donna L. Young is also the National Event Supervisor for the Astronomy event for the National
Science Olympiad; and in that capacity writes the
event rules for coaches and teams to follow, and
writes the national competition event. The focus topic
for the past two years and the 2008 competition is
variable stars, and the AAVSO website is promoted
as the best resource for the tens of thousands of students preparing for the regional, state, and national
competitions. The remaining few hundred HOA curriculum packages were purchased and given to participants at Science Olympiad coaches clinics and
Chandra Astronomy workshops over the past few
years. There are no more copies available; however,
the activities are unique and still remain a rich resource for educational outreach programs. Donna L.
Young volunteered to use her Chandra resources to
revise, update and redesign HOA to be posted on the
AAVSO website without cost to AAVSO. The original curriculum was constructed as a hard copy product – and it was written and published eleven years
ago. With the current technological innovations,
HOA has the potential to be a powerful new educational tool for anyone interested in astronomy outreach.
There have been many changes since the original
curriculum was published. Dr. Arne Henden has
become the Director of AAVSO, and headquarters
has moved around the corner to its new location at 49
Bay State Road in Cambridge, MA. There will also
be changes to Hands-On Astrophysics – including the
name. The new name for the curriculum is Variable
Star Astronomy (VSA) – a better description of the
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curriculum content, and less intimidating for
educators and the public.

New AAVSO Headquarters.

The Variable Star Astronomy (VSA) curriculum
consists of a 13-chapter student manual (250 pages),
and an accompanying 100 page teacher manual. The
content is supported by, and keyed to, specific
themes and topics in the National Science Standards
and Benchmarks. Also included are slides, prints,
and star charts to accompany some of the activities,
as well as a video and a statistical analysis software
package called VSTAR with a user’s manual. Other
ancillary materials on the AAVSO website are
HOAFUN and HOAENTER. At this time – April
2008 – all thirteen student chapters, the introduction
and the glossary have been converted to PDF format.
The teacher section is scheduled for completion by
July.

analysis tool. Teachers, students and observers can use
the VSTAR program to look at different types of variable stars, their light curves, and determine their periods, as well as analyze the periodicity by producing
phase diagrams. VSTAR was written in the computer
programming language in use eleven years ago –
DOS – and will be converted to Flash. [3]
Once Variable Star Astronomy (VSA) has been
updated and converted into current applications it
will be a powerful and flexible tool for education
outreach. The activities that are currently on the
Chandra website will be linked to the PDF version
posted on the AAVSO website, as well as other activities from the curriculum that are in the development process to be posted on the Chandra website in
HTML, PDF, Flash, and PowerPoint formats. The
curriculum will be further enriched by links to other
resources on the AAVSO website – such as the Observers Manual and the Variable Star of the Season
(VSOTS) archive. VSA is a Self-directed study,
which involves students and teachers in real science;
however, it has been developed for anyone who is
interested in astronomy, and the materials are equally
suitable for amateur astronomers who want to learn
about stellar processes and the fascinating nature of
variable stars. Variable Star Astronomy can be utilized not only in the classroom, but for informal educational outreach such as science projects, astronomy
club activities, and the general community. In 1998
UNICEF named HOA as the international educational product of the year for its potential to engage
an entire community in a common endeavor.

2. Conclusion

The video has been converted to DVD format by
AAVSO member Roger Korman. The slides have
been digitized, and the charts are on the AAVSO
website in electronic form. VSTAR is a unique dualpurpose software program written by Grant Foster –
the former AAVSO statistician. .VSTAR will display
a graph of the several dozen stars from the included
AAVSO International Database, or from data provided by the students themselves; and it is a sophisticated, powerful mathematical and statistical data

Chandra and AAVSO have proven to be a powerful combination, whether engaged in back-to-back
observations of a variable star, or providing exceptional educational materials for formal and informal
educators. The actual observational data on which the
Variable Star Astronomy curriculum is based was
contributed to the AAVSO International Database by
thousands of amateur astronomers worldwide. The
Chandra public archive contains x-ray data collected
by professional scientists with observing time on the
spacecraft over the past decade. Both organizations
have powerful software packages, the AAVSO
VSTAR statistical analysis software and the Chandra
DS9 image analysis software, that allow students and
educators to study stellar variability and engage in
real scientific research. Both AAVSO and Chandra
have staff and members passionate about providing
the educational community with the resources that
will assist them in sharing that passion with young
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people, students, the community, and the general
public.
The revisions and updates and new web-based
format will transition this unique and still powerful
curriculum package into a revitalized and exciting
educational tool for AAVSO’s education and public
outreach program.
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Observations and Analysis of Three RR Lyrae Stars
Brian D. Warner
Palmer Divide Observatory/Space Science Institute
17995 Bakers Farm Rd.
Colorado Springs, CO 80908
brian@MinorPlanetObserver.com

Abstract
Among the areas of astronomical research most open and suited to the backyard astronomer, that of variable
stars probably provides the most variety and work. With thousands of variables within reach that are only poorly
understood, there is no want for research projects. While most work at the Palmer Divide Observatory is dedicated to asteroid photometry, from time-to-time variable stars make it to the observing list. In this paper, three
“full moon project” variables are presented, all intrinsic variables of type RR Lyrae. The estimated period and
amplitude is provided along with multi-color data in some cases. Also discussed will be how to derive sequences
for fields were no photometry is available from the AAVSO as well as submitting data to the AAVSO using the
recently-adopted format for CCD observers.

1. Introduction

2. Equipment and Software

I’ve been interested in variable stars for many
years. However, most of my work is in the field of
asteroid photometry, including finding lightcurve
period and amplitude, absolute magnitude and phase
slope parameter, and – most recently – spin axis and
shape modeling. In order to extend the sample of
asteroids, most targets are 15th magnitude and fainter,
meaning that near the time of full moon, most targets
are too faint to work with sufficient signal-to-noise
(SNR). Since photons are a terrible thing to waste, if
the weather allows, some of the telescopes at the
PDO are aimed at moderately bright (10-14th magnitude) variable stars. Since time is limited – a few
days either side of full moon – the selected targets are
those with known periods on the order of 0.3-0.6d.
This way, all or most of a cycle can be captured in
one or two nights and so make a complete curve. I do
check with resources on the web such as the
AAVSO’s International Variable Star Database
(HTTP), the AAVSO’s data base (HTTP), and the
IBVS (HTTP) to locate variables where complete
curves are scarce or non-existent, that haven’t been
worked for some time, or just might be interesting. In
particular, I try to find at least one eclipsing binary of
the W UMa type (contact binaries) since those were
what sparked my interest in variable stars.
During the period of 2007 October through 2008
March, I obtained complete, or very nearly so, lightcurves for seven variable stars and partial curves on
about as many more. Results on those thereof those
more thoroughly-covered stars are presented in this
paper.

The Palmer Divide Observatory is located north
of Colorado Springs, CO, at 2300 m elevation. Four
telescopes are housed in two buildings. A 0.5 m
Ritchey-Chretien equipped with an SBIG STL-1001E
occupies one building while three 0.35 m LX-200
GPS telescopes with various cameras occupy the
second. Each telescope/camera combination is controlled by a separate computer, all of which are on a
local network (LAN) that extends into the author’s
home about 25 m from the observatory buildings, and
are monitored via remote desktop software (RAdmin). MPO Connections (Bdw Publishing 2008) provides scripted control of the telescopes and cameras
to the point where I can watch TV or go to bed and
have the images on the office computer when I get
up. The images are processed and measured in MPO
Canopus (Bdw Publishing 2008), which also includes
the FALC Fourier analysis algorithm by Harris
(1989). This works in most cases but, for some variables, other analysis packages would probably be
better suited to the task. Modeling of eclipsing binary
stars is done with David Bradstreet’s Binary Maker 3
(Contact Software 2008).

3. Program Description
The first step is to determine which variable to
work. Some of the considerations made when picking
a new target are:
•

The star must be near the eastern horizon at
the end twilight (~30° altitude or more).
This allows for the longest possible run. Depending on the star’s declination and time of
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year, this means an observing session of between 6 and 11 hours.
•

The type of variable is usually RR(ab) Lyr
or W UMa. These tend to have shorter periods and so can be covered in a single run.
Furthermore, both have particularly interesting lightcurves. The W UMa stars can also
be modeled with Binary Maker 3, providing
an even higher return on the investment of
observing time.

•

The star must be bright enough through the
cycle to be readily worked with a V or R filter. For variable observations of these types
of objects, filtered data is strongly preferred.
If nothing else, it makes for easier standardization for direct comparison to data from
other observers. At PDO, this consideration
means the star must stay above mag. 15 V to
get an SNR of at least 100 (~ 0.01 mag precision) with 3-minute exposures.

•

If possible, photometry for field stars should
be available. A visit to the Variable Star
Plotter on the AAVSO site (HTTP) quickly
shows if this is the case. This is not, however, a critical requirement. If necessary, I
develop my own sequences as described
later on.

•

The star should not be “over-observed.” It’s
a sad fact that some stars are saturated by
observes while hundreds of others just as interesting or challenging are hardly observed.
Even if so, it’s not uncommon that an observer gets a few data points and moves on.
For a long period variable (LPV), this is fine
but for stars with short periods or that show
rapid, very short changes (“flickering”), this
is not good. Quantity is sometimes stressed
over quality, but it’s possible to make quality work by providing a high quantity of data
on a single target just as much as it is by
providing a few data points on a quantity of
targets.

Once a target is selected a script is written that
will take the necessary images. Usually this means
taking a continuous series of at least V or R images,
but often alternating V/R, for as long as the star is
above 30° altitude and between end of evening twilight to start of morning twilight. Two color observations are important for finding the average color index used when reducing the data to a standard system
or modeling in Binary Maker 3. They also show how
the stars behave in different colors, which can reveal
significant information about their structure. For ex-
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ample, the RRab Lyr stars change color over the
course of their cycle, having a minimum color difference at maximum (see Figure X). In eclipsing systems, two color observations can help reveal the
presence of hot or dark spots on one or both stars,
thus helping with modeling. “More Data!” is often
said when working asteroid lightcurves. The same
applies for almost any field of research. The more
information one can acquire on a variable star, the
better chance he has of understating its true nature.
3.1 Program Description: Quick Sequences
A sequence of calibrated comparison stars is not
always available for a selected star. This should not
be a deterrent to working it. The AAVSO team can
do only so much and while new sequences are being
made and many more updated and to be released in
the near future, the stars wait for no man. It’s not that
hard to get a good initial sequence for a target field,
one that allows you to make reasonable color index
corrections and get your measurements on a standard
system. That system may not match the standard
Johnson-Cousins system (BVRcIc), but with care, the
transition between the two will be a simple linear
function or, even better, constant offset.
For those not familiar, color index is the difference in magnitudes for an object when measured in
two different colors. The most common color indices
are B-V, V-R, and V-I. So, for example, a star that is
found to be B = 14.500 and V = 14.000 has a B-V
color index of 0.500 (14.500 – 14.000).
A word of caution: the technique about to be described is sometimes called “all-sky photometry.”
You’ve probably heard bad things about that, and for
good reason. It does require considerable care and
attention to details. It is not for the beginner photometrist. However, it’s far from impossible and,
there are some things you can do to simplify the
process and still keep errors under control.
The goal here is to establish an initial sequence
so that you can have more flexibility in choosing
comparisons by being able to account for color index
differences. I prefer to do this over the “Simplified
Differential Photometry” approach described below
and that has been used so successfully for many
years. While that approach has served well, the more
you can do to improve the accuracy of your data, the
better science will be served.
3.1.1.

Quick Sequences: The Method

To get a good initial sequence, you first need to
determine the transforms for your system. Transforms are a set of equations, easily determined, that
convert magnitudes on your system to a standard
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system, usually Johnson-Cousins. I won’t go into
details here but instead refer you to my book, A Practical Guide to Lightcurve Photometry and Analysis,
or to Astronomical Photometry by Henden and
Kaitchuck.
In short, you shoot a reference field, one with
well-calibrated magnitudes (M67 is a good example)
in two or more filters. Do the same for the variable
star field. Using the images from the reference field,
you can find the transforms for you system. When
those transforms are applied to the measurements for
the variable star field, you can derive calibrated
“standard” magnitudes for the selected comparison
stars as well as correct for color differences between
the variable and comparisons. This can significantly
improve the accuracy of your measurements. Again,
your magnitudes may not be the same as when a
higher quality sequence is found, but if you’ve been
careful, then your data will probably require only a
simple constant offset to make them match the magnitudes based on the new sequence.
3.1.2.

4. Data Reduction
All images were processed with dark frames and
flat fields in MPO Canopus using the PhotoRed
(Photometric Reductions) utility. Once the system
transforms were found and, if necessary, comparison
star sequences were determined, the processing was
mostly automatic.
•

•

Simplified Differential Photometry

If you’re not comfortable trying to generate your
own sequence, do not let this stop you. Instead, make
your observations in a standard filter, usually V, and
do the simple reductions where you simply take the
different in instrumental magnitudes between a target
and a comparison and add that to the known (or assumed) magnitude of the comparison. For example,
for any given filter
Δm = (mv – mc)

(1)

Mv = Mc + Δm

(2)

Where mv = instrumental magnitude of variable
(not v for visual)
mc = instrumental magnitude of comparison
Mv = reduced magnitude of the variable
Mc = known (assumed) magnitude of the
comparison
This technique has been used for years and
serves quite well. It does not allow for color differences, i.e., the variable and comparison have different
color indices, which shows why it’s a good idea to
use comparison stars of similar color to the variable.
This is not always possible and if a star changes color
significantly over its cycle, you’re forced to use an
average value or attempt the more difficult task of
using a different color index value for each observation or at least group of observations.

•

•

A “batch reference file” was created. This is
simple text file that gives data for one or
more comparisons, a check star for ensemble photometry under the new AAVSO
guidelines, and the variable itself. Each line
for the comps and check contains the
RA/Declination, BVRcIc magnitudes, and a
selected color index (usually V-R for my
work). The only important data in the line
for the variable gives the RA/Declination
and color index.
The Batch Photometry form is then used to
tell the program which images to measure
and some specific default data to be included in the data files.
Once the processing begins, each image is
automatically measured by finding the plate
constants that convert X/Y coordinates to
RA/Declination and vice versa. Using the
data in the batch reference file, the program
is able to find the comparisons, check, and
variable and store instrumental magnitude
and SNR.
The final step is to perform ensemble photometry, including transforms if desired, and
store the final results in one of two data tables.

The Batch Photometry form is not restricted to
measuring data from a single star on a single night.
One could have images of multiple targets over several nights and the program will measure them all in
a single pass, all without human intervention. This is
quite a relief when there are hundreds of images to
measure. The downside to this is, of course, that program will try to measure any image, no matter how
bad (blank due to clouds, bad tracking, etc.). In lieu
of previewing every image, one can simply plot the
final data and eliminate (or determine the cause) any
bad data points before generating the final report.
4.1 Data Reduction: Ensemble Photometry
Ensemble photometry is accomplished by deriving the magnitude of the variable using one comparison star at a time. If selected, this includes correction
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for first order extinction and color differences by
applying the transforms found previously. The final
reduced magnitude is the arithmetic mean of those
individual reduced magnitudes. This is done so that
the color difference between each comparison and the
variable can be taken into separate account. If one
just used the simple arithmetic mean of the comparison magnitudes (or, more appropriately, the flux values) and used that to form a differential magnitude,
i.e., mv - mcavg, that would introduce errors if the
comparisons and variable were of different colors.
The error is a bit more complex. It is the standard
deviation of the arithmetic mean added in quadrature
with the 1.0857/SNR errors of the individual comparisons and variable. While not fully correct by any
means, this at least does not underestimate the errors.
4.2 Data Reduction: Reports and Submission
PhotoRed generates several different reports
based on data from the automated processing, one of
which is fully-compatible with the AAVSO’s newly
adopted CCD observations submission format (Figure 1). Each report can contain data from a single star
on a single night or multiple stars on multiple nights.
However, it’s better to break out the reports by at
least individual stars in order to keep the file size
manageable. If nothing else, if there is a problem
with a given file, this has an impact on the least
amount of data.
Another report generates files that are compatible with MPO Canopus and can be imported into that
program for period analysis and plotting. The plots in
this paper were generated by this method.

5. Three RR Lyrae Stars
The three variable stars presented in this paper
are of type RR Lyrae, sometimes called “cluster variables” since they are often found in globular clusters.
Specifically, all three are of type RRab, a subgroup
that shows a very rapid rise from minimum to maximum and then a much longer descent to the next
minimum. A detailed description of these variables is
beyond the scope of this paper. Suffice it to say these
are intrinsic variable stars, meaning that the cause
for their variability is due to internal forces, e.g., pulsations, rather than external such as in a binary system with eclipses. See the References section for excellent books on this topic. In particular, I recommend John Percy’s Understanding Variable Stars
(more technical) and Gerry A. Good’s Observing
Variable Stars.
Finder charts indicating the comparison and
check stars are located at the end of this paper. These
are from the AAVSO’s Variable Star Plotter and used
here with permission.

Figure 1. Sample of the new AAVSO CCD observations format.
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5.1 ET PER

Figure 2. ET PER, V observations.

light. This is believed to be due to shock waves
(“bounces”) within the star (Percy 2007).
Times of maximum (HJD) were found for two
dates using the method of Hertzsprung as described
by Henden and Kaitchuck (1990). Table 2 shows
these times as well as those found in different issues
of the IBVS and the GCVS. The times of minimum
using the General Catalog of Variable Stars (GCVS,
Kholopov, P.N., et al, 1985) ephemeris were calculated and compared against those from the IBVS and
this paper. Figure 4 shows the O-C values based on
the GCVS ephemeris. The trend line for the data is
essentially flat, especially if the data for Auger are
removed from the solution. This would indicate that
the period is not evolving. Using the latest TOM reported here and the GSVS epoch, a new ephemeris
was computed and O-C values were re-calculated.
Those are reported in Table 2 as well. The proposed
new ephemeris is:
Tmax = 2454429.735 ± 0.002 d
+ 0.39401444 ± 0.00000002 d * E

Figure 3. ET PER, V and R observations from 2007 October 23.

No AAVSO sequence was available for this
field, so I created my own. The magnitudes and color
indices are shown in Table 1.
Sodor et al (2007) found a period of 0.3940135 d
based on data from 8 nights from JD 2453988 to
2454171 (2006 Sept. 10 – 2007 Mar. 11). I observed
the star from 2007 October 23 – November 25. All
observations, except on 2007 October 23, were in V
only. V and R data were obtained on 2007 October
23, which shows a striking difference in amplitude in
the two colors (Figure 3), which was shown as well
by Sodar et al. The V amplitude ranged from 12.21 to
13.53. No maximum was caught in R, so the amplitude range in that band cannot be given.
Typical of the RRab Lyrae stars, there is a rapid
increase from minimum to maximum, followed by a
slow decline to the next minimum. In some cases,
there is a “bump” as the curve approaches minimum

Figure 4. ET PER, O-C values.
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ID (2MASS)

RA

Dec

V

R

V-R

Chart ID

Variable

ET PER

01 39 22.15

+53 52 18.8

Comp

J01393818+5355304

01 39 38.19

+53 55 30.5

13.352

12.871

0.481

0.486
A

Comp

J01391547+5352478

01 39 15.47

+53 52 47.9

11.746

11.519

0.227

C

Check

J01385791+5352515

01 38 57.92

+53 52 51.6

12.319

11.938

0.381

B

Table 1. Comparison and check stars for ET PER.

Source
GCVS
Agerer
Hubscher
Sodor

Warner

SPAN

Tmax (Reported)

Period (d)

Cycles

Tmax (Calc)

O-CGCVS (d)

2428183.2510 0.39401370
2452179.5240
2452183.4640
2453654.3150
2453733.9048
2454000.2585
2454171.2620
2454399.7878
2454429.7352

60902
60912
64645
64847
65523
65957
66537
66613

2452179.473357
2452183.413494
2453654.266637
2453733.857404
2454000.210665
2454171.212611
2454399.740557
2454429.685598

+0.050643
+0.050506
+0.048363
+0.047396
+0.047835
+0.049389
+0.047243
+0.049602

2454429.7352

66613

0.39401444

-0.00000074

O-Cnew (d)
+0.0000000
–0.0052933
–0.0051488
–0.0002270
+0.0008908
+0.0009554
–0.0002757
+0.0023022
+0.0000000

Table 2. Times of maximum for ET PER. Column 2 gives the HJD (heliocentric-corrected Julian Date) for the time of
maximum as reported by the source given in column 1. The GCVS HJD is T0, i.e., the zero point for O-C calculations.
The GCVS period is given in column 2. This was used to compute the O-C values. Column 3 gives the number of cycles from T0 to Tmax assuming the GCVS period. Column 4 gives the nearest whole number of cycles between T0 and
Tmax using the GCVS period. Column 5 gives the predicted Tmax using the GCVS ephemeris and number of cycles in
Column 4. Column 5 is the difference, in days, between the HJD in columns 2 and 5, i.e., HJD2 – HJD5. The last row
gives the HJD that yields the largest T0-Tmax, the number of cycles based on the GCVS period, and the period that results in a zero-residual for (T0-Tmax) / Cyclesspan. Column 6 gives the revised O-C values based on the new period. The
value to the right of the new period is the difference between periods, i.e., GCVS – New, in days.

96

Warner – Three RR Lyrae Stars

mum found as a result of this research. See the caption under Table 2 for details about the various columns.
Table 4 shows numerous times of minimum
found in the IBVS journals along with the GCVS
epoch and period and the times of minimum found as
a result of this research. See the caption under Table
2 for details about the various columns.

5.2 TZ AUR

Figure 5. Combined V and R plots of TZ AUR.

This variable was worked on 2008 January 20
and 23-25. V and R images were taken in alternating
succession throughout each session. Figure 5 shows
the combined data where, once again, the change in
color is very apparent. The amplitude in V ranged
from V = 11.09 to 12.42. In R, the amplitude range
was R = 11.04 to 12.14
The color index goes from V-R ~ 0.05 at maximum (A3, 8700K) to V-R ~ 0.28 at minimum (F7,
6200K). A photometric sequence was available from
the AAVSO for this star. Table 3 shows the magnitudes and color indices for the comparison and check
stars that were used. Table 4 shows numerous times
of minimum found in the IBVS journals along with
the GCVS epoch and period and the times of miniID (AAVSO UID)

RA

Figure 6. The O-C plot for TZ AUR. See text for details.

Based on the time of maximums found here and
analysis of O-C times, a new ephemeris for TZ AUR
is:
Tmax = 2454489.6648 ± 0.002 d
+ 0.39167477 ± 0.00000002 d * E

Dec

V

R

V-R

Chart ID

Variable

TZ PER

07 11 35.00 +40 46 37.0

Comp

000-BBM-657

07 11 22.93 +40 43 57.9

12.503

12.117

0.326

0.150
125

Comp

000-BBM-684

07 11 59.13 +40 45 42.1

12.677

12.336

0.341

127

Comp

000-BBM-664

07 11 39.06 +40 49 57.6

10.903

10.691

0.212

109

Check

000-BBM-696

07 12 11.76 +40 44 19.6

11.834

11.117

0.717

118

Table 3. Comparison and check stars for TZ PER.
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Source
GCVS
Agerer (2002)
Agerer (2003)
Le Borgne (2004)
Le Borgne (2005)
Hubscher (2005a)

Hubscher (2005b)

Le Borgne (2006a)
Jurcsik (2006)
Le Borgne (2006b)
Hubscher (2006)

Le Borgne (2007a)

Le Borgne (2007b)

Hubscher (2007)

Warner
SPAN

Tmax (Reported)
2419902.4324
2451952.3952
2452279.4415
2452188.5713
2452321.3497
2453034.5980
2453354.5890
2451898.7360
2452949.5942
2453069.4545
2453098.4380
2453378.4798
2453407.4691
2453705.5310
2453343.6220
2453737.6470
2453654.6123
2453745.4823
2453751.3555
2453752.5340
2453760.3658
2454034.5370
2454036.4950
2454039.6300
2454045.5050
2454058.4260
2454061.5610
2454081.5370
2454091.3290
2454100.3380
2454108.5620
2454192.3850
2454194.3380
2454136.3723
2454174.3650
2454203.3488
2454488.8794
2454489.6648
2454489.6648
2454489.6648

Period (d)
0.391674615

Cycles
81828
82663
82431
82770
84591
85408
81691
84374
84680
84754
85469
85543
86304
85380
86386
86174
86406
86421
86424
86444
87144
87149
87157
87172
87205
87213
87264
87289
87312
87333
87547
87552
87404
87501
87575
88304
88306
88306

Tmax (Calc)
2451952.3828
2452279.4311
2452188.5626
2452321.3403
2453034.5798
2453354.5779
2451898.7234
2452949.5864
2453069.4388
2453098.4227
2453378.4701
2453407.4540
2453705.5184
2453343.6110
2453737.6357
2453654.6007
2453745.4691
2453751.3443
2453752.5193
2453760.3528
2454034.5251
2454036.4834
2454039.6168
2454045.4919
2454058.4172
2454061.5506
2454081.5260
2454091.3179
2454100.3264
2454108.5516
2454192.3699
2454194.3283
2454136.3604
2454174.3529
2454203.3368
2454488.8676
2454489.6510

O-CGCVS (d)
+0.000000
+0.012404
+0.010400
+0.008711
+0.009416
+0.018243
+0.011082
+0.012626
+0.007834
+0.015702
+0.015280
+0.009731
+0.015109
+0.012627
+0.010971
+0.011309
+0.011627
+0.013116
+0.011197
+0.014673
+0.012981
+0.011950
+0.011577
+0.013180
+0.013061
+0.008799
+0.010402
+0.010997
+0.011131
+0.011615
+0.010448
+0.015081
+0.009708
+0.011851
+0.012113
+0.011991
+0.011797
+0.013848

0.39167477

-0.00000016

O-Cnew (d)
+0.0000000
+0.0004282
+0.0025626
+0.0042156
+0.0035632
–0.0049773
+0.0023113
+0.0001844
+0.0053972
–0.0024226
–0.0019895
+0.0036724
–0.0016945
+0.0009068
+0.0024177
+0.0022381
+0.0018865
+0.0004335
+0.0023551
–0.0011206
+0.0005749
+0.0017151
+0.0020890
+0.0004872
+0.0006088
+0.0048762
+0.0032744
+0.0026878
+0.0025571
+0.0020768
+0.0032470
–0.0013518
+0.0040221
+0.0018558
+0.0016087
+0.0017418
+0.0020505
+0.0000000

Table 4. Times of minimum for TZ PER. See the caption for Table 2 for a description of the column values.
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5.3 SV CNC

Figure 6. Plot of SV CNC, R-filter.

SV CNC was worked on 2008 March 19-22 and
24 using only the R filter. The amplitude of the curve
ranged from R = 13.78 to 14.68. The “hump” near
minimum light is a little more pronounced in this star
that the other two in this paper (Figure 6). V observations were made for a short interval on one night in
2008 April near minimum light, to determine the
maximum V-R difference (0.361 ± 0.032)
ID (UCAC 2)

There was no sequence from the AAVSO for this
star, so I developed my own. Table 5 gives the magnitudes and color indices for the comparisons, check,
and variable.
Other than the epoch and period in the GCVS, I
could find no times of maximum in the IBVS or other
journals. The GCVS gives the period as
0.52619880 d. However, the Fourier analysis in MPO
Canopus found a period of 0.52654 ± 0.00006 d. This
latter period is based on data that covers time of
maximum only once.
If the GCVS period is adopted as being nearly
correct, this results in 29879 cycles between GCVS
epoch and the measured time of
maximum,
T = 2454547.7441 ± 0.0023, or O-C = –0.0948 d.
Using the total time span and 29879 cycles, this results in a new period of 0.52619563 d, or a difference
between
the
periods
(GCVS–Warner)
of
ΔP = 0.00000317 d.
On the other hand, if the period found by Fourier
analysis is assumed, this results in 29850 (-29) cycles
and O-C = –0.0944 d, almost identical to the previous
result.

RA

Dec

Variable

SV CNC

08 50 00.90

+09 59 47.0

V

R

V-R

Chart ID

Comp

35392836

08 50 14.82

+10 02 05.0

13.359

13.087

0.272

Comp

35392826

08 50 00.22

+10 00 23.5

14.664

14.225

0.439

B

Comp

35392823

08 49 57.80

+10 01 14.1

14.399

14.049

0.350

D

Check

35209245

08 49 48.97

+09 57 54.7

13.893

13.515

0.378

C

0.361
A

Table 5. Comparison and check stars for SV CNC.
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Abstract
This paper discusses the automation of a backyard telescope system for multiple resolution spectroscopy surveys. The author will first review the optical & mechanical configuration and required modifications. Then he will
describe the unique software implementation using multiple virtual machines to fully automate object selection,
acquisition, and auto-guiding of two spectrographs and a photometry camera. The system described is now in
operation on most clear nights.

1. Introduction
Spectroscopy is a fascinating area of amateur astronomy. Most amateur spectrographs, including
mine, have been designed for manual or manually
assisted operation. Long exposures for objects and
calibration frames limits the productivity of the system to the sleep needs of the observer and makes it
difficult to obtain time-series data.
Commercial software written for the automation
of imaging is not well adapted to the kind of multiple
camera sequences needed to acquire objects, position
them onto slits, and control calibration lamps.
This project began with goal of automating my
DSS spectrograph and then quickly expanded to include the co-mounted SGS instrument and to support
photometry.

the flip mirror contains a pellicle guider port (8% of
the light is deflected) with another strong focal reducer and an SBIG Remote Guide Head (connected
to the ST9).
The axial path from the pellicle connects to the
SBIG DSS-7 Spectrograph (R~400) with an ST7E
camera. A fiber enters the mechanical assembly just
above the DSS-7 slit and leads to the calibration
lamp.
The assembly uses about 22 inches of back focus, which brings the system to about f/13.7. The key
design consideration is that all three of the imaging
cameras (the ST9, the Remote Guide Head, and the
DSS slit) are par focal. This allows the temperature
compensation feature of the Optec TCF focuser to
maintain focus through the night.

3. Automation
2. Telescope Configuration
The system consists of two optical tubes
mounted in a piggyback configuration on an overloaded G-11 mount equipped with an Astrometric
Instrument’s Skywalker® 2 positioning system.
The upper subsystem is a Celestron® 8 with
manual flip-mirror followed by an f6 focal reducer
and an SBIG® SGS spectrograph (R~2500) with and
ST-7E camera. There is a fiber optic leading to the
calibration lamp and. A motor operates the wavelength setting.
The main system is a Celestron 14 OTA. The optical stack begins with a 2 inch filter selector (V, I,
Clear) followed by an Optec® TCF focuser, and a
motorized flip mirror.
The right angle arm of the flip mirror contains an
Optec NGW focal reducer, a CFW-9 filter wheel and
an ST9XE imaging camera, which operates at f6.5
and provides a 15 arc-minute FOV. The axial port of

The mount and cameras are supported by scripting of standard Software Bisque®, SBIG, and Astrometric software.
The flip mirror, pellicle guider, SGS wavelength
setting, and calibration lamp were created for this
system.
The flip mirror is a standard Meade® 647 assembly. A Celestron Motofocus® unit is attached to the
side using a C-8 knob adaptor to connect the motor to
the existing metal knob. An L-bracket connects the
motor and flip mirror housings. The flip mirror has
hard limits to rotation that define the two optical
paths. The motor connection is an o-ring slip clutch.
To switch positions the motor is simply driven for
about 3 seconds in each direction to reach the limit.
The motor, in turn is connected to one output of
a switching assembly I call the “motor multiplexer”.
The other side of the switch connects to the output of
a JMI® PCFC USB programmable focus controller.
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The multiplexer itself consists of a set of X-10
“universal modules.” These are low voltage SPST
relay controllers. They are arranged in pairs. On pair
connects the flip mirror motor, another connects the
SGS wavelength motor, a third pair will be used for
the future control of the wave plate rotator. This multiplexer assembly allows any number of motors to be
operated by a single PCFC motor controller by adding switches.
An X10® Home Automation Pro USB controller
allows programmable operation of each of these
switches and of another X10 Appliance module use
to operate the calibration lamp. While only 5
switches are currently in use, the X10 power line
signaling mechanism provides support for up to 256
devices. The downside of this inexpensive solution is
that it takes about 2 seconds to activate a switch.

4. Software Architecture
The core of the system is implemented on an
Apple Macbook running OS X version 10.4. All data
files and control information are kept in a set of directories in the Mac file system.
Within the native OS X environment, two Parallels® virtual machines run the Windows® XP operating system. Multiple virtual machines are used to get
around the limitation of CCDSoft® to support only
one imaging and one guide camera. In my system,
each VM can support an imaging and a guide camera,
and the selection can be changed dynamically.
Each of the virtual machines (called simply
VMOne and VMTwo) runs the Software Bisque Orchestrate® application as well as CCDSoft® and other
programs. Once started, Orchestrate waits until a text
file appears in a pre-designated Inbox folder. Each of
the virtual machines has its own Inbox folder that is,
in turn, hosted in the Mac OS X file system.
The automated observing process is implemented by a collection of custom programs running
in all three environments. These programs which
interact via common file directories. From the Windows VM’s, these are seen as logical drive W.
The primary directories are “ScopeActive”,
“ScopeResults”, and “ScopeProjects”.
ScopeActive contains a set of small files that represent the status of the current observing task and
instrument settings.
ScopeResults contains a folder for each observing project and a subfolder for each observing target
within which all images and data files for that object
will be stored.
ScopeProjects is subdivided into 4 time period
folders (Day, Evening Twilight, Night, and Morning
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Twilight). Within each of these folders are placed the
observing project files.

5. Observing Projects
An “observing project” is a text file. Each line of
the file represents one target. Each project can contain from 1 to several hundred targets. There can be
any number of observing projects within each of the
top-level time period folders.
An example of an observing project might be the
set of B(e) stars brighter than 10th magnitude.
One line of text is used for each target. This line
is divided into three sections. The first is the name of
the target. The second is the “repeat period”, i.e., how
often to observe the target. The third section is the
description of the observations to be made of the
specified object. This is written in a simple format
with designates the instrument and exposure time and
number exposures. For example:
GVVS Beta Lyr ; 2; DSS:30 SGS@Ha:300*3 V:15 I:20

This line tells the system that the user wants to
observe Beta Lyr every two hours, if possible. Once
the object is acquired, the system is to take a 30 second exposure with the DSS spectrograph, and three
300-second exposure with the SGS spectrograph set
to the wavelength of Hydrogen Alpha, and photometry images in V-Band for 15 seconds and I-Band for
20 seconds.
Because this system was designed for survey and
time series work, the user does not specify the order
of observations. Many of the objects listed within one
project may be unobservable on any given night.

6. Target Selection
To start the system, the operator manually loads
a command file into the VM1 Orchestrate application. This file contains three commands. First off is a
“Wait” command that is used to allow manual interruption of the sequence. Second is a “RunIdle” script
that prevents the telescope from reaching the meridian limits when nothing is being observed. Finally is
the “SelectTask.vbs” command.
SelectTask.vbs is complex procedure written in
VBScript that determines the next target to be observed and then compiles an object specific observing
script to implement the desired observations.
If SelectTask determines that nothing is to be observed, it creates a new file containing the Wait, Idle
and SelectTask commands and puts this file into the
VMOne inbox. This causes the Wait-Idle-Select
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process to repeat indefinitely. We call this the “idle
loop.”
6.1 The SelectTask Process
The first step is to determine the current altitude
of the Sun and the Moon. The sun angle is used to
determine which of the top level ScopeProjects folders (Day, EveningTW, Night, MorningTW) is used
for as a source for targets. Only targets within the
current folder are evaluated, so the scope idles during
the day.
Next, a list of the observing project files is constructed and each of the files is read line by line.
Each line is defines an observing task as previously
described.
The SelectTask procedure makes extensive use
of Software Bisque TheSky® database. The script
takes the object name from the task line and looks up
the object in TheSky’s database. From this the current altitude and azimuth, hour angle, magnitude and
other data are retrieved.
Objects must pass through a series of tests before
they become true candidates for observation.
First we find out how much time has passed
since the last observation of this object and compare
it to the repeat period.
Next we use the hour angle to determine if the
object is viewable by the telescope.
Next we check the angle from the Moon. Based
upon the phase, a “moon avoidance” angle is determined. Objects within this angle will not be observed.
Next we preprocess the task description to determine the required observing time. Using this and
the hour angle, we determine whether or not the observation can be completed within the remaining time
before either the mount flip angle or the western horizon is reached. This is a real issue for spectroscopy
as an observation can easily require more than an
hour.
For those candidates that remain, a score is computed. The task with the highest score is selected for
implementation. The scoring process gives extra
weight to those observations that must be done soon
to avoid horizon problems. Other factors include airmass and whether or not the object has been previously observed with priority given to first time targets.

7. Observing Scripts
The output of SelectTask is an Orchestrate script
custom generated for this target. The script consists
almost entirely of “RunVBScript” commands that

execute the observing modules that I have written.
There are about 30 modules currently in the system
including the following that are described in this paper:
• “SetupTask.vbs”
• “CenterTarget.vbs”
• “TakeSpectra.vbs”
• “DSSImage.vbs”
• “SetCamera.vbs”
• “FlipMirror.vbs”
• “TakeSGSSpectra.vbs”
• “SGSSpectra.vbs”
• “TakeImage.vbs”
• “ReportResults.vbs”
The observing script is loaded into the inbox of
VMOne. This VM has access to the ST9 camera and
its remote guide head via CCDSoft as well as to the
telescope positioning (via TheSky Telescope API).
As the script executes, it will construct and issue
additional scripts for VMTwo, which has control of
the flip mirror, wavelength selector, and both of the
spectrograph cameras.
The two scripts communicate status and monitor
completion of each other via a series of predefined
files in the ScopeActive shared directory. These files
contain the details of the current observation as well
as the current position of the flip mirror, the current
spectrograph camera, and other parameters.
Each of the observing modules observes checks a
“TaskStatus.txt” file as it begins. If this file contains
the word “NO” then the module exits. In this way a
failure to acquire, for example, stops the entire process quickly.

8. Typical Observation Sequence
SetupTask.vbs – This module will reset all of
the system flags to initial values. It will access the
object from “TheSky” database and create a file recording the name, magnitude, RA, DEC, and the file
folder to be used for recording data from that object
along with a few other parameters.
CenterTarget.vbs – This will slew the telescope
to the coordinates specified by SetupTask. Then an
image will be taken. Based upon the magnitude of the
object, one of two procedures will be followed. If the
object is dim, the CCDSoft InsertWCS image mapping function will be used to find the coordinates of
the object with respect to the image. Then a correction will be applied and the process repeated until the
target point falls within a ±10 pixel window.
For bright objects, the maximum value in the
image will be checked. If it is close to saturation,
then the system assumes that the brightest star in the
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field is the target; it then uses the “inventory” function of CCDSoft to get its coordinates and makes
adjustments until the target falls into the window.
Once the object is in the desired position, CenterTarget terminates.
The target point is simply a set of XY coordinates that identify where the DSS spectrographs slit
is with respect to the ST9 image. These are set in a
semi-automated procedure ahead of time. Once set,
they remain valid until the unit is disassembled for
service or some other adjustment. This stability is the
result of a very solid “back end” and supporting
clamps on every connector.
TakeSpectra.vbs – This is the key procedure for
the DSS instrument. When started, the target is supposed to be within a 10 pixel box (~20 arc sec) surrounding the slit.
The first action is to issue a script to VMTwo.
This script executes the FlipMirror.vbs procedure.
When the VMTwo script is complete, the mirror will
have been moved to the “Spectrograph”, i.e. the
inline position.
FlipMirror.vbs first connects to the X10 object
and sets the muliplexer switches so that the PCFC
motor controller is connected to the motofocus attached to the flip mirror. Next it loads CCDSoft and,
after a delay, connects to the focuser controller. It
then sends a 3 second motor move command to the
PCFC via the CCDSoft focuser API. Finally it sets
the
status
file
called
“MirrorStatus”
to
“SPECTROGRAPH” and exits.
Meanwhile, the TakeSpectra.vbs procedure has
been waiting for this flag to change. Once set, TakeSpectra begins the auto-guiding process.
The Remote Guide Head of the ST9 is used to
auto-guide the DSS spectrograph. The coordinates of
the guide point are preset in the system configuration
files. The auto-guiding process is initiated using an
exposure time based upon the magnitude of the object ranging from 0.1 to 10 seconds.
At this point the target star should be within the
guide window. The position of the star is monitored
using the guide error values returned by CCDSoft.
Once each second the errors are examined. When
both the X and Y errors fall within 2 pixels of the
guide point, the object deemed to be locked onto the
target.
Once the target is locked, the TakeSpectra.vbs
procedure writes yet another script file and loads it
into the inbox of VMTwo.
This script runs the rather complex task called
“DSSImage.vbs” in VMTwo. While all this is happening, the script in VMOne is auto-guiding and
waiting for a “DONE” flag to be set by VMTwo in
the common files directory.
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DSSImage.vbs – This begins by connecting to
the DSS camera. Then the temperature set point is set
and the system waits until the camera has cooled to
the target temperature. The first spectra of the evening will take longer that subsequent ones because of
the need for initial cooling. The cooler will be left on
for the rest of the night.. Once the temperature has
been achieved, a series of one or more spectra images
is taken. Each is named according to the object name
and stored in the directory designated by SetupTask.
Next dark images are obtained unless a sky spectra has been previously captured (this is one of the
observing task options).
The spectrum images are median combined. The
sky or dark images are also median combined. The
resulting images are subtracted and stored.
The next step is to extract the spectra from the
image. This is complicated by the fact that the spectrum is not exactly aligned to the rows of pixels. The
system has an algorithm to find the center point of
the spectral profile at the 25% and 75% points. Using
these two Y values the center point of the spectra is
interpolated across the image. Then a 5 pixel wide
binning window is used to extract the data and generate the intensity values for further analysis.
Although considerable effort has been expended
to avoid false identification of the spectrum body
some noisy images still require manual analysis.
Next the pixel values (1-752) are calibrated into
wavelengths. This is done using a table created earlier from a spectrum of Vega. Every spectrum on the
DSS will have the same wavelength transformation
so long as the mechanicals are unchanged. Generally
a Vega or other A type star spectrum is taken each
night to ensure proper calibration.
Once the wavelength of each pixel center is determined, the relative flux of each pixel can be calculated.
The Flux calibration originates from the same
Vega spectrum used for wavelength. First the intensity of each pixel was divided by the known flux of
an A2V star using the tables of Pickles. Next the resulting curve was modified to remove all the prominent Hydrogen and atmospheric lines create residual
“bumps” because of the low resolution of the data
and the flux standard tables. The missing segments
are reconstructed by interpolation and the resulting
table of response factors is smoothed by a moving
average and stored.
It is this table of wavelength indexed response
factors that is applied to the newly acquired spectra to
produce a flux and frequency calibrated data set. The
data set, containing the pixel numbers, intensity, calibrated wavelength, and calibrated relative flux is
stored as a file associated with the observation.
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Finally this data is used to create a .GIF image
using CCDSoft. This is then available for immediate
viewing.

Graphs of raw (upper) and flux calibrated
(lower) intensity of the B(e) star HD86612 taken on
March 24, 2008 at 3:31 AM by the DSS-7 spectrograph in a 60 second exposure. Calibration and
graphing are done during the observing process.
Note that the image processing itself cannot be
done in VBScript. For this purpose a custom Visual
Basic 2008 COM-scriptable library was created
which is called by the VBScript procedure to extract
the spectra and generate the graphics. Details of this
process can be found on the Starphysics website.
Once the graph has been stored, the DSSImage.vbs process sets the “DONE” flag that VMOne
is waiting for and exits.
When the TakeDSSSpectra task finally sees the
DONE flag, it terminates the autoguider. Then it
sends yet another script to the VMTwo inbox to set
the Flip mirror back into the right angle, CAMERA,
position. When this is confirmed, TakeSpectra.vbs
finally exits.
If photometry is requested for the object, the SelectTask.vbs procedure will compile one or more
“TakeImage.vbs” command into the observing script.
TakeImage.vbs simply sets the filter and takes
one or more images. These are named for the object
and stored into the object’s preset results folder. No
photometry analysis is done in the current implementation.
If an SGS spectrum is required, the observing
procedure will include two more commands, “CenterTarget SGS” and “TakeSGSSpectra.vbs.”
Since the SGS camera is on a separate OTA, it is
difficult to get the two scopes in perfect alignment.
So we compromise by simply finding the point on the
ST9 image that corresponds to the slit on the SGS.
Once established, these parameters remain valid for
an extended period of time. This target point is not
the same as the DSS target point, so the scope must

be moved to the new point before proceeding. The
same methods are used as before depending upon the
brightness of the object.
The TakeSGSSpectra.vbs procedure is a much
simpler version of the DSS procedure. All it has to do
is to create a script for VMTwo and wait for it to
complete. The flip mirror is not moved.
The VMTwo process is more complex. First we
need to switch cameras from the DSS ST7E to the
SGS ST7E. Both of these are accessed as Ethernet
devices at fixed addresses on the local observatory
network.
The “SetCamera.vbs” procedure first forces the
CCDSoft application to terminate. It then waits 10
seconds for this to complete. Next it set the IP address of the desired camera into the CCDSoft tables
in the Windows system registry. This is easily done
using VBScript. Finally it restarts the CCDSoft application and connects to the camera. This whole
process switching process takes less than 20 seconds.
Next the VMTwo script runs the “SetLambda.vbs” process to set the position of the grating in the SGS to collect the desired portion of the
spectrum. Again the X10 controller is used to set the
multiplexer switches to connect the PCFC motor controller to the small focus motor that drives a belt to
the micrometer on the spectrograph. First the micrometer is driven in blindly to reach a limit set mechanically by a screw and lever assembly. Next the
motor is reversed to move the micrometer from this
known starting point to the desired wavelength. This
process sets the central wavelength to and accuracy
of about 20 Angstroms, a small fraction of the 750
Angstrom bandpass.
Now the “SGSSpectra.vbs” process executes.
First it establishes a temperature set point and waits
for the camera to cool. Next, it takes a guide image
using the SGS guide camera. This image spans about
8 arc minutes. We use the CCDSoft inventory function to find the brightest star in the image and then
use the move commands to center the object onto the
slit (whose coordinates are prestored, but which
never moves). When the object is within a few pixels
of the target point, the system is switched into autoguiding mode and waits until the guide errors are less
than 2 pixels. Once this is achieved, one or more
spectral images are taken and stored. Following this,
a dark image is taken. Finally a 60-second calibration
image is taken. To do this, the X10 controller and an
appliance module are used to turn the mercury or
neon calibration lamp on and off.
Once the images have been obtained, the
SGSSpectra.vbs task sets a DONE flag, which causes
the TakeSGSSpectra.vbs procedure on VMOne to
finish.
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The final step in each observation is the invocation of the “ReportResults.vbs” procedure. This
creates a simple text message about the observation.
This file is placed into an OS X folder of result messages. Doing so triggers an OS X process that converts the message to an email and sends it to the user
as well as to an audible message reading device.
When the last step in the observing procedure is
done, Orchestrate loads the next procedure from its
inbox. This is always another “Wait-Idle-Select”
script.

9. System Experience
The system has been in development for about
four months as this paper is written. Most of the time
to date is considered to be engineering time as various parts of the software have been brought online
and debugged. Not surprisingly, there have been
many issues to resolve when running with real images, wind, clouds and the interaction of 6 computers
and 4 USB devices. On the best evenings the system
has observed over 30 targets and obtained spectra
automatically using both spectrographs.
The biggest hardware problems have been related to the support of the USB devices in the virtual
machines.
Now that most of the programming bugs have
been removed, the most serious of the remaining
problems is the plate solving weaknesses of
CCDSoft, which cause many false negatives. The
other major problem comes from the backlash and
stiction of the overloaded G-11 mount. These mechanical problems extend the centering and autoguiding setup times, reducing system throughput.

10. Conclusions
It is not only possible to automate small telescope spectroscopy, but relatively easy to do so. Only
about 2 weeks of programming and testing were actually required to get the first fully automated DSS
image. More important, the science output of the
telescope has increased by a factor of 10 in comparison with purely manual operation. The ability to collect data all night allows time series spectra to extend
across entire seasons. All in all, this has been a very
satisfying project.

11. Future Work
The next step for the instrumentation is to add a
rotating wave plate into the ST9 optical path. This,
working in conjunction with the Savart plate that is
already installed in the CFW9, will enable high preci-
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sion linear V-Band polarimetry of many stellar objects.
The next step on the software side is to more
fully automate the data pipeline so that both spectra
and photometry data are delivered in IRAF and
AAVSO formats without manual intervention.
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Abstract
Most dedicated amateur astronomers involved in gathering and submitting data do so within their own observatories and with the convenience of their own permanently mounted equipment. We will discuss the differences between two observing locations. One without the conveniences of personally-owned equipment in a backyard observatory and one with two well equipped observatories. We will show that the quality of data is similar regardless of the physical set up. One common thread between these two locations is the dedication and desire to do
exoplanet work by the two amateurs. This paper describes their challenges, observing processes, and compares
the data collected.

1. Introduction
Optimum observatories and equipment are something we’re all striving for to make our contributions
to astronomy science better and more precise. Most
of us do what we can to get started observing and add
components as we go and as we grow with astronomy. Several feel they cannot dive into science
unless they are properly and fully set up to do so.
We will show how two amateur astronomers,
with two very different set ups, work together to
achieve a common goal and produce the same quality
data as members of one Pro/Am team.
Author Joao Gregorio is a recent member of the
XO Project (McCullough et al. 2005) Extended Team
(ET), as of October 2007. He regularly contributes to
astronomy science and he does not have an observatory of any kind. He borrows most of his equipment
and drives miles to observe. He is married, works full
time and has two children.
Author Cindy Foote has been a member of the
XO Project ET since June of 2006. She also makes
scientifically useful observations but under very different conditions than her teammate Joao. She has
two observatories, well equipped, and within walking
distance from her home. She is married with grown
children and is retired.

2. Common Techniques for Exoplanet
Observing from Both Locations
Both observers have access to an ephemeris for
our specific locations, generated by the XO Project
professionals. The ephemeris has been prioritized but
we amateur’s have the option to observe from the list
the candidate star that works the best for our locations on any given night.
Once a candidate star is selected, we can obtain
information on the star from a “Wanted Poster” that
is generated by an IDL widget and posted on a password-protected web site. Other information can also
be found if this candidate has been observed by other
team members. The next step is to obtain finder
charts.
The first observations of the selected target are
done with an R (Cousins) band filter. This provides a
consistent set of data among observers on the project
team. Filtered observations reduce the effects of extinction on the lightcurve.
When choosing the cadence of observations, it
all depends on the SNR. Without sufficient signal,
the scatter in the photometry increases. There is always a trade off between larger signal (exposure
time) and fast cadence (time resolution). It is preferred to stay close to no more than a one minute cadence.
Observations outside of transit are critical to establishing the baseline and the systematic noise characteristics such as trends with air mass. If possible,
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we observe an hour before and after the transit. The
out-of-transit baseline also helps establish the depth
of the transit, which affects the timing.
We are requested not to bin data and also not to
smooth photometric data. We are to report all of the
values. The only exception would be data points that
are known to be bad for just cause such as bumping
the telescope or a cosmic ray hit. We use differential
photometry, the technique of reporting the magnitude
difference between the candidate star and one or
more comparison stars, or an ensemble average.
It’s also important that we record the observer,
telescope, equipment, date, exposure, sky conditions,
weather, etc. Synchronizing the computer's clock at
the beginning of the night is very important. Our goal
is to get photometry good enough to time the transit
to better than one minute. The better the photometry,
the more accurate is the derived timing.
We can estimate our own errors, but the professional team will derive those empirically from the
data we submit. Our desire is to reach < 0.005 magnitude standard deviation over the entire nights run.
Darks and flats are used to calibrate the night’s
observations. Data reduction can take an hour or all
day depending on the candidate and how many filters
were used during observations.
All of these observing and analysis “good practices” are a requirement for exoplanet observing regardless of observing site or hardware used.

3. Observing from Alcabideche, Portugal
Joao lives in Alcabideche, Portugal, N38:44
W8:49. His set up for exoplanet observing includes
some equipment that he personally owns and equipment that he borrows each time he plans an observing
session. Figure 1 is a typical set-up. Joao owns a
Losmandy G11 mount, an SBIG CFW-8a, and VRI
Filters from Custom Scientific. From various friends
he borrows the CCD camera, a SBIG ST-8XME, a
Meade 12” LX200 OTA and a Celestron 0.63 focal
reducer.
Observing sessions are planned and scheduled so
that Joao can begin after his work week ends on Fridays. He transforms his small car into his mobile
observatory, gathers all of his equipment together and
loads it into the back seat and the trunk. It takes him
approximately 30 minutes to load the car once all of
the gear is assembled from the various locations of
his generous donors. Dinner will consist of tea and
soup which he also makes before he leaves. He plans
to arrive at his observing location before sunset.
Sometimes the drive can be as far as 160 miles one
way. Joao sets up his equipment as the sun goes
down and the mosquitoes arrive.
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Figure 1. Current set-up used by Joao for exoplanet
observing for the XO Project.

Set up takes approximately one hour with an additional 15 minutes to calibrate the mount and another 10 minutes to focus. Joao observes until dawn
and then reverses the procedure. He takes everything
apart, cleans what he’s borrowed, and loads everything back in the car. He drives back home, sleeps a
bit and repeats the process for Saturday night if it’s
clear. On Sunday, after some sleep, he processes the
two night’s observations and reports his findings to
the XO Team. In addition to this set up, he has to
carry enough batteries to run 12 hours for the mount,
camera, laptop and Kendrik’s dew heater.

Figure 2. Another typical set-up used for observing with
both personally owned and borrowed equipment.
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4. Observing from Kanab, Utah, USA

5. Data Comparisons

Cindy lives in Kanab, Utah, USA, N37:01:44.5
W112:26:05.3. One of her two set ups shown in Figure 3 on the right, includes a 24” f/3.4 prime focus
telescope, SBIG ST-8XME CCD Camera, SBIG
CFW-8, BVRI filters, Paracorr® Coma Corrector,
RoboFocus™, thermal compensated truss system,
and roller friction drive system. It is permanently
mounted in a 7’ x 12’ roll off building observatory.
The second system, shown left in Figure 3, is a 16”
f/3.5 prime focus telescope, SBIG ST-7e CCD Camera, SBIG CFW-8, BVRI filters, Paracorr Coma Corrector, RoboFocus, carbon fiber truss system, Astrocital mirror, and a roller friction drive system. It is
permanently housed in a 9’ x 9’ roll off roof observatory.

For this article, we compare R-band observations
of XO-2b (Burke et al. 2007), the second transiting
exoplanet discovered by the XO Project Team to illustrate what can be achieved using greatly different
hardware and observing logistics.
The star, XO-2, is an early K dwarf, V = 11.2
star. The exoplanet XO-2b has a radius of 0.98
+0.03/–0.01 times the radius of Jupiter. It has an orbital period of 2.615857 ± 0.000005 days.
Multiple observations were made of XO-2b by
the authors during 2007. Data comparisons of two
observing runs are shown in Figures 4 and 5.
Figure 4 shows a lightcurve of XO-2b obtained
in R band by Joao on November 10, 2007 using the
equipment described in Section 3.
Figure 5 shows a lightcurve of XO-2b obtained
in R band by Cindy on March 9, 2007 using the 24”
telescope set up described in Section 4.
The parameters derived from the two light curve
data sets are summarized in Table 1. The quality of
the data is comparable. Both transit depths are close
to the consensus value (median of many people’s
measurements) of 14.3 mmag, and both transit
lengths are close to the consensus value of 2.67
hours. The only difference seems to be a slightly better formal error for the mid-transit times, which is
probably due to the presence of more measurements
that were possible using the larger aperture telescope.

6. Conclusion
Figure 3. Vermillion Cliffs Observatory in Kanab, Utah,
USA.

Her observing sessions and candidate selections are
planned on a nightly basis for every clear night. At
sun down she opens both observatories and turns the
cameras on to begin cooling. Once the target is located, she focuses the cameras. Exposure times are
determined for optimum signal and scripts are written
to run the telescopes and cameras unattended until
dawn. Once the script is running, measurements related to possible saturation are made periodically to
make sure exposure times are acceptable. A last
check on focus and exposure are made before she
heads to bed. When she awakes, the telescopes have
gone “home” and the cameras have been shut off.
She closes the observatory roofs and moves the images from the observatory computers to the main
computer in the house and proceeds with data reduction. Once finished, the results are reported to the XO
Project Team.

Exoplanet observing is hard work whether you
have good equipment and a well-equipped backyard
observatory or you borrow the equipment and drive
hundreds of miles to observe. The goals and results
can be similar.
The “optimum” observatory/equipment set up is
NOT required to contribute to astronomical science.
What is required is a desire to do the work and the
fortitude to learn the techniques to do the best photometry possible. The authors have proven multiple
times that it can be done. You will need a can-do
attitude, dedication, and willingness to put in the time
necessary to gather the data, process the data, and
report the data.
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Figure 4. Lightcurve of XO-2b obtained by Joao Gregorio on November 10, 2007 in Portugal.
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Figure 5. Lightcurve of XO-2b obtained by Cindy Foote on March 9, 2007 in USA.

Date

Filter

Observer

Depth

Length

2007.11.10

R

Gregorio

2007.03.09

R

Foote

14.2
±
1.3
14.0
±
0.4

2.56
±
0.07
2.71
±
0.05

UT
Mid
25.598
±
0.071
04.243
±
0.025

JD
Mid
4414.5666

4168.6768

HJD
Mid
4414.5689
±
0.0030
4168.6794
±
0.0010

HJD
Ephem
4414.5664

4168.6759

dt
[min]
+3.8
±
4.2
+5.1
±
1.5

Table 1. Data comparison on observations for XO-2b on 2007.11.10 (Portugal) and 2007.03.09 (USA). (The stated SE
values are from a chi-squared analysis and represent formal statistical uncertainty in the absence of systematic
errors.)
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Techniques for the Study of
High Frequency Optical Phenomena
Gary A. Vander Haagen
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825 Stonegate Road, Ann Arbor, MI 48103
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Abstract
Literature confirms the presence of rapid quasi periodic and periodic optical phenomena in accreting binary systems. These low intensity oscillations in the few Hz to KHz region are typically detected using fast photodiodes
with the data recorded and later correlated. This paper investigates alternate real-time techniques using a low
noise, high speed photodiode and both a PC based FFT spectrum analyzer and a communications receiver for
detection and analysis. Using a 14 inch Schmidt-Cassegrain telescope, detection is possible for objects of
magnitude 7 or brighter over a frequency range of 10 Hz to 20 KHz where the phenomena modulation level is 12% or greater. Trial observations of the Sun during low activity periods indicate broad spectral components in
the 50 Hz to 3 KHz range. The brief studies of the Sun and X Persei (HD 24534) indicate opportunities for future
high frequency photometric investigation.

1. Introduction
Most optical events studied with conventional
CCD photometry have relatively long period’s thus
low frequencies. Figure 1 exhibits this range of general CCD focused activity at 1 Hz or lower with most
area of study orders of magnitude lower in frequency.
For more rapidly occurring phenomena video and
high speed photo detectors have been used for detection. Menke (2007) provides a good overview of
these detection techniques along with potential areas
of study. For discussion within this paper, study
above 10 Hz will be referred to as “high frequency”.

the detection system and unpredictable occurrence of
the events. With analysis occurring substantially the
after the event the ability to serendipitously refocus
the study may be lost. The purpose of this study was
to investigate techniques that are capable of reaching
into the Kilohertz frequency region for searches of
short burst periodic and periodic signals modulating
stars. These signals have been reported on accreting
binary systems, Warrner (1988) and Uthas (2005).
The objectives of this paper will be to report progress
on:
1.

2.
3.

Figure 1. Spectrum for General and High Frequency
Photometric Studies

2. Objective of The Study
Most high frequency phenomena studies utilize a
fast photo detector, record the data, and later analyze
using various data correlation techniques. This approach allows many options for analysis but requires
enormous data storage due to the large bandwidth of

Investigation of techniques for detection and
real time analysis of high frequency periodic
photometric events either continuous or
short bursts. Focus will be on a minimum
bandwidth of 20 KHz using readily available
equipment and software.
Determination of the sensitivity for the detection process.
Verification of the process through observation of high frequency phenomena on the
Sun and a Cataclysmic Variable star where
possible.

Optical Detection
With an objective of 20 KHz minimum bandwidth, the detector selection is primarily limited to
PIN class semiconductors. These devices are P- Intrinsic-N semiconductors that are operated in a back
biased mode. They exhibit good quantum efficiency,
wide bandwidths, and varied price-performance
tradeoffs. This class of device dominates the high
speed optical communications equipment industry.
Figure 2 shows a typical circuit with PIN diode de-
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tector and amplifier. The PIN diode is back biased.
When a photon enters the intrinsic region, a carrier is
created and the reverse bias sweeps out the carrier
resulting in a small current. This current is amplified
by a wideband amplifier. Response of the detector
and amplifier has the potential of GHz bandwidth.
For good sensitivity and reasonable cost, bandwidths
of 0.5 to 10 MHz are achievable.

Figure 3. PIN Photo Detector and Amplifier

Figure 2, Typical PIN Diode Detector and Amplifier

Active Area

Bandwidth

0.8 mm2

150 MHz

2

13 mm

A search for off the shelf detectors and amplifier
within the optical communications electronics field
turned up several good systems.
A Thorlabs
PDA36A detector-amplifier was tested and proved
acceptable for trial. Figure 3 show the detector amplifier. It has selectable gain of 10 to 70db and a
bandwidth of 12 KHz to 12 MHz depending on the
system gain; higher gain, lower bandwidth. In selection of the detector the size of the active detection
area is important. Since the capacitance of the detector increases with area, a compromise between detector size and bandwidth must be made. Figure 4
shows this relationship. The 13 mm2 size was chosen
as a good compromise between bandwidth and ability
to align the target during data collection.
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17 MHz
2

75.4 mm

1.5 MHz

Figure 4, General Relationship between PIN Photo Detector Sensing Area and Bandwidth

3. Analysis Alternatives
The study objective is real time analysis from 10
Hz to a minimum of 20 KHz and ideally to 1000
KHz. This range of spectral analysis is most common among audio and low frequency radio signals.
The audio region generally 10 Hz to 20 KHz and
radio frequency region (RF) being above 10 KHz.
With most standalone audio spectrum analyzers being very expensive a PC based system was explored.
The PC based systems use a high quality sound card
for amplification and digitization with FFT analysis
done on PC based software. The choice for PC audio
card was the Creative XFi Xtreme and software was
TrueRTA by True Audio. The TrueRTA software
employs FFT processing and covers 10 Hz to 50
KHz. However, the audio card performance limits
the spectral analysis to 20 Khz. This software requires substantial computing capability. The desktop
PC used had 1 GB memory, 3.0 GHz clock, and a
dual core processor. The RTA software normally
requires 5-8% of the computers capacity and would
occasionally abort if other substantial mult-tasked
processor loads were added.
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For frequencies above the audio region a communications receiver was investigated. A standalone
receiver was available with coverage from 100 KHz
to 2 GHz. This receiver has good sensitivity and is
capable of scanning at 20 stops/second in programmable frequency increments over a selected frequency range. However, it does not provide spectral
analysis other than by manually recording signal amplitudes versus frequency. In addition, short duration signals could only be detected if the receiver is
tuned to the event frequency during the measurement
time. Use of this receiver will be described in Section 6.
Recent developments in communications receivers have led to hybrid systems using a standalone
communication system controlled by a PC. This approach greatly improves the analysis capability allowing spectral analysis, data storage, statistical
analysis, etc. One such receiver, WinRadio Model
WR-G313e covers the 9 KHz to 30 MHz RF region
and offer substantial software based analysis capability. The system is capability of scanning 400
stops/second, about 20 times the speed of many receivers. This unit was not tried but will be the next
study option upon extension of this study. The unit is
less costly than a modest CCD camera and appears
very capable for analysis above 9 KHz where the
signal duration is greater than one or two seconds.
There are two open issues with either approach,
the sensitivity and spectral analysis capability. Figure 5 shows the approximate sensitivity for both approaches. In each case the signal level is measured
for a 10 db S/N ratio. Note that at the overlapping
frequency of 10 KHz the approaches are directionally
equal. At higher frequencies the communications
receiver exhibits a substantial sensitivity advantage.
Spectrum

Communications

Freq

Analyzer

Receiver

Hz

µV for 10db S/N

µV for 10db S/N

10

40

*

100

30

*

1000

30

*

10 KHz

50

36

0.1 Mhz

*

0.5

1.0 MHz

*

0.13

* out of normal detection range
Figure 5, Sensitivity for Audio Spectrum Analyzer and
Communications Receiver Approach

Spectral resolution of the spectrum analyzer is
1/24th octave. The spectral resolution of either the
standalone or PC based receivers is excellent. The
receiver used for this study had an estimated band-

width of 500 Hz. This was adequate for the feasibility study. However, the PC based system has variable bandwidth and is capable of resolutions of 1 Hz
which is well beyond requirements.

4. Full System Sensitivity
The greatest unknown in either approach is the
dimmest star that can be detected exhibiting modulated high frequency light. Since the reported high
frequency optical phenomena are below 100 KHz the
equipment of necessity will be the Thorlabs PIN Diode Detector using the audio spectrum analyzer.
A Santa Barbara Research STV camera was chosen for it standalone measuring capability and general
ease of use for a sensitivity study. Several stars in
the 3 to 6.5 magnitude range were measured using
the STV on a 14 inch Schmidt-Cassegrain telescope.
The normalized STV ADU counts are plotted in Figure 6.

Figure 6. Calibration of STV Camera to Known Stars

With the STV calibrated a 650 nm laser was
calibrated to the star magnitudes using the STV as the
detector. Figure 7 shows the actual setup. The gimbaled laser is setting on the camera and data collected
for laser DC voltage versus camera normalized
counts. The setup is extremely sensitive to light and
was covered with several layers of black cloth within
a low light room. The electrical connections for the
setup are shown in Figure 8. A signal generator with
both a variable DC voltage and AC signal generator
are connected to the laser diode. An oscilloscope
monitors the amplitude of both AC and DC components. The laser light is attenuated approximately
1300X by a stack of five number 13 Wratten filters to
place the laser source at approximately the correct
amplitude.
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Sensor
Laser Diode

(5) #13 Wratten
Filters

Scope
Signal Generator

Figure 8. Setup for Measuring System Sensitivity

Figure 7. Calibration of Laser Diode to STV Camera

Figure 9 is a plot of these data. At a laser voltage setting of 1.9 volts, the normalized counts are
approximately 11,000. Figure 6 shows that 11,000
counts is directionally equivalent to a 7th magnitude
star.
The calibrated laser diode was then transferred to
the Thorlabs detector to determine the minimum detectable signal levels. Figure 10 shows the laser attached to the Thorlabs detector. The laser was connected to the same electrical setup of Figure 8. The
detectors output was connected to the audio spectrum
analyzer. The laser signal was detectable at a laser
voltage of 1.74 volts, a level below the calculated 7th
magnitude level. A 1000 Hz modulation signal was
superimposed on a 1.85 volts DC signal and the AC
signal level adjusted for a 6 db S/N on the spectrum
analyzer. Several different frequencies and trials
indicated that a modulation level of 1-2% of the
equivalent 7th magnitude laser signal was detectable
at a 6 db S/N. The modulation level is defined as the
ratio (Vacpeak/Vdc) X 100%. Audible and spectrum
analyzer detection below that level was possible.
This put the detection system sensitivity within the
range of a number of Cataclysmic Variables for study
with a 14 inch Schmidt-Cassegrain scope.
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Figure 9. Calibration of Laser Diode to STV Star Data

Figure 10. Measuring Minimum Detectable Signal on
Thorlabs Detector

One advantage to the spectrum analyzer approach versus a standalone receiver is its ability to
potentially detect short periodic signals. This capability was investigated using the setup of Figure 10
using the burst capability of the signal generator. A
1000 Hz signal at minimum signal level and ap-
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proximately 3 millisecond duration or 3 cycles was
tried. It was readily detected by the spectrum analyzer as shown in Figure 11. While there is noise in
the system there is no problem detecting this short
duration signal.

data collection and analysis is required to capture
validated high frequency Sun signals. As the Sun
comes out of its low activity period there will be opportunity to correlate other data with what is detected
using this approach. Correlations of these data with
known flares, electromagnetic storms, etc. are opportunities for future study.

Figure 11. 1000 Hz Signal of 3 Milliseconds Duration

5. Signals from the Sun
The 3rd objective of this paper was verification of
the detection process using both the Sun and Cataclysmic Variable stars. The Michigan weather put an
unusual damper on viewing with several months of
overcast skies. With the added window provided by
the daytime, viewing of the Sun became the only
opportunity for months. Both the audio spectrum
analyzer and receiver were tried with the Sun as the
optical source. Figure 12 shows the communications
receiver attached to the Thorlabs detector. To keep
the detector within its 5 volt maximum output voltage
a neutral density filter was placed in front of the sensor. This provided approximately 11X attenuation of
the sun light. The receiver had a lower frequency
limit of 100 KHz and a scanning speed of 20 stops/
second. The stop increments were set at 1000 Hz
resulting in a scan rate of 20 KHz per second. It is
unfortunate that the Sun is currently at the start of
Solar Cycle 24 exiting a period of quiet. Little electromagnetic activity is expected or has occurred during the current period. With that noted, no periodic
signal activity was detected by the receiver other than
some broadband noise at lower frequencies, 0.1 to 1
MHz.
The detector was also connected to the audio
spectrum analyzer. Figure 13 show some examples
of signals detected. Viewing during clear sky periods
yielded widely varied signals. When viewing the real
time spectrum there is evidence of wind and atmospheric noise at 10 to 20 Hz. The analyzer software
can be placed in peak mode to capture short duration
high frequency signals. Several such peaks are evidenced between 40 and 1000Hz. However, more

Figure 12. Receiver and Detector Setup for Sun Data
Collection

Figure 13. Typical Sun Signal Spectra during Quiet Period

It is important to note that there are many
sources of electrical noise present that can steer one
to misguided conclusions or muddy the data collection process. A very troublesome interference is 60
Hz power line signals and its numerous harmonics.
Most important is elimination of all ground loops,
e.g. having only one ground return within the entire
data collection system. This can be extremely difficult to achieve where the system includes both the
remote observatory and the data collection and con-
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trol center as in this setup. Power line noise must be
reduced to microvolt levels. The 60 Hz power line
interference was eliminated in this setup. Secondly,
other signal sources such as RF transmitters and receivers, video systems, monitors, and mechanical
vibrations that modulate the detectors are sources for
tail chasing. Good cable shielding, removal of nonessential equipment, and attention to mechanical vibrations are all essential.

6. A Look at X Persei (X Per)
An anticipation of this study was to view the
high frequency characteristics of at least one eruptive
binary system. X Per is cited as a potential candidate
for emission of high frequency signals, Uthas (2005).
X Per was also the brightest candidate in the highest
sky position during the available viewing period. X
Per, is a 6.2 magnitude type GCAS+XP X ray binary
system.
For data collection the Thorlabs detector was
mounted on a flip mirror with the second position
occupied by the STV camera. The camera helped in
the focusing and centering operation. Figure 14
shows the setup on a C-14 telescope.

Figure 15. X Persei Data with Average Background Subtracted

The detection system collected 9 runs of X Per
spectral data. This data array of 1/24th octave slices
were analyzed by taking the peak intensity for each
slice and subtracting the background data for that
slice. Figure 15 shows X Per minus the average
background and Figure 16, X Per minus the peak
background. Both plots show a number of periodic
peaks below 600 Hz. Selecting only spectral data
differences greater than 2 db above the average background yields the plot shown in Figure 17 and 2 db
above the peak background plotted in Figure 18.

Figure 16. X Persei Data with Peak Background Subtracted
Figure 14. Thor Sensor Mounted with STV Camera

Again it was a clear night waiting game as X Per
slowly sets. Limited data was collected for 2 hour
intervals in two cases just prior to reaching the lower
altitude viewing limit of 30 degrees. With X Per the
most likely high frequency phenomena are short periodic bursts of unknown duration, frequency, and
amplitude.
The spectrum analyzer was set to continuously monitor using the peak detection configuration. The result would be a 10 Hz to 20 KHz spectrum saved to memory approximately every two minutes. Each spectrum was saved in 1/24th octave slices
resulting in 263 data points.
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Figure 17. X Per Data 2 db or Greater Than Average
Background Noise
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Subtract
Average
Background

Subtract
Peak
Background

Hz

Hz

Median

Median

14.6
19.4

20

29.5

31.3

40.0
42.4
Figure 18. X Per Data 2 db or Greater Than Peak Background Noise

From Figure 17 and 18 the significant frequencies are shown in Figure 19. The median frequency
is computed for signal clusters. Figure 19 shows
common frequencies between the average and peak
data in the 20 Hz, 30 Hz, 80 and 85 Hz bands. The
significance of any of the frequencies will require
additional data collection over much longer periods
and additional reference work.

7. Conclusions.
This paper has three principal objectives: 1) investigation of techniques for detection and real time
analysis of high frequency periodic optical events,
2) determination of the sensitivity for the detection
process and 3) Verification of the approaches using
the Sun and a Cataclysmic Variable where possible
A PIN diode sensor with amplifier worked well
with an experimentally derived 7th magnitude limit
with approximately 1% minimum high frequency
modulation using a 14 inch Schmidt-Cassegrain telescope. A lower noise amplifier and larger aperture
telescope could extend the low light capability.
Collection of very low level, higher frequency
signals is hampered by AC power line frequencies,
wind and atmospheric noise, and the myriad of spurious RF signals. This issue must be addressed systematically to reduce spurious noise to acceptable
levels prior to data collection.
Signal detection using a PC based audio spectrum analyzer worked well at frequencies from 10 Hz
to 20 KHz providing real time data analysis for both
Sun and star signals. The PIN diode sensor and
communications receiver was used to look for Sun
signal components above 100 KHz. No periodic signals were detected. However, the Sun is currently at
a minimum for electromagnetic activity. PC based
receivers with integral spectrum analysis look favorable for work above 9 KHz but was not tried.

71.3
80.0

80

86.0

84.8

172.0
213.6
246.8
536.2
Figure 19, Median Frequencies Greater Than 2 db Above
Average and Peak Background Noise

Observance of the X ray binary system, X Persei,
was hampered by months of cloudy skies. Two periods of short data collection were completed using the
PIN diode sensor and the audio spectrum analyzer.
Dominant frequencies at 20, 30, 80, and 85 Hz were
detected. Considerably more data must be collected
to draw any conclusions.
The study of high frequency optical phenomena
is possible using relatively low cost sensing and
analysis equipment and modest aperture amateur
telescopes.
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Abstract
A modest aperture alt-az telescope has been designed and is being built for student use at California Polytechnic
State University. The telescope’s drive system has no gears, belts, or friction wheels; instead direct drive motors
and high resolution encoders are completely integrated into the bearing assemblies and telescope superstructure. In altitude, for instance, a ring of permanent magnets is firmly mounted to the OTA while an opposing ring of
coils is mounted on the inside of a fork arm. The electronic control system has been designed to operate these
brushless motors in a high precision mode. To achieve the highest possible closed loop servo bandwidth, the
structure was designed—using finite element analysis as well as traditional tools—to have a very high natural
frequency. The direct drive system and stiff structure should effectively counter wind gusts when the telescope is
operated out in the open or within a roll-off roof observatory.

1. Introduction
At last year’s Society of Astronomical Science
(SAS) conference, several of us discussed possible
advanced technologies and designs for research quality alt-az telescopes in the 0. 4 to 2. 0 meter range.
Since the 2007 SAS conference we have formed an
informal exploratory group that has met eight times.
Several articles on this group’s deliberation have already been published including a description of the

group’s overall efforts (Genet et al 2007), a preliminary design of a direct drive, 0.7-meter corrected Dall
Kirkham (CDK) telescope with a Nasmyth focus
(Rowe et al 2007), and a summary of two workshops
(Genet 2007, and Corneau 2007).
The alt-az group decided, in early January 2008,
to develop and evaluate some of their ideas by designing and building an 18-inch Newtonian telescope.
In this paper we provide a summary description of
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the design features of this telescope, beginning with
the direct drive motors and control electronics.

Figure 1. Alt-az group members at the 18-inch Critical
Design Review at Cal Poly in mid March.

2. Direct Drive Motors
The objective of direct drive motors is to dispense entirely with gears, belts, shafts, friction drives,
or any other mechanical transmission, and replace
them with large-diameter, high-torque stators and
rotors directly mounted to the telescope itself. The
telescope’s bearings become the motor’s bearings,
while the telescope’s structure becomes the motor’s
“frame,” hence the term “frameless motor.” Positional feedback is provided from high resolution encoders mounted directly on each telescope’s axis, and
a servo controller closes the loop around the encoders.
The primary advantage of direct drive is the
elimination of the mechanical transmission and the
compliance, backlash, periodic error, and other undesirable characteristics associated with them. Properly
implemented, direct drive motors in conjunction with
directly-coupled high resolution encoders and a stiff
structure can, at least in theory, provide the stiffest,
most responsive telescope control possible.
As suggested by Beley (2003) in his classic
book, The Design and Construction of Large Optical
Telescopes, “Direct drive motors are structurally
simple and have no moving parts. They are intrinsically free from friction and stick-slip effects and need
no maintenance. ”
Beley then points out that the disadvantage of direct drives is their relatively high cost. This is why
they are not usually incorporated in smaller telescopes. Rowe, however, has circumvented this difficulty by designing, for our alt-az group, a direct drive
motor that uses readily available parts and materials
(costing about $200) that is amazingly easy to construct.
Essentially all currently available direct drive
motors are radial flux motors with permanent magnets mounted on an iron cylinder forming the rotor,
and radial coils wound over iron cores situated
around the periphery forming the stator. While such a
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radial flux, direct drive motor is energy efficient, it is
difficult and expensive to construct using the common techniques in current practice.
Rowe realized that power efficiency was not a
critically important requirement for smaller telescopes because they generally move slowly – only
infrequently slewing at higher speeds, and that an
axial flux motor as opposed to radial flux motor
would be much easier to build and integrate into the
telescope, albeit with lower overall efficiency.
The motor is quite simple to build. For the rotor,
4N rare earth permanent magnets are evenly spaced
and epoxied on to a soft iron annulus, arranged with
alternating poles. These magnets are very powerful,
and one must not let two of them get too close together as they can easily crush a finger. The stator
consists of 3N coils epoxied to a non-ferrous aluminum or plastic annulus of the same size. The coils are
wired in three phases. On the first test motor, the annuli had a 20 inch OD and an 18 inch ID. The rotor
ring was made of soft steel while the stator ring was
made of epoxy and plywood. The prototype motor
achieved a torque constant of more than 10 N-m/amp
during bench testing.

Figure 2. In the foreground is the azimuth assembly, and
in the background a test coil assembly.

For the 18-inch telescope, the azimuth direct
drive motor, encoder, and bearings have been integrated into a single, quite thin unit designed by
Rowe. Two 18-inch diameter cast aluminum disks
have been machined to provide V-grove bearing
tracks on their periphery, support for the magnets and
coils of the direct drive motors (inward from the
bearing groves), and space toward the center for an 8inch diameter Renishaw tape encoder disk and read
head.
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Figure 3. A simplified plan view of the direct drive motor,
encoder and bearing assembly used for the azimuth
axis.

and precision analog-to-digital (A/D) converters,
precise currents for the motor’s multiphase windings.
In this mode, the motor is effectively generating
torque, commanded by the closed loop servo algorithm. This closed-loop control system keeps the motor essentially “locked” to the exact desired position
whether the motor is rotating or standing still.
The control electronics for direct drive motors
operated in the brushless DC motor mode are quite
simple, and only cost a few dollars. The control electronics for direct drive, brushless DC motors operated
in closed-loop feedback mode are more complex,
requiring high resolution encoders, a computer to run
the feedback algorithms, high resolution analog-todigital (A/D) converters, and high current switches.
Gray, at Sidereal Technology, has developed the
electronics and firmware that will control two direct
drive servo systems using three-phase brushless DC
motors and high resolution encoders. In addition, this
new control system will operate brushed DC servo
motors and stepper motors. With the ability to read
encoders at a 6 MHz rate, this new “Turbo Drive”
controller accommodates both high resolution encoders and fast slew rates. A 5x7 inch, five layered board
contains the complete telescope control system.

Figure 4. A simplified cross section of the direct drive
motor, encoder and bearing assembly for the azimuth
axis.

3. Control Electronics
Direct drive motors can be operated in two quite
different modes. By far the most common mode is a
permanent magnet, brushless DC motor. Such brushless motors are widely used in air conditioners, refrigerators, and electric bicycles, not to mention new,
top end washing machines and driers. In these motors, commutating brushes have been replaced with
Hall effect sensors and electronic switches (typically
MOSFETs). These motors have no brushes to wear
out.
Less frequently, when exact positioning or very
high precision speed control is required, direct drive
motors are operated inside a servo control loop. In
this mode, the angular position of the motor is sensed
by a high resolution encoder. This position information is used to provide, via trigonometric functions

Figure 5. Sidereal Technology Turbo Drive control system.

4. OTA and Fork Structures
The telescope’s primary structural components—
the optical tube assembly (OTA) and fork—have
been designed and are being built by two student
teams at California Polytechnic State University San
Luis Obispo. The OTA team consists of Chiu,
Kirkup, Schmitt, and Swanson, while the fork team
consists of Albertson, Murphy, and Urban. The OTA
and fork team efforts are senior projects in Professor
James Widmann’s mechanical engineering class. The
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teams are being advised by Professors Ridgely and
Genet.
Both simplified mathematical analysis and computerized finite element analysis (FEA) were used to
design these stiff structures. It was specified that the
lowest resonant frequency of the mechanical system
not be below 10 Hz, allowing the control system to
effectively counter wind disturbances up to roughly
this frequency without the control system’s performance being degraded by interactions with structural
resonances.
These goals were achieved in the design. In
simulation by FEA, the lowest resonant frequency of
the OTA (loaded with its optics and instruments) is
approximately 40 Hz, while the lowest resonant frequency of the fork (loaded with the OTA with its
optics and instruments) is greater than 10 Hz. Carbon
fiber composites (CFCs) were utilized in the OTA’s
truss tubes and top end, and also in most of the fork
to facilitate a stiff, lightweight structure.

Figure 7. OTA team, left to right: Michelle Kirkup, Wilson
Chiu, Matt Swanson, and Josh Schmitt.

Figure 8. The carbon fiber fork with steel center ring.

Figure 6. Isometric View of the OTA

The OTA’s square top end allows the spiders for
the secondary assembly to be placed under considerable tension, helping to maintain stiffness in the entire top end. The square top also provides a flat surface for mounting the instrument rotator / focuser at
the Newtonian focus.
The OTA’s square lower section is made from
aluminum alloy. The combination of aluminum and
carbon fiber along the optical axis compensates,
fairly closely, for temperature induced changes in the
focal length of the primary mirror.
The fork was designed to directly transition the
load from the two altitude bearings to the large diameter (18 inch) azimuth bearing. The fork features a
polyurethane foam core, CFC exterior, reinforcing
internal steel plates, and a steel azimuth bearing interface cylinder. A compartment in the bottom of the
fork provides generous space for the telescope’s control electronics, instrument power supplies, etc.
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Figure 9. Fork team, left to right: Drew Murphy, Billy
Albertson, and Rob Urban

5. Optics and Optical Support
The optical layout, including the baffles, was designed by Rowe. The primary mirror, designed and
fabricated by Liu at Hubble Optics, is an f/4 parabola
18 inches in diameter. Two relatively thin disks of
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plate glass are separated by round glass spacer disks,
and the entire structure has been fused together.

Figure 12. The 18 inch primary mirror cell, back and side
views.
Figure 10. 18-inch f/4 Sandwich Mirror

This sandwich structure has two advantages: (1)
the two spaced out thin plates cool quickly as compared to an equivalent solid mirror, and (2) the sandwich mirror weighs less than a solid mirror of similar
stiffness. Although this 18 inch, f/4 mirror has a flat
back and two layers of glass separated by spacers,
Hubble Optics makes much larger diameter mirrors
with curved (slumped) plates and additional layers of
plate disks and spacers.
While the coefficient of thermal expansion
(CTE) of plate glass is higher than that of borosilicate, the changing primary focal length has been almost exactly compensated for by an appropriate
combination of carbon fiber trusses and aluminum
lower-end structure.
The 18-point primary mirror support was designed by and is being fabricated by Banich. The
parts are being cut out by a numerically controlled
water jet machine.

6. The Center of Gravity (CG) of the
Secondary Optical
The secondary mirror, being designed and fabricated by Chelborad and Keller at Optical Structures,
is a very lightweight, cast borosilicate design. The
5.5-inch minor axis provides the generous back focus
needed by the instrumental payload, which can include an instrument rotator, deviator plate, off-axis
guider, filters, and CCD camera.

Figure 13. The light-weight cast borosilicate secondary
mirror made by Optical Structures.

The secondary optical assembly which surrounds
and supports the secondary mirror was designed by
and is being fabricated by Banich. The secondary
mirror support structure and secondary baffle have
been integrated into a single structure designed to
transmit forces from opposing, tightly tensioned spiders.

Figure 11. 3-Layer 25-inch Sandwich Mirror
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scopes. Under consideration are multiple lightweight
mirrors in a spherical configuration, low cost active
control of a single thin meniscus mirror (Wilson
2001), and ultra-lightweight carbon fiber composite
(CFC) mirrors. The transfer of some of these technologies from larger to smaller telescopes is being
explored (Genet et al 2008).

8. Acknowledgements

Figure 14. Side view of the 6 inch diagonal holder inside
its baffle and spider hub.

The center of gravity (CG) of the secondary optical assembly has been located to minimize torsional
loads on the spider vanes. The spider vanes are tensioned to the corners of the square OTA top end (the
four corners at the top of the top end “cage” and four
at the bottom).

7. Conclusion and Future Efforts
Although much of the construction and all of the
evaluation remains to be accomplished, we are confident at this point in time that the combination of direct drive motors operated inside a servo loop closed
around high resolution encoders, lightweight mirrors,
and an FEA designed CFC/aluminum structure can
provide an unusually light and stiff telescope that
should perform well under gusty wind conditions out
in the open or in a roll-off-roof observatory.
Although our informal alt-az developmental
group is currently concentrating on completing the
construction and evaluation of the 18-inch telescope
described above, we are giving thought to several
future initiatives. We welcome others to join us in
these ventures.
We expect that our next alt-az development project will either be a 0.7 or 0.75 meter corrected Dall
Kirkham telescope with a Nasmyth focus. This telescope will feature an unusually large diameter, well
corrected field of view that will accommodate very
large format cameras. It will also feature a built in
instrument rotator and autoguider, and a built-in deviator plate for very high speed corrections.
Beyond this, we are exploring a number of possibilities for designing and constructing unusually
lightweight, low cost, larger aperture (1 to 2 meter)
telescopes. These telescopes would be specialized
photometric or spectroscopic telescopes as opposed
to more general purpose, high quality imaging tele-
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Abstract
Students that utilize remote observatories to conduct their scientific research are often at the mercy and whims of
the observatory owner/operator. In today’s growing arsenal of remote observatories, many have provided the use
of their equipment for both research and astrophotography but for most remote sites the support ends there. At
the Dark Ridge Observatory students are made a part of the entire observatory and observing process including
data reduction, analysis and incorporation into scientific papers in refereed journals. At the Dark Ridge Observatory the student is guided through the nuances of the host equipment to achieve scientific accuracy for their
measurements. The process provides mentoring for the student in the collection, reduction and understanding of
the use of astronomical images in science.

1. Introduction
For the two class semesters in 2006/7 students
from Cuesta Community College C and California
Polytechnic University in San Luis Obispo in California have been engaged in astronomical research
utilizing observations made remotely at the Dark
Ridge Observatory in Weed, New Mexico. The Dark
Ridge Observatory’s contributions to the research,
data analysis, and resulting published papers can
serve as a model on which efficient use of remote
telescopes and near real-time interactions with the
students plays a very important role in learning opportunities. Communications before, during and after
image data is collected and analyzed along with having “the” expert on the observatory equipment being
a major collaborator and contributor are the keys to a
very successful relationship that results in valuable
scientific research papers that students can cite reference to in future endeavors.

2. The Dark Ridge Observatory (DRO)

owned faculty and equipment of the Dark Ridge
Ranch.
Figure 1 shows an artist’s rendition of the
planned DRO facilities where at least three roll-off
roof observatories will house telescopes and cameras
that are controlled from a separate warm room. Figure 2 shows the current status, with one of the three
observatories in place.

Figure 1. The proposed rendition looking at phase 1 of
the DRO construction effort.

Dark Ridge Observatory is located in the Sacramento Mountains of New Mexico at an elevation of
7100 feet. This area has a nominal weather pattern of
clear crisp skies in the winter and spring months and
monsoon-type weather in the summer and early fall.
The sky conditions during most clear nights provide
seeing between 1.5 and 0.7 arc-seconds. The Dark
Ridge Observatory is a non-profit 501(c)(3) charitable organization that currently utilizes the privately
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4. Current Collaborations and
Opportunities at DRO

Figure 2. View out the control room window to the first
of three roll-off observatories in phase 1 of the construction work.

3. Equipment at the Dark Ridge
Observatory
Currently in operation are two Meade 14”
LX200GPS/R telescopes and one Meade 8” LX200R
used mainly for public outreach and star parties. Each
14” telescope is equipped with an SBIG ST series
(7XE/8XME) CCD camera with “UBVRcIc” photometric filters and an 5” Orion f/5 refractor mounted
parallel to the main telescope as either a wide-field
imaging system or as the more common case as a
guide scope configuration with either an ST-402
CCD camera (ST-7 format CCD) or the external
guide head from the ST-8XME. Additional equipment available are two SBIG spectrographs, the
DSS7 low-resolution and the SGS high resolution
with 1800 rules/mm grating (high resolution) and 600
rules/mm grating (low resolution). The telescopes can
be operated at their deigned f/10 focal ratio or at f/4
utilizing a f/3.3 focal reducer/field flattener, there are
two Meade Deep Sky Imaging (DSI) CCD cameras
(DSI, and DSI Pro II) available for imaging or
autoguiding purposes.
Additional telescopes to be installed are a 20”
Ritchie-Chrétien Alt-Az telescope with an Apogee
AP-8 CCD with “UBVRcIc” photometric filters and
narrow-band filters Ha, Hb, OIII (already in hand but
currently in storage) and several other “to be built”
Alt-Az systems that are being designed, constructed
and tested by students at California Polytechnic University in San Luis Obispo, California under the
guidance of an oversight group consisting of many
individuals with various technical backgrounds and
areas of interest.
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There are currently several projects that are utilizing the Dark Ridge Observatory facilities and mentoring support, those being in the research areas of
double star measurements, exoplanet follow-up, variable star work including some newly discovered variable stars that need classification work done as part
of the GNAT project, headed by Dr. Eric Craine.
Many papers have either been published in or are in
the final processes of review and publication in journals, both refereed and non-referred. These papers
directly add valuable astronomical data to the scientific community and are a vital part of the student’s
holistic view of the scientific process.
In addition to student research the Dark Ridge
Observatory is conducting an on-going investigation
of several over-contact eclipsing binary stars, spectroscopic analysis of the Oxygen Triplet feature of
Cepheid variable stars in the near infrared, and
exoplanet follow-up studies.

5. Making the Difference
When a student or group of students begins their
research project one of the first things done is to decide on what type of science is to be obtained. This
can include discussions of the type of astronomical
object that is to be studied, the expected results from
observing the object, and the many details about how
the object is to be imaged for further analysis.
Having the “expert”, or subject matter expert
(SME) on the specific telescopes and equipment
mentor the students makes choosing many of the observing details and instrument selection a much richer
experience for the students without them needing to
learn all the instrument specific details and nuances
and then how best to utilize the system for the intended function. This doesn’t mean that the student
just picks the target and that all the rest of the details
are laid out for them but rather a recommendation is
made by DRO, explaining why the choices were
made in detail, discussing the pros and cons of each
choice suggested, and the student is then free to make
the final decisions about the setup to be used.
Once a set of equipment choices and imaging parameters is decided upon, test images of the target
providing representative results are made and presented to the students for their review. If the results
are not as the student intended then adjustments are
made to the selected setup and imaging parameters
and further testing is performed until a satisfactory
result is obtained. The test image and some resulting
preliminary data can be immediately sent to the stu-
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dent(s) involved via the Internet and then a real-time
discussion can be conducted.
Following this discussion the data is collected by
taking images, in raw form, for the specified period
of time and then the images are subsequently reduced
using either a library of calibration frames or, if
needed, from calibration frames taken as part of the
imaging session. The resulting “reduced” images are
then used to begin an iterative analysis and discussion of results, with many of the analysis being performed at the Dark Ridge Observatory. This is usually done via email and phone conversations at a later
time.
When the resulting data is in a form that the student feels correct for presentation or publication Dark
Ridge Observatory will transmit all analysis data and
resulting plots or charts to the student(s) such that
they may begin preparing draft papers covering the
science subject and project. Often times the Dark
Ridge Observatory will simply pass on to the students the rough analysis results in raw numerical
format so that the students can themselves perform
further analysis and make their conclusions based
upon their own work. This is the desired method provided the student has the necessary software to perform the analysis themselves.

6. Recent Student Activities
As part of a research class (Physics 93) held at
the Cuesta Community College in San Luis Obispo
California, the Dark Ridge Observatory worked
closely with students and instructor in obtaining the
astronomical imaging data needed to produce several
publications that were presented to the following
organizations:
American Astronomical Society (AAS), "Follow-Up Observations of GNAT MG1 Survey Stars:
A Summer Community College Student Research
Project", presented by Noll Roberts and listed in the
Proceedings for the 26th Annual Conference of the
Society for Astronomical Sciences, Symposium on
Telescope Science.
American Association of Variable Star Observers (JAAVSO) for the following title; “Exoplanet
Observations Suggest Early Ingress”, and “’Flare
Star’ Near WASP-1b 2007.10.15” data sent to the
AAVSO VSX database.
Journal of Double Stars Observations (JDSO) for
the following titles; “CCD Magnitude Limits of double stars”, “DRO CCD of Double Stars”,

7. Examples of student-DRO work
Many student projects have been conducted at
the Dark Ridge Observatory in its previous location
utilizing some of the same instrumentation as is currently available at the new site in New Mexico. Some
examples of the work include the following:
“An Experiment in Relating CCD Differential
Photometric Precision to Varying Degrees of Image
Focus“, presented by Eric Strum as a poster publication at the 2005 American Astronomical Society
meeting held in San Diego California as well as a
published paper at the Society of Astronomical Sciences (SAS) meeting. In this case data collection and
analysis resulting in published posters, papers and
presentations were conducted at the Dark Ridge Observatory.
"A Compact, Off-the-Shelf, Low-Cost Dual
Channel Photometer", presented by Christine Heather
in both written paper and oral presentation at the
2006 Society of Astronomical Sciences (SAS) meeting. In this case, construction of the hardware, data
collection through imaging and analysis with resulting papers were conducted at the Dark Ridge Observatory.
"Light Curves of Two GNAT MG1 Survey Stars
a One-Semester Community College Pilot Research
Project", presented by Noll Roberts, Casey Milne,
and Neelie Jaggi, a three student project, for publication in the Journal of the American Association of
Variable Star Observers (JAAVSO).

Figure 3. The three-student team working at the Orion
Observatory.

8. Conclusion
Dark Ridge Observatory and the interactive work
that is conducted between the students and the on-site
SME really makes a significant difference in the way
the students both learn about science through astronomy as well as the way they get energized for all
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their future endeavors. It takes a lot of work and patience to accomplish first-rate astronomical science
and in the production and presentation of their work
in journals and speaking at recognized conferences
and it is here where Dark Ridge Observatory and
student collaboration is really making a difference.
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Abstract
Until mid-2005 the transitsearch.org telescope was located at the NASA Ames Research Center in a relatively
light-polluted area of Northern California. It was only available to NASA personnel. In the summer of 2005 it was
moved to the San Diego Astronomy Association site, a much more favorable location about 60 miles east of San
Diego. A satellite link and software was added to allow the telescope to be operated remotely by NASA and
SDAA members. This paper discusses the relocation and recent results from the telescope.

1. Introduction
The TransitSearch program was started by Drs.
Tim Castellano (NASA/Ames) and Gregory Laughlin
(University of California – Santa Cruz) to encourage
and support amateur efforts in the detection of transiting extrasolar planets.
Dr. Castellano operated a telescope located on
the roof of his office at NASA for several years. The
light pollution in the San Francisco Bay area made it
a less than desirable location. The telescope has been
moved to a more favorable location and upgrades
have been made to both the hardware and software.
This paper discusses the relocation and upgrades
of the telescope.

2. Background
Until a few years ago, I was primarily an observational astronomer. Frequent trips to the San Diego
Astronomy Association site at Tierra Del Sol east of
San Diego, and assisting at star parties were the majority of my activities.
I had dabbled with some imaging and quickly
came to the conclusion that, although enjoyable, it
would take a long time and many more dollars to
produce high quality images.

Figure 1. TransitSearch.org article by Tim Castellano
from the March 2004 issue of Sky and Telescope.

I first became aware of the TransitSearch project
in early 2004 thru the above article in Sky and Telescope authored by Dr. Castellano. I was immediately
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attracted to this project for a number of reasons. I saw
it as an opportunity to make a significant contribution
to science. It was an area of astronomy that was relatively new and exciting. It was something I could do
with my existing equipment from my back yard. And
it didn’t require some of the skills that I had found
frustrating in imaging – attaining and maintaining
extremely accurate focus and good color processing.
I had a number of conversations with Dr. Castellano via e-mail, met him at an RTMC Conference in
Big Bear, California and invited him to speak at the
upcoming San Diego Astronomy Association Banquet. In conversations at that banquet, I discovered
his frustration with the location of his telescope and
we discussed the possibility of moving it to the San
Diego Astronomy Association location east of San
Diego.

motely over the internet. Tachyon continues to be
supportive of our efforts.
Another key donation was made by Catfish
Software in San Diego. The original control software
resided on a Compaq desktop computer – not particularly suited to the harsh environment it would be subjected to. Catfish Software provided us with a more
robust server. They also contributed significant time,
expertise and hardware needed to get the network up
and running.

Figure 3. The RoboScope’s new location at Tierra Del
Sol, California.

4. Upgrades
Figure 2. The RoboScope’s old location on the roof at
the NASA Ames Research Center, Moffett Field, CA.

3. Site Preparation, Move and
Installation
Once approvals were received from NASA to
move the telescope and the San Diego Astronomy
Association (SDAA) to make the necessary upgrades
to the proposed location, activity started in earnest.
A significant amount of work was required at the
new site to prepare it for the new telescope. There
was an existing pier to remove and a new pad to design, form and pour. Electrical power needed to be
run underground from the central box to the pad. The
help of numerous members of SDAA made this work
go quickly and efficiently.
The telescope and dome were disassembled,
loaded onto a flatbed trailer and brought the 500-odd
miles to their new home.
One of the key elements of this project possible
was the generous donation of bandwidth from
Tachyon Networks, Inc. This connection allows the
dome, telescope and cameras to be controlled re-
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The satellite link was the primary upgrade accomplished during the initial installation. An FTP
server was installed to allow images to be
downloaded to the remote operator. A plate-solving
application, PIXY2, was installed to assist in the remote alignment of the telescope. We have recently
received confirmation of some additional funding
from NASA for software upgrades, a new weather
station, and addition of photometric BVR filters to
replace the existing RGB ones.
The telescope is now available for use by SDAA
members. Although its primary purpose is photometry, it has produced some credible images. Once the
BVR filters have been installed, it will be returned to
it’s initial mission of transit and asteroid searches.

5. Summary
This has been an exciting project for me. I have
learned a lot from Dr. Castellano about the science of
photometry in general and the search for exoplanets
in particular. I am looking forward to reporting some
results at a future SAS conference.
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Abstract
The Advanced Placement physics class of Orange Lutheran High School has conducted a spectroscopic study
of galactic redshift verses distance to experimentally measure the Hubble parameter. Redshifts are measured by
the hydrogen alpha emission line as it is the most prominent line in the spectra. Recessional velocities are calculated via the redshift. Distances are not measured by this team but are taken from databases such as NED or
SIMBAD. The goal of this work is to show the capabilities of the SBIG DSS-7 spectrograph for measuring radial
velocities of bright galaxies.

1. Introduction
The role of the spectrograph in astronomy is as
fundamental as the telescope. Nearly all insights into
the nature of distant objects are gained through its
use, including the nature of atoms, light, and the expansion of the universe. Spectrographs have long
been primarily in the domain of the professional astronomer, being custom build for each application.
Amateur astronomers have also had a long history of
building spectrographs, partly out of interest in the
construction of such an instrument, and partly due to
the lack of commercially available instruments.
Santa Barbara Instrument Group (SBIG), makers
of CCD cameras tailored toward the professional/amateur market, has been the exception, producing two commercially available spectrographs.
SBIG’s Self Guiding Scectrograph (SGS) and Deep
Space Spectrograph (DSS-7) are designed to be coupled with SBIG’s line of ST cameras. The SGS
makes use of SBIG’s unique self guiding capabilities,
offering a guiding chip that is illuminated with the
same light cone as the spectrograph.
The DSS-7 offers no guiding features so it’s
beautifully mated with SBIG’s non-guiding ST402ME using the Kodak KAF 0402ME chip. The
DSS-7 is designed around a pivoting diffraction grating and a movable entrance slit which offers four
resolution modes. The pivoting diffraction grating
enables both view and spectral modes. Also, the
DSS-7’s optical design produces 2:1 image reduction
in both modes, SBIG (2006).

Figure 1. Optical layout of the DSS-7 spectrograph. Light
enters from the left (courtesy of SBIG).

Since the DSS-7 is a lower resolution instrument
than the SGS, it is 5-10 times more sensitive. With a
spectral resolution of 5.4 Angstroms per pixel for its
highest resolution mode, the DSS-7 easily resolves
the Hα line of the Balmer series.
The DSS-7 is well suited to capture spectra of
deep sky object as its name suggests. Nebulae,
Clobular Clusters, and Galaxies can be studied, as
well as stars with active surfaces such as Cataclysmic
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Variables (CV). The authors initial study with this
spectrograph involved time series monitoring of CV
star AE Aquarii, noting the shifting of the Hα line
due to surface flaring.
The most prominent galactic spectral feature at
resolutions capable by the DSS-7 is the Hα emission
line. This line tends to be strongest in Seyfert or Active galaxies duo to the large amount of hydrogen
ionization associated with their cores and starburst
features.
This study uses the DSS-7 to collect spectra of
Seyfert galaxies with an attempt at measuring the
recessional velocity of the galaxy from the redshifted
Hα emission line. After the spectra are calibrated and
measured, the recessional velocities are calculated
and compared to published distance measurements.
This comparison can yield a value for the Hubble
constant and its reciprocal, the age of the universe.

2. History
The redshifted light of galaxies has been explored by astronomers since as early as 1914, with
the work of Vesto Slipher, James Keeler, and William Campbell, Freedman (2002). In the 1920s,
Edwin Hubble and Milton Humason measured the
recessional velocities and distances to several galaxies while noticing a correlation between the two
measurements. The more distant a galaxy is, the
faster its recessional velocity. This relationship has
come to be known as the Hubble Law and exists due
to the expansion of spacetime.

where v is the recessional velocity, Ho is the
Hubble constant and d is the distance to the galaxy.
As the universe expands, distance between galaxies grows larger causing the light from those distant galaxies to become redshifted. The proportionality constant (slope) of velocity to distance is known
as the Hubble constant and it’s currently estimated
value is between 65 and 85 km/sec/Mpc.
This team attempts to follow in the footsteps of
Hubble and Humason, at least in part, by measuring
the recessional velocities of several bright Seyfert
galaxies.

lestron C14 SCT at prime focus mounted to a Paramount ME controlled by the Bisque observatory
software suite. The DSS-7 is coupled to the SBIG
ST-402ME controlled by CCDOps and cooled to -8.0
degrees C.
Integration times vary from 300-1200 seconds,
added in multiples of 300 second images. Using the
100 micron slit, which projects on the CCD as 50
microns, sufficient signal was collected during 300
second unguided images. The Paramount’s excellent
tracking enabled more than 300 seconds exposure
without guiding but mirror shift in the SCT was the
limiting factor in exposure time. Even with some
shift of the object across the slit during the exposure
(approximately 2 arcseconds), the extended nature of
the galaxy provided even illumination during the
entire exposure.
Spectrum capture using the SBIG setup is quite
simple using CCDOps to control the DSS-7 and the
ST-402ME. Spectroscopic imaging differs slightly
from typical image capture making use of only three
key functions in CCDOps. A special DSS-7 window
allows for image capture, slit viewing, and spectrum
capture.
The image capture feature allows for timed exposures of the object to enable the user to maneuver
the area of interest onto the proper position of the
chip. During image capture, the slit is removed from
the light cone and the diffraction grating is pivoted to
the 0th order, produce a reflecting surface. A software
generated, adjustable box marks the slit outline and
makes lining the object up with the slit easy. Slit
viewing mode allows an image of the slit and the sky
to be viewed together so that the user can move the
software generated box over the slit of choice. The
Paramount’s precise motion and software controls
make arcsecond adjustment routine.
Once the object is in line with the slit of choice,
spectrum capture mode is enabled. In this mode, the
slit is moved into the light path and the diffraction
grating is pivoted to produce a 4130 Angstrom spectral range, nicely covering the width of the KAF
0401ME chip. The camera and spectrograph are lined
up so that the spectrum spreads out along the horizontal dimension of the chip and the slits are arranged along the vertical.

4. Data Reduction and Calibration
3. Data Collection
Spectra were collected at the Mill Creek Observatory, located in the San Bernardino Mountains of
Southern California at 1783 meters above sea level
during the month of March/April 2008 with no moon
in the sky. The optical instrument used was a Ce-
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The data frames were reduced using MaxIm DL.
Each data frame was dark subtracted, flat field divided and hot/cold pixel corrected before combination. The combined data frame was then cropped for
the slit height of 30 pixels . All data frames were captured in the 100 micron slit.
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Visual Spec (VSpec) was used for data binning,
wavelength calibration, and barycenter calculations.
Wavelength calibration was done using a hydrogen
emission tube outside the spectrograph. The optical
system was simply pointed at the emission tube and a
reference frame was taken. The frame was then
cropped around the 100 micron slit. Two calibrations
were made on each data frame, using the Hβ line at
4861 angstroms and the Hα line at 6563 angstroms.
Two reference points will enable VSpec to compensate for any non-orthogonal alignment between the
spectrograph and the optical system such as might
cause the spectral dispersion to be non-linear.
Barycenter calculations were made using
VSpec’s label tool. Simply selecting the emission
line by clicking and dragging the computer mouse
over the intensity distribution enables VSpec to find
the center of the distribution. The wavelength of the
center of the distribution was used to calculate the
redshift (z).

5. Data Analysis
Data analysis consisted of four steps:
1.
2.
3.
4.

Calculate redshift.
Calculate recessional velocity from redshift.
Insure proper unit conversion.
Compare recessional velocities measured
from spectra to published distances to galaxies derived from methods independent of an
assumed Hubble constant.

Redshift (z) for the galaxies measured was relatively small, thus recessional velocities were nonrelativistic. The non-relativistic redshift equation

was used, where λ(obs) is the wavelength observed and λ(ref) is the reference wavelength from
the emission lamp at rest with respect to the telescope.
Recessional velocities were then calculated using

The measured recessional velocities and distances of
those five galaxies are compared in figure 2.
The slope of the relationship between recessional
velocity and distance is the Hubble Constant. Currently favored values for Ho range from 65 -85
km/s/Mpc, and the value measured in this study was
64 km/s/Mpc.
Error estimations are limited to variances in the
barycenter value provided by VSpec. If slightly more
or less of the dispersion to be used in the calculation
of the barycenter was selected, its value varied by
approximately 1-2 Angstroms. Propagating this variance through the calculation provided an estimation
of the peak to peak error to be 123 km/s/Mpc. The
error bars in figure 2 indicate this range.

6. Conclusion
The SBIG DSS-7 is a very well made and easy to
use instrument. Although not a substitute for the
more costly and higher resolution SGS, the DSS-7
excels at lower resolution studies like recessional
velocities of extended objects. Software control
through CCDOps is limited compared to standard
image capture and processing through programs like
MaxIm DL or CCD Soft.
Visual Spec is stable and is capable of processing data in a reliable manner. VSpec lacks useful
tools for batch processing a large number of files.
Intensive mouse clicking makes the work tedious.
It is clear from this study that astronomers
equipped with low cost instrumentation can make
meaningful measurements. Low resolution spectroscopy can not only provide meaningful data, but it can
also be used in many preliminary studies for higher
resolution targets, making use of the added sensitivity
and lower integration times.
Although this study does not place meaningful
constraints on the value of the Hubble constant, it
does provide a value that is essentially within the
range of currently accepted values. The study also
provides a useful tool for physics education and testing the DSS-7 in an area where it has obvious
strengths.

7. References
SBIG, http://www.sbig.com/sbwhtmls/online.htm

where

c = speed of light (2.99 x 108 m s-1)
z = redshift.

There were a total of eight galaxies for which
redshifts were found, but only five of those galaxies
had published distances that were independent of an
estimated value for the Hubble constant (see Table).
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Figure 2. The Hubble Law showing data comparison.
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Abstract
This paper discusses an image restoration technique to effectively post-process astronomical images to remove
coma artifacts. Coma is a common problem for imprecise optical systems that manifest its self as distortions that
worsen near the edge of the image. Conventional full image deconvolution techniques will not remove this artifact because the coma exhibits a positionally variant distortion of the image, i.e., the optical point spread function
(PSF) varies as a function of position at the focal plane. Coma repair is accomplished by partitioning the image
into small blocks, estimating the PSF of the block, applying the Richardson-Lucy deconvolution algorithm to each
block and then reassembly of the blocks into the final image.

1. Introduction
The performance of optical telescopes suffer
from a number of aberrations including atmospheric
effects, light pollution, haze, miscollimation, vignetting, tracking errors, etc. but perhaps the worst hated
aberration is coma. To an astrophotographer, coma,
renders a potentially world class image useless. The
scientist, likewise, would find it difficult or impossible to measure important star attributes. Coma is an
optical telescope aberration, in which for example an
astrophoto of a star field would show an increasingly
distorted image of stars depending on the distance
from the center of the image. The distorted stars at
the outer edge of the astrophoto appear shaped like a
comet, thus the word, coma. Stars near the center of
the image would typically be undistorted.

2. The Coma Deconvolution Problem
For the moment let us consider a perfect optical
telescope with no lens or mirror aberrations and no
tracking errors. Assume the CCD detector at the focal
plane has pixel sensors sized with a resolution of
2”/pixel. This angular resolution is typical for many
telescopic systems since seeing conditions are rarely
better than 1” due to atmospheric turbulence. What
should we see if we point the telescope to a star field
under conditions of perfect seeing? Fortunately, astronomers have measured the angular diameters of
many stars. The largest, Betelgeuse, in the constellation Orion, has an estimated angular diameter of
~0.050”. Alpha Centauri and Sirius have angular diameters estimated at .007”, but most stars are substantially smaller than this. Our pixel size of 2” is
~40 times larger than the biggest star we come
across, Betelgeuse. Thus, our perfect telescope sys-

tem would observe the star field such that each star
illuminated only a single pixel.
In terms of signal processing, the image of a star
at the CCD focal plane is the point spread function
(PSF) of the optical system convolved with the actual
star image. In our case, the stars can be considered
perfect impulse functions. The observed image of
each star therefore represents the PSF of the complete
optical system from the star to the CCD. In practice,
the actual PSF can only be estimated with some degree of accuracy because of degrading components
such as noise and the assumption that we are observing only one star.
The ideal optical system, with perfect lenses and
mirrors, would have a spatially invariant PSF. For
example, the image of a star field at the CCD focal
plane would consist of identical star images across
the area of the CCD focal plane except for intensity.
Coma optical aberration, on the other hand is spatially variant. That is, the PSF varies as a function of
position at the CCD focal plane.
Knowledge of the PSF allows us to use powerful
deconvolution techniques such as the RichardsonLucy algorithm to undo, in the maximum likelihood
sense, the filtering effects of atmospheric turbulence
and telescopic lens aberrations. This algorithm is an
iterative technique, derived from Bayes’ theorem on
conditional probabilities that increases the likelihood
of the observed image for each iteration. If for instance, you record an image of a star field on an optical system with good optics and no coma artifact,
then you may use an individual star image as an estimate of the PSF and then perform multiple
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Figure 1. Upper left-hand corner of the unprocessed
image with overlap boundaries (up-sampled by 2).

Figure 2. Upper left-hand corner of processed image
(up-sampled by 2).

iterations of the Richardson-Lucy deconvolution algorithm to improve the sharpness of the original image. This method will not work for images degraded
by coma since the PSF is spatially variant.

4. Experimental Results

3. Coma Deconvolution Method
The PSF of images degraded by coma changes as
a function of position in the image, but fortunately,
the PSF in a small area of the image will be nearly
spatially invariant. This proposed method uses a
piece-wise linear technique by partitioning the image
into multiple overlapping small images. Figure 1
shows an example of an image that has been partitioned into four smaller images. In this example, the
image block size is 245 pixels and the overlap size is
50 pixels. Each image block is then processed independently. We carefully estimate the image block
PSF by finding a star (or stars) that meets certain
criteria. An ideal star candidate would be one in
which the nearest star was more distant than the expected PSF radius. Also, we wish to choose a nonsaturated star yet one with high intensity. An automated search program can be used to find the best
star candidate. We then use the PSF estimate and
perform multiple iterations of the Richardson-Lucy
deconvolution algorithm to sharpen the block image.
After all the block images have been processed, they
are reassembled into the final image by using an
over-add technique to blend adjacent image blocks.
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A CCD image of the Cocoon nebula was taken
using the following equipment:
10” LX200R F10
SBIG STL2000XM CCD Camera (7.4u pixels)
Meade F3.3 Focal Reducer (1.8 arc-sec/pixel)
The 1600x1200 (48’x37’ FOV) pixel image was
partitioned into 48 (6x8) overlapping blocks using an
image block size of 245 pixels with an overlap of 50
pixels. Each image block was upsampled by a factor
of two to improve deconvolution processing. The
PSF of each image block was estimated by automatically searching the image block for a star with distant
neighbors. Thirty iterations of the Richardson-Lucy
algorithm were used to sharpen the image blocks.
The blocks were then reassembled by using the overlap-add method. Figure 1 shows the original upper
left 2x2 blocks of the 48 block image with the coma
artifact. Figure 2 shows the processed image. Note
the smaller well defined star images in Figure 2 vs.
Figure 1 and the absence of the coma artifact, except
for saturated pixels. One solution to fix the saturated
pixels is to take many smaller duration photographs
and stack them. The processed image in Figure 2 has
been compared with a Hubble image to check for
spurious artifacts. The comparison indicated that star
images were accurate, except for areas at saturation.
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Figure 3. 3D representation of star with coma before
deconvolution.

Figure 4. 3D representation of star with coma after deconvolution.

Figure 3 shows a 3D image of a star located at
Position (198,739) in Figure 1. Note the coma tail
extending on the left hand side. Figure 4 shows the
same star image after 30 iterations of the RichardsonLucy algorithm. Note that the FWHM has been substantially reduced from 8.0 to 3.5 pixels (7.2’ to 2.3’)
and that the star amplitude has increased from 60.5K
to 266K, a factor of 4.4. The coma has virtually disappeared with just a small amount of oblateness in
the processed image.

5. Conclusions
Conventional full image deconvolution techniques will not perform well on images with coma
aberrations because of a spatially variant PSF. This
paper has proposed a solution by partitioning the image into small overlapped images, each which can be
processed individually with deconvolution techniques
such as the Richardson-Lucy algorithm. PSF estimation requires careful selection of a reference star(s) in
each image partition. This paper has shown that the
proposed method works well for astronomical images
without saturation. In this work, we used a rich star
field which may not always be the case. It would be
possible to estimate the PSF in image partitions that
do not have stars by utilizing equations that characterize the coma artifact.

6. References
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Abstract
This paper presents methods and techniques that allow for the automatic calibration, stacking and analysis of
astronomical images using royalty free and open source software. With the advent of low cost imaging techniques that produce large and long time sequences of images, data production in small observatories has outpaced the interactive tools employed by many observers. Presented are several scripting based approached,
with examples, on how science data can be extracted from these large data sets with little interaction. Introduction

1. Introduction
The past decade has seen the consumer photographic market undergo a transformation from emulsion based films to digital detectors. This revolution
was nurtured by professional astronomy and biology’s need for better detectors. The advances in
charge coupled devices and photo-diode technology
arose out of the detector research of the 1970s and
1980s.
The fruits of this effort found its way onto amateur telescopes starting in the early 1990’s. The early
detectors were small, pricey and the tools to handle
the images were rudimentary. With nearly all imaging becoming digital, the variety of sensors available
and the configurations in which they are packaged
has led to a proliferation of choices for the science
imager. At the highest price points of the market are
cooled, temperature controlled, high quantum efficiency cameras. At the middle price range are uncooled science cameras, and general purpose digital
SLR cameras. At the lowest price point are modified
web and video cameras.
The advent of inexpensive uncooled cameras capable of producing science quality images allows
anyone interested in pursuing quantitative work to do
so from nearly any locale. While this is a boon to
science, the consumer market forces that are driving
sensor design and production are leading to a glut of
data. High pixel count cameras with small dynamic
ranges require the processing of ever more image
data to yield science results. These factors are increasing the processing requirements so fast that they
are overwhelming the GUI image processors that
observers are using.
The professionals have adopted automated data
reduction pipeline systems to handle the large volume
of data produced by queued observing and automated
surveys. Amateurs too need to embrace automated

data reduction methods to cope with the volume of
raw observational data even a modest program can
produce.
This paper explains the forces driving this exponential explosion of data, and presents an overview of
how to develop an automated data reduction system
using freeware or open source software. The pipeline
design and development process shall be explored in
the context of a variable cadence survey project underway at the SSC Observatory.

2. Science Imager Trends
Almost every commercially available imager is
based upon a consumer electronics sensor. While the
cost of processed silicon (the basis of most detectors)
has remained stable or increased slightly over the
years, the density of circuitry per unit area has grown
geometrically. In the quest for higher image resolution, these two factors lead chip designers to shrink
pixel size. Shrinking pixel size puts higher pixel
counts on their detectors without escalating material
costs.

Figure 1. The Escalating Pixel Count Trend

145

Hoot – Automating Image Science

The growth in pixel counts is a corollary to
Moore’s law, which roughly states that: “Circuit
complexity is doubling approximately every two
year’s.

Thus, the number of pixels per imager double
about every two years, but the full well capacity of
the sensor decreases by a factor of approximately 2.8
every two years since the well is a volume, not an
area.
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Figure 2. Well depth as a function of pixel size

Faced with decreasing well capacity, maintaining
a constant signal to noise ratio requires you to take
multiple shorter exposures and combine them to
compensate for the lower dynamic range. Since signal to noise (S/N) ratios decrease only in rough proportion to the square root of the exposure count, you
need to take geometrically more exposures. The
rough expression of the number of frames required to
maintain a constant S/N is show below:

The product of the frames produced times the pixel
per frame is the measure of the processing power
required to reduce raw observations to science data.
The result is an escalation of the number of pixels
you must process that is advancing at a rate faster
than computer power is increasing!
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Fortunately this pixel arms race cannot continue
indefinitely. Below some threshold the read noise
will render the image too noisy to be commercially
viable. Nevertheless, optimally exploiting high pixel
count sensors with limited dynamic range is getting
to the point where a small observatory can easily
produce raw data at a faster rate than it can be reduced.

3.

Automating Science Images

Science imaging is fundamentally different from
imaging for aesthetic purposes. In the latter, many
images of the same target are combined to present a
pleasing appearance, without too much regard for the
preservation of the quantitative representation of
physical phenomena. By contrast, each step of image
processing for science research is carefully managed
to preserve and measure the phenomena under study.
Often many similar observations of a given type of
target are performed, or many identical observations
of the same target are made over time to track and
measure change.
It is the very repetitive nature of science observing that lends the procedure to automation. Automating data reduction is not an easy feat. To be a candidate for automation, an observing program must be of
sufficient duration, or the data reduction of sufficient
complexity that the effort involved in automating the
process, is more than compensated by time saved
during the program. The other reward for automating
a data reduction process is reduction of random procedure errors that corrupt the your results. Once an
automated reduction process is running, it will treat
all observations identically. The downside of automation is that any systematic error in your process will
propagate rapidly through your experiment.

4. Process Design
If you are fortunate enough to be engaged in a
science program, such as asteroid study, where automated tools are commercially available, automating
your work is comparatively easy. Otherwise, you are
faced with the task of developing your own process.
The design of an automated data reduction system is an extension of your experimental design.
Rather than discuss this in abstract terms, this paper
will follow the design and development process for
automating the Variable Cadence Survey (VCS) currently in progress at the SSC Observatory.
The VCS is designed to monitor a collection of
relatively large fields over a long period of time in
the hope of discovering new variable stars, novae,
high proper motion objects, supernovas and other
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transient events worthy of targeted follow-up. The
idea is to gather survey images as part of the normal
observatory startup and shutdown procedure for
every observing run.
The survey images a set of fields 160 arc minutes, by 106 arc minutes at a resolution of 2.66”/pixel
utilizing a modified digital SLR camera. Accessible
fields are imaged prior the beginning of any primary
observing run, and again at the end of the primary
observing run, provided weather did not terminate the
primary observing session. The survey fields are imaged at exposure times of 15 seconds, 60 seconds and
240 seconds. A minimum of four frames are taken for
each exposure duration. With this technique and
equipment 2% photometry can be extracted from
Magnitudes 4.0 through 14.0.
With a 10 mega-pixel sensor, the survey produces over 72 images per field per night. Or 2.88
Gigabytes of raw data per field per night. With these
numbers in hand, it was clear automation was the
only hope the program has for success.
Survey frames for each field are handled as follows:
1. The survey images separated into the R, G
and B components FITs files.
2. The images are dark and flat calibrated.
3. The images are all co-registered, stacked
and combined to preferentially use the unsaturated data with the highest S/N ratio
from among the three different exposures
duration at each pixel location.
4. The field’s R, G, and B images are then rotated, scaled and aligned to match the coordinates of the master reference frame for
that field.
5. Using reference standard stars, differential
photometry is extracted for every source
identified in the master frame. This data is
added to database for that field.

6.

7.

8.

9.

All sources in the observed field are identified. These sources are then compared
against the master source list for that field
and any new sources are noted in an alert
file.
Astrometry for all sources in the master field
are measured and saved to the astrometry
database.
The photometry database is scanned and
stars with statistically significant brightness
deviation are noted in the alert file.
Periodically, the astrometry database is
scanned and objects with statistically significant position deviations are noted in the
alert file.

5. Survey Data Flow
In developing the data processing pipeline for the
VCS, the first step was to graph out the flow of information and the processing steps in a flow chart.
Flow charting is an old, but trusty, planning tools
used when designing any automation system. At the
highest levels it identifies the processing steps and
the input and output at each phase of the operation.
The chart in Figure 3 summaries the steps that
are taken to process the raw image sequence for a
single frame. The boxes with the curved bottoms,
represent image files, the rectangular boxes represent
processing steps applied to data. The cylinder represents system archival file storage and the box with
the slanted top represents user interaction.
The only manual input to the initial reduction
process is the identification of the field alignment star
in a single frame from the sequence.
Similarly, in the data extraction process, the only
manual input required is the identification of two
registration stars in a single reduced G frame.
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Figure 3: Basic Field Reduction

6. Tool Selection
The first step in implementing the data reduction
process was the selection of the appropriate tools.
Given that I have a collection of Windows PCs and
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Figure 4: The Data Extraction Process

that interactive tools were out of the question, I
evaluated the least expensive tools capable of supporting my application. The two most robust image
processing freeware or open source systems I located
were IRIS and IRAF.
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IRIS is powerful freeware astronomical image
processing program developed and distributed by
Christian Buil. IRIS features a graphical user interface, but this GUI is really an add-on front end to the
actual command line driven application.
The IRIS program is constantly being updated
and features over 125 separate processing commands
from which you can then assemble macros to process
your images. In addition to simple macro processing,
the command processor can invoke a TCL interpreter
so the more complex processing scripts can be handled.
IRIS, though originally written in French, has
been translated to English and is supported by an
active user community and a Yahoo interest group.
The other alternative considered was the Cygwin
port of IRAF. IRAF has long been a staple of professional astronomers. IRAF, short for Image Reduction
and Analysis Facility, originated in the 1980’s at
KPNO, and was subsequently supported and enhanced by the NOAO.
IRAF was originally developed for VMS and
Unix systems. It has been ported to Solaris and Linux
in the past, but more recently IRAF has been ported
to Cygwin, an open source DLL library that runs
Linux applications within Windows by converting
Linux system calls to their Windows equivalents.
The choice of systems was difficult. IRIS features integrated support for digital SLR cameras.
IRIS DSLR support includes handling the many
manufacturer’s proprietary “RAW” image formats
and their conversion to FITs. It also streamlines the
calibration of DSLR images by performing dark subtraction and flat fielding in the RAW format prior to
splitting the image into its R, G and B components.
IRAF is a far more complex and extensible system than IRIS, but its complexity makes it more difficult to master and manage.
IRAF was ultimately selected for this project because IRIS represents pixels internally as 16 bit
signed integers. Our desire to span 10 magnitudes of
dynamic range in our data precluded using IRIS
without a very complicated and lossy scaling system
for our image data. Instead, all VCS image data is
referenced and processed using pixels represented
using 32 bit floating point numbers.
The selection of IRAF entailed solving the problem of converting DSLR image data from Raw format to FITs. The open source community’s DCRAW
software solved this problem. This open source program converts most popular digital camera formats to
PGM or TIFF format. From earlier work, I had a
converter that accepted TIFF and could convert it to
FITS, preserving applicable tag values from the TIFF
header. It was a straightforward effort to create both
DOS and IRAF scripts to convert DSLR images to

FITs. In the freeware tradition, the software and
scripts along with a brief usage summary are posted
on the SSC Observatory web site.

7. Pipeline Implementation
One of the keys to making automated data handling scripts work smoothly is to embedded information in the data so that is can be routed, calibrated and
processed correctly. The easiest place to put this information is into the file name itself. All operating
systems and scripting languages have powerful tools
for file manipulation, so you get tremendous benefit
from adopting a rational and regular set of conventions for naming files.
In the case of VCS the following naming convention are employed for image frames files:
Raw Images:
<TARGET>_<EXPOSURE>_<GAIN>_<INDEX>.<TYPE>
Example: HVCS02_240_asa800-0071.CR2

Dark Calibration Images:
DarkDslr<EXPOSURE><COLOR>.fts
Example: DarkDslr240R.fts

Flat Fields
FlatDslr<INSTRUMENT>_<COLOR>.fts
Example: FlatDslr30cmR.fts

Calibrated Images:
<TARGET>_<EXPOSURE>_<GAIN>-<INDEX>_<COLOR>.fts
Example: HVCS02_240_asa800-0071_G.FTS

Combined Science Images:
<TARGET>_<YY><MM><DD>_<INDEX>_<COLOR>.fts
Example: HVCS02_080212_01_B.fts

Field Reference Images:
<FIELD>_Master_<COLOR>.fts
Example: HVCS02_Master_R.fts

Typically, scripts are constructed to take advantage of these lexical conventions using directory
wildcards to create lists of files to be processed. For
example the fragment below shows how the conversion from RAW image format to FITs is achieved.
procedure rawtofits.cl( fileid)
string fileid
begin
sec (fileid // "*.CR2",> "list01")
awk ("-f /Scripts/Iraf/rawtofits.awk",
"list01", > "temp")
cl <temp
end

In the above example the “//” operator means
concatenate, and the “sec” operator is an advanced
directory listing commands. The result of this first
line will collect all RAW DSLR files starting with the
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string passed and create a text file listing them one
per line. The next line constructs command lines to
convert each file in list01, and the third line process
the commands sequentially.
Figure 5 below contains the highest level pipeline script in the stream. It shows how the lower level
scripts are executed to implement the data reduction
process. Each day following an observing run, this
file is edited with the names of the field from the previous evening’s run and the date entries are updated.
The file is then fired off to an IRAF command processor in its own window. Later in the day, the alignment stars are marked, and the process then runs to
completion.
#############################################
# HVCS Daily Reduction Pipeline
#
# Use - Edit in todays field id's and date
#
cl <pipeline
#############################################
#### create todays darks ######
rawtofits dark
mkdslrdarks dark_015 015
mkdssrdarks dark_060 060
mkdslrdarks dark_240 240
del dark_*.fts
### Calibrate todays fields ####
rawtofits HVCS
caldslr HVCS??_015 DarkDslr015 FlatDslr
caldslr HVCS??_060 DarkDslr015 FlatDslr
caldslr HVCS??_240 DarkDslr015 FlatDslr
### Coalign And
combdslr HVCS02
combdslr HVCS04
combdslr HVCS08

Combine Todays observations ###
HVCS02_080212
# edit field and date
HVCS04_080212
HVCS08_080212

### Transform to master WCS ###
align HVCS02_080212 /cosmos/projects/HVCS/HVCS02_Master
align HVCS04_080212 /cosmos/projects/HVCS/HVCS04_Master
align HVCS08_080212 /cosmos/projects/HVCS/HVCS08_Master
### Extract Data ###
PhotDslr HVCS02 /cosmos/projects/HVCS/HVCS02_Master 080212
PhotDslr HVCS04 /cosmos/projects/HVCS/HVCS04_Master 080212
PhotDslr HVCS08 /cosmos/projects/HVCS/HVCS08_Master 080212
TransientDslr HVCS02 080212 >>/cosmos/projects/HVCS/Alert_080212.txt
TransientDslr HVCS04 080212 >>/cosmos/projects/HVCS/Alert_080212.txt
TransientDslr HVCS08 080212 >>/cosmos/projects/HVCS/Alert_080212.txt
NewObjDslr HVCS02 080212 >>/cosmos/projects/HVCS/Alert_080212.txt
NewObjDslr HVCS04 080212 >>/cosmos/projects/HVCS/Alert_080212.txt
NewObjDslr HVCS08 080212 >>/cosmos/projects/HVCS/Alert_080212.txt
### Dump Alert File ####
more /cosmos/projects/HVCS/Alert_080212.txt

Figure 5: Sample Daily Master Script

On a 2.4 GHz dual core PC, the script above
takes about three hours to complete. The process
could be accelerated by rewriting custom code to
parse the database and perform the correlation analysis to look for transients, and the elimination of
known stars in NewObjDslr. When the database expands to the point that processing cycles cannot complete within 8 hours this will become a priority.
The complete script library should be available
on the SSC Observatory web site by the time of publication.

8. Conclusions
The VCS project was conceived about 12
months ago, after the observatory had acquired a
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modern DSLR and evaluated it capabilities. The VCS
project took a left turn after only a couple of nights of
observing. Once the master field frames had been
meticulously constructed, sources cataloged and a
coordinate reference frame selected, it became clear
that the level of manual effort required to process
incoming VCS data was beyond the tools I was using
and the time available. From this dilemma sprang this
foray into data pipeline development. The survey has
been on hold for almost a year as the pipeline has
been developed, tested and revised. SSC Observatory
is looking forward to commencing full survey operations this year. My hope is that it produces science
results commensurate with the development efforts
expended.
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Abstract
CCD ground-based photometry of the contact binary system BB Pegasus is presented along with analyses of the
light curve. Recent radial velocity data with these obtained light curves were used to compute parameters. These
results are compared with published values computed using spectroscopic values. The light curve displays total
annular eclipses in the primary. The period is very short, equal to 0.3615015 days. A recent spectroscopic study
indicates the existence of a third body. Three times of minimums were gathered for this poster paper and when
added to those found in the literature a plotted quadratic ephemeris displays a sine-like variation of the O – C
curve indicating a tertiary component to the system. The light curve of this system shows an asymmetry in which
the maximum after primary eclipse is higher than the other maximum, O’Connell effect. Two small cool stellar
spots on star number 1 were used to make the parameter model fit the light curve data.

1. Introduction
BB Pegasus is a contact binary, low temperature
of 6250 K, an F8 main sequence binary system. The
mass ratio determined photometrically using the acquired light curve, Figure 1, and Binary Maker 3
(Bradstreet 2004) is computed to be 2.778. Following
the normal convention the reciprocal of 2.778 = q =
0.3599, which is identical to the spectroscopic q acquired by Lu (1999). Their radial velocity data was
plotted and mass ratio q of 0.360 computed, Figure 2,
which is used to compute the parameters and absolute
parameters of this system. See Table 1.

stars which are also similar in luminosity. Kalomeni
(2007) has determined the mass transfer from the less
massive to the more massive component is occurring.
D’Angelo (2006) spectroscopic study determined
the existence of an M-type dwarf star orbiting about
the binary. Time variations and O – C analysis display a sine-like variation which implies a tertiary
component orbiting the system.

2. Observations
The observations were made on September 15
and 16, 2007 in the R and V filters using a Meade
12” LX200 classic with SBIG ST-9XE yielding a
1920mm (75.6”) focal length and effective field of
view of 2.18 arsec/pixel. Three times of minimum
obtained, two primary and one secondary minimum,
are the last three minimum shown in Figure 4 along
with those published in the literature.

3. Discussion and Conclusion
The linear ephemeris (Kreiner 2004) was used to
construct the binary’s 0 – C diagram of Figure 4
HJD Min. = 2,452,500.0335 (6)
+ 0.3615016 (2) E
Figure 1. Light curve of BB Peg in R. Solid curve is the
theoretical light curve from the parameters in Table 1.

This is a W UMa type contact eclipsing binary
with a short period, ellipsoidal shapes because the
components being so close are distorted by tidal
forces and mass transfer is occurring between the

(1)

The equation for the least-squares fitting in Figure 1 was added to equation (1) to obtain the quadratic ephemeris
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HJD Min. = 2,452,500.037332 ± 9.4 x 10-4
+ 0.361502561 ± 9.1 x 10-8 E
+ 1.49215−11 ± 1.4 x 10-12 E2

Figure 2. Radial velocities of BB Peg (Lu 1999).

Figure 3. BB Peg shown in spherical coordinates geometry with two stellar spots on star 1.

Figure 4. O-C, in days, plotted against orbits of BB Peg.

When the residuals from equation (2) were plotted it shows a sine curve, Figure 4. This sinusoid
would suggest a triple system interpreted that the
timing residuals are caused by the light-travel time
differences as the eclipsing system moves about the
barycentre of the triple. D’Angelo (2006) did a spectroscopic study of the system and determined an orbital period for the third body = 29.7 years while Kalomeni computed a period = 27.9 years. Using measurements and data computations of Figure 4 this pa-
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per computes a period for the tertiary component of
35.522 ± 1.121 years. When analyzing data sets and
radial-velocity studies to determine teriaries in systems it is not an exact science so the above three different measurements to come within ±21% is accepted.
There appears to be a gain in the angular momentum of the system (dP/dt) since September 1998.
The data computes this gain = 2.578-6 seconds each
cycle or 2.605-3 seconds each year. This is average
angular momentum change for a W UMa type system.
Figure 1 shows an asymmetry in which the
maximum after primary eclipse is higher than the
maximum after the secondary minimum, O’Connell
effect. Two small cool stellar spots, Figure 3, on star
number 1 were used to make the parameter model fit
the light curve data rendered in Figure 1. Table 1
displays the spot parameters and it should be noticed
the spots were only 10% cooler than the surrounding
areas on star 1.
mass ratio input
mass ratio < 1
Fillout 1
Fillout 2
Normalization Factor
inclination
wavelength
temperature 1
temperature 2
gravity coefficient 1
gravity coefficient 2
limb darkening 1
limb darkening 2
reflection 1
reflection 2
Third light
Period
K1
K2
Kg

=
=
=
=
=
=
=
=
=
=
=
=
=
=
=
=
=
=
=
=

2.778000
0.359971
0.300000
0.300000
0.98500
87.000
5500.00
6250.00
6600.00
0.320
0.320
0.547
0.573
0.500
0.500
0.000
0.36150100
97.200000
270.200000
-28.9

Absolute Parameters
Mass 1 = 1.376664 solar masses
Mass 2 = 0.495232 solar masses
Semi-major axis = 1.828719 million km
Semi-major axis = 2.627470 solar radii

Star
1
1

Spot Parameters
Co-Lat
Long
Spot
Radius
90.000 242.620 12.110
90.000 296.920 12.110

Temp
Factor
0.90
0.90

Table 1. Parameter solutions BB Peg.
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Abstract
Sky brightness has an important impact on data collected from digital images. It produces environmental effects
important in terms of ecology, human health and overall enjoyment of the night sky. Sky brightness can be monitored by a variety of different techniques. Recent systematic sky surveys enable long term monitoring of sky
brightness. Simple astronomical instruments can be adapted to dedicated use for sky brightness monitoring.
There are even a variety of specialized instruments designed for the sole purpose of sky brightness measurement. We discuss elements of each of these approaches. We present some results of how to compare the data
collected, and examine how the data correlate using different systems. Support has been provided by Colorado
State University, the Global Network of Astronomical Telescopes, Inc., the International Dark-Sky Association
and Western Research Company, Inc.

1. Introduction
The International Dark-Sky Association (IDA) is
a non-profit organization dedicated to preserving and
protecting the night skies through the limitation of
light pollution. As such, part of their work includes
providing information about issues related to dark
sky preservation. This information is made available
to be used as an introduction to the subject for the
general public, and as a guide to cities and government officials for policy formation.
While IDA’s mission involves many varied topics, monitoring sky brightness is an important component. Looking at sky brightness as a function of
time is especially vital. Being able to continually
monitor any changes in sky brightness, whether due
to time of year, lunar cycle, sky conditions, or long
term city growth, provides valuable data on which to
base technical recommendations.

Astronomers can productively contribute data to
this goal. Setting up permanent telescope systems or
reducing archives of already collected sky images
provides a database for the ongoing study of sky
brightness levels. Collaborating with independent
astronomers creates a broader range of data, both
over time and distances.
The study and analysis of various methods of sky
brightness data collection is therefore undertaken to
determine the best approach to meet IDA’s needs. In
this paper we summarize some of the efforts underway to monitor sky brightness using astronomical
tools.

2. Methods
For purposes of this report we look at three techniques that we have used for monitoring sky brightness: 1) measurement of sky background in archived
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astronomical surveys, 2) operation of dedicated astronomical telescopes for sky brightness measurement, and 3) a calibrated light meter specifically intended for sky brightness measures.
2.1 Archived Data
Some types of archived astronomical survey data
are potentially useful for sky brightness measurements. These data are most useful in the case of surveys which are conducted over extended periods of
time using homogeneous observing parameters and
protocols, such as fixed integration times. One such
survey to which we have access is the Moving Object
and Transient Event Search System (MOTESS) that
has been analyzed for stellar variability by the Global
Network of Astronomical Telescopes (GNAT).
MOTESS is described by Tucker (2007) and the
GNAT analysis is presented by Kraus et al (2007).
2.2 Dedicated Telescopes
Another method of collection of sky brightness
data is the set up of dedicated telescopes that specifically monitor sky brightness. We have set up two
such identical systems in Fort Collins, Colorado and
Tucson, Arizona. Each system is comprised of a 5
inch Celestron telescope equipped with a Santa Barbara Instruments Group (SBIG) ST-6 digital camera.
The telescope is pointed at the zenith and is stationary, allowing the sky to sweep by. The digital camera
is programmed in the CCDOPS control software to
take a series of short integration (typically 20 seconds) images throughout the course of the night.
2.3 Light Meter
The final method considered is the use of the
Unihedron Sky Quality Meter (SQM). The SQM is a
small hand held device that measures the brightness
of the night sky in magnitudes per square arc second
(Cinzano 2005). The user points the sensor of the
meter at the zenith and presses a button to initialize a
measurement; in a few seconds a reading will appear
on the screen. SQM measures were simultaneous
with our dedicated telescope imaging; we were careful to point the SQM at the field of view of the telescope. Use of this meter is especially helpful as it
provides an exact numerical value for sky brightness.
Analyzing digital images in the first two methods
typically only produces relative values, and as such
results can only be looked at in a comparative sense.
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3. Data Reduction
3.1 Archived Data
The MOTESS imagery consists of scan mode
Flexible Image Transport System (FITS) astronomical images of the night sky, typically within 5 degrees of the celestial equator. These scan mode integrations are 193 seconds in duration and the telescopes are pointed at or near the prime meridian.
MOTESS survey imaging commenced in Spring
2001 and has been continuous ever since, providing a
long term and homogeneous data set suitable for
night sky brightness monitoring.
Sky brightnesses were extracted from the images
using the image histogram function of the astronomical image reduction software package MIRA (Axiom,
Inc.; Tucson, AZ). The peak value of the darkest pixels in the image histogram was taken to be the average sky brightness value. These values were recorded
in data numbers (DN), and as a result the data are
useful for comparing relative sky brightness. Sky
brightnesses were measured as a function of date and
note was made of the lunar phase for the night of
measurement.
These data are also useful for educational projects, and to this end we have used software such as
SkyView (Western Research, Co., Tucson, AZ) to
enable students to quickly and easily measure sky
brightness and do star counts in archived image data
(Craine et al. 2006).
3.2 Dedicated Telescopes
Nightly data collection began with activating and
setting the camera temperature, in this case to -15 C,
and setting the parameters for the evening’s image
collection. We kept the parameters fixed throughout
the course of the five months of observation and had
the same settings in both Fort Collins and Tucson.
We set the integration time at 20 seconds, and arranged for the camera to continuously take alternate
dark and sky images, with the darks automatically
subtracted from each sky image. Images were taken
throughout the night, depending on weather conditions. The Fort Collins images were more frequently
degraded by frost accumulation on very cold nights;
these images were rejected in the data reduction
process. Including the download time an image was
taken approximately every three minutes throughout
the course of the night.
The Fort Collins system has run nearly continuously since November of 2007, while the Tucson
system commenced data collection in early 2008.
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700

Brightness (100s)

We downloaded each evening’s set of images
and opened them for analysis in the astronomical
image processing software package MaxIm DL.
Looking at the FITS header to determine the time that
the image was taken we searched for the image closest to the time when the SQM readings were done.
Opening that image we would then use an image histogram to determine the value of the sky background.
We then recorded that value in an Excel spreadsheet,
and repeated this process for each image of interest.
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4.1 Archived Data
The sky brightness measurements from the archived data can be examined on a nightly basis as a
function of lunar phase and sky conditions. They can
also provide information on long term trends in local
night sky brightness.
In Figures 1 through 3 we see examples of a dark
sky with a moonless night, a dark sky in which
clouds form during the second half of the night, and a
night during which a bright moon is moving toward
the western horizon, setting shortly before sunrise.
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Of particular interest to IDA, in conjunction with
its public policy lighting ordinance programs is long
term variation in sky brightness background. In Figure 4 we see an example of the use of MOTESS data
to monitor sky brightness above the observatory (located in suburban southwest Tucson) over a period of
several years. Detailed analysis of such time series
data can provide insight into the effects of development and implementations of restrictive lighting policies.
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Figure 3. Bright moon setting.
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Figure 2. A dark night ending in cloud cover.

To collect data with the SQM we took a series of
5 readings, one right after the other, over the course
of about 2 minutes. We would then average these 5
readings to determine our final SQM value. All the
measurements were made in conjunction with the
dedicated telescope observations to correlate the two
in time. In Fort Collins one set of SQM measurements was taken each night, at times ranging from
9:00pm to 12:30am local time. In Tucson we are
primarily considering SQM data taken from one
night. On this night we took a set of SQM measurements once every 5 minutes for about two and a half
hours. This gave us a relatively large range of brightnesses to analyze.

300

Cloud scattering

500

3.3 Light Meter

600

Sky Brightness 11/21/01

600

term

sky

brightness

trends,

16:48

U.T.

Figure 1. MOTESS images reduced during a dark night.
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Data from the dedicated telescopes can be used
to monitor nightly changes and trends in the sky
brightness levels. They can also monitor nightly levels over a longer period of time.
Figure 5 shows the sky brightness levels as a
function of time, over the course of one night observation. In this figure the sky brightness appears fairly
constant until morning twilight. The same data are
expanded in Figure 6 and are indicative of short term
fluctuations in sky brightness; these fluctuations may
be due to artificial light, as well as natural phenomena such as atmospheric particles.
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Figure 8 shows the relationship between the
SQM readings and the brightness level determined
from the telescope images. These data were taken
over the course of several months.
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4.3 Light Meter
Figure 7 shows the relationship between the two
SQMs; SQM A used in Fort Collins, and SQM B
used in Tucson. The two systems are not identical, as
evidenced by the deviation of the slope of the least
squares fit to the data from 1.00; but the correlation
coefficient is high and the data track very closely.
The standard deviation about the mean of 5
nearly simultaneous SQM measurements was about
0.05 mag/arcsec2; thus the error bars in Figure 7 are
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Figure 9. SQM and sky brightness comparison in Tucson.

Figure 9 shows the relationship between the
SQM readings and the brightness levels over the
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course of one night as observed in Tucson. In each
case we have done a linear trend line fit to the data
and the resulting equations are shown in the respective figures.

Tucker, R.A. (2007), “MOTESS: The Moving Object
and Transient Event Search System”. Astron. Journ.
134, 1483-1487.

5. Conclusions
Some astronomical image archives can provide
useful comparative sky brightness data. Low cost
dedicated imaging systems can produce similar sky
brightness data. They also have the advantage of being mobile and positionable at a variety of different
locations.
SQMs provide a low cost, easy to use technique
for monitoring sky brightness that can be calibrated
to sky brightness measurements in digital imagery.
Using an appropriate calibration curve (similar to
those derived in Figures 8 and 9) it would be possible
to convert relative image brightness from other archives to absolute brightness values (in mag/arcsec2).
This could be done by taking SQM readings at the
same time and with the same telescope system, creating an applicable calibration curve that could then be
retroactively applied to the archived data.
The methods we describe here are of value in
developing technical databases to assist IDA in its
policy making efforts. In addition, IDA has education
regarding light pollution as a primary goal. We have
found that using simple data reduction programs and
astronomical imagery can be a powerful tool for providing such educational opportunities.
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